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Scatterings of galactic dark matter (DM) particles with the constituents of celestial bodies could
result in their accumulation within these objects. Nevertheless, the finite temperature of the medium
sets a minimum mass, the evaporation mass, that DM particles must have in order to remain
trapped. DM particles below this mass are very likely to scatter to speeds higher than the escape
velocity, so they would be kicked out of the capturing object and escape. Here, we compute the
DM evaporation mass for all spherical celestial bodies in hydrostatic equilibrium, spanning the
mass range [10−10 − 102] M�, for constant scattering cross sections and s–wave annihilations. We
illustrate the critical importance of the exponential tail of the evaporation rate, which has not
always been appreciated in recent literature, and obtain a robust result: for the geometric value of
the scattering cross section and for interactions with nucleons, at the local galactic position, the
DM evaporation mass for all spherical celestial bodies in hydrostatic equilibrium is approximately
given by Ec/Tχ ∼ 30, where Ec is the escape energy of DM particles at the core of the object
and Tχ is their temperature. In that case, the minimum value of the DM evaporation mass is
obtained for super-Jupiters and brown dwarfs, mevap ' 0.7 GeV. For other values of the scattering
cross section, the DM evaporation mass only varies by a factor smaller than three within the range
10−41 cm2 ≤ σp ≤ 10−31 cm2, where σp is the spin-independent DM-nucleon scattering cross section.
Its dependence on parameters such as the galactic DM density and velocity, or the scattering and
annihilation cross sections is only logarithmic, and details on the density and temperature profiles
of celestial bodies have also a small impact.

I. INTRODUCTION

The possibility of capture of dark matter (DM) particles by celestial bodies has a long history dating back to the
mid 1980s [1–4]. Already in the late 1970s, some of the potential effects of DM annihilations and scatterings on
energy transport within the Sun were realized [5] and then further proposed to alleviate the so-called solar neutrino
problem [6–10]. Nevertheless, these early works did not consider the process of DM capture, but assumed the required
amount of accumulated DM particles. The process of capture of galactic DM particles by the Sun and the Earth was
first studied in Refs. [1–4], which set the ground of further calculations.

The scattering of DM particles in galactic halos with the nuclei (or electrons) of celestial objects could bring those
particles into close orbits and finally result in their gravitational capture within the objects. DM particles would
undergo further scatterings and, except for very small cross sections, thermalize in a short period of time, so that
this process can be approximately considered as instantaneous [11–16]. In addition to the Sun [1–3, 17–22], capture
of DM particles and its potential observational consequences have also been considered in other celestial bodies, such
as the Earth [4, 18, 19, 21, 23, 24], other solar system planets and satellites [19, 25–31], exoplanets [29, 32], brown
dwarfs [32, 33], main-sequence [7, 34–46] and post-main sequence [47–50] stars, and compact objects such as white
dwarfs [51–56] and neutron stars [53, 57–62].

Below a minimum DM mass, scatterings of thermalized DM particles off ambient targets (nuclei or electrons) would
boost them very efficiently to speeds above the escape velocity, so that they would evaporate from the capturing
celestial body. Therefore, only for DM masses above the evaporation mass, effects of the capture of DM particles
could have any impact on the evolution of the objects or could produce any other observable signature (the exception
being the potential signal of evaporated DM particles at low-threshold direct detection experiments [63]). The DM
evaporation mass has been computed at different levels of detail for the case of the Sun [2, 3, 5–7, 10, 19, 21, 64–67],
but has been less studied for other celestial bodies. Some examples, however, are the calculations for the Earth [18,
19, 23, 31], the Moon [31], Mars [30], giant planets [32, 68], brown dwarfs [32, 33], main-sequence stars [33, 69],
horizontal-branch stars [49, 70], and neutron stars [71, 72].

The process of DM evaporation from celestial bodies depends on the temperature of potential scatterers in the
medium, which are assumed to be in thermal equilibrium. Part of the finite thermal energy of nuclei (or electrons)
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would be transferred to DM particles via elastic scatterings, which could then end up with energies above the local
escape energy. Unless further scatterings take place, these DM particles would not be gravitationally bound any more
and thus would escape from the object. Obviously, in the limit of zero temperature, the evaporation rate is zero.

Light thermalized DM particles typically have speeds higher than heavier particles, so they are more likely to end up
with speeds higher than the local escape velocity after scattering off target particles in the medium. The combination
of the DM velocity distribution along with the probability to escape after scattering results in the evaporation rate
having an exponential dependence [2, 3, 70]. The key quantity is the exponent. In the thin regime (long mean free
path), evaporation mostly occurs close to the center of the object,1 and the exponent is Ec/Tχ, the ratio of the escape
energy of DM particles at the center of the object to their temperature (assuming an isothermal distribution). The
smaller the exponent, the larger the number of DM particles close to the escape velocity and the higher the probability
to gain enough energy to escape, and hence, the higher the evaporation rate. It is a well known fact since the early
papers on the topic that, in order to efficiently suppress DM evaporation in the Sun, Ec/Tχ ' 30 [2]. This implies
that the DM evaporation mass is set along the exponential tail of the evaporation rate [2, 3, 6, 21]. For the case
of the Sun, mevap ' 3 GeV [64, 66, 67], whereas for the Earth, mevap ' 12 GeV [18, 19, 23, 31] and for the Moon,
mevap ' 70 GeV [31].2

In this work, we compute the DM evaporation mass for a wide range of celestial bodies, from the smallest objects with
spherical shape that can be in hydrostatic equilibrium (small satellites and dwarf planets), M ' 10−10 M� [74, 75],
to the most massive main-sequence stars, M ' 100 M�. In addition, we also discuss the DM evaporation mass
for post-main-sequence stars, white dwarfs and neutron stars. We consider a range of DM-nucleon (momentum and
velocity independent) scattering cross sections that covers ten decades, 10−41 cm2 ≤ σp ≤ 10−31 cm2, and which runs
over the thin and thick regimes.

Recently, searches of effects of the accretion of sub-GeV DM particles in giant planets and brown dwarfs have been
proposed [32, 68, 76]. The ideas rely on estimates of the DM evaporation mass for those objects as low as a few
MeV, based on their relatively large size and cool temperatures. Likewise, a low DM evaporation mass for the Earth
and Mars has also been claimed [30]. Here, we show that these calculations, which assume constant scattering cross
sections, neglect the crucial exponential tail of the evaporation rate and underestimate the DM evaporation mass by
at least one order of magnitude, and we argue that the suggested implications for DM masses below the correctly
evaluated (properly accounting for the exponential tail) DM evaporation mass do not apply.

This paper is organized as follows. In Section II, we introduce the basic ingredients required for the calculation
of the DM evaporation mass: the capture, annihilation and evaporation rates. Then, we describe in some detail the
process of DM evaporation in a generic celestial body and explain the importance of the exponential tails in the
determination of the DM evaporation mass. In Section III, we describe the main average properties, relevant for the
calculation of the DM evaporation mass, of all celestial bodies we consider in this work, spanning twelve orders of
magnitude in mass, 10−10 M� ≤M ≤ 102 M�. The main results of this work are presented in Section IV, where we
show the value of the DM evaporation mass for all these objects and describe its dependence on several parameters.
Finally, in Section V, we summarize our results and draw our conclusions.

II. BASICS OF DARK MATTER EVAPORATION

DM particles in a galactic halo could scatter off the material of celestial bodies and lose enough energy such that
their velocity ends up smaller than the escape velocity of the object, thus becoming gravitationally captured within.
The evolution of the total number of DM particles accumulated in a celestial body, Nχ(t), is given by

dNχ(t)

dt
= C − AN2

χ(t)− E Nχ(t) , (2.1)

where C, A and E are the DM capture, annihilation and evaporation rates, which throughout this work, are taken to
be constant in time and are defined in the next subsections. In the above equation, canonical two-body annihilation
processes are assumed and DM self-interactions are not considered. The solution reads [2, 21]

Nχ(t) = C τeq
tanh(κ t/τeq)

κ+ 1
2 E τeq tanh(κ t/τeq)

, (2.2)

1 In the thick regime (short mean free path), DM particles approach local thermodynamic equilibrium and evaporation occurs mostly in
a shell closer to the surface of the object [70], where the temperature, but also the escape velocity, are lower. In any case, qualitatively,
the discussion is analogous.

2 Note that Ref. [31] quotes mevap ' 40 GeV. Nevertheless, to obtain that DM evaporation mass for the Moon, the core temperature was
set to Tc = 700 K, instead of Tc = 1700 K, as written in the text. For the latter core temperature, mevap ' 70 GeV. These are the
values we use as realistic model references. Thermal models of the interior of the Moon predict a core temperature above 1000 K, but
it could reach a value of up to 2000 K [73].
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where τeq = 1/
√
AC is the equilibration time scale in the absence of evaporation and κ =

√
1 + (E τeq/2)2. Equilibrium

is reached when κ t� τeq. Before this occurs, Nχ ' C t and, as discussed below, the DM evaporation mass grows with
time. Once equilibrium is attained, if evaporation dominates (κ � 1), Nχ ' C/E , and the number of accumulated
DM particles decreases exponentially with decreasing mass (see below). If evaporation is not efficient, κ ' 1 (yet,
t � τeq), the number of DM particles is given by Nχ ' C τeq =

√
C/A. Bearing this in mind, the DM evaporation

mass, mevap, can be defined as [64] (see Refs. [5, 6, 21, 66, 70] for other definitions)∣∣∣∣Nχ(t;mevap)− C(mevap)

E(mevap)

∣∣∣∣ ≡ 0.1Nχ(t;mevap) , (2.3)

which is the mass for which the number of captured DM particles reduces to the solution in the limit of evaporation
dominance, C/E , at the 10% level. When equilibrium is reached, this condition becomes time independent and
simplifies to E(mevap) τeq(mevap) = 1/

√
0.11 [66]. The calculation of this minimum mass of DM particles that can get

efficiently trapped in celestial bodies depends on the properties of the capturing object, and this is the main goal of
this work.

II.1. Main inputs

In order to set the ground for the discussion about the evaporation process and the minimum DM mass that can be
efficiently captured by different celestial bodies, here we define the three relevant rates introduced above in terms of
the DM properties (mass and scattering cross section off nuclei) in the vicinity of the celestial objects (which depend
on the local DM density and velocity distribution), the properties of the capturing body (mass and size, density and
temperature profiles, and composition) and the kinematics of elastic DM-nuclei scatterings. The general features of
the DM capture process by non-degenerate non-relativistic targets are well known in the literature. Here, we only
sketch the main ingredients and refer the reader to other works for further details [1–4, 24, 64–67, 70, 77–84].

We consider a celestial body of mass M and radius R, composed of non-degenerate non-relativistic elements with
mass mi, number density ni(r) which are assumed to be in local thermodynamic equilibrium described by a Maxwell-
Boltzmann distribution of temperature T (r). The total number of targets i is Ni = (Xi/Ai)M , where Xi and Ai are
the mass fraction and the mass of element i.

We consider the DM population in the vicinity of this object with massmχ, density ρχ and with velocity distribution
fvcb(uχ), as seen by an observer moving at speed vcb with respect to the galactic rest frame,

fvcb(uχ) =
1

2

∫ 1

−1

fgal

(√
u2
χ + v2

cb + 2uχ vcb cos θ
)
d cos θ =

√
3

2π

uχ
vcb vd

(
e
− 3 (uχ−vcb)2

2 v2
d − e

− 3 (uχ+vcb)2

2 v2
d

)
, (2.4)

where uχ is the DM velocity at infinity in the celestial body’s rest frame, cos θ is the angle between the DM and the
object velocities and fgal(ugal) is the DM velocity distribution in the galactic rest frame, which is usually assumed to
be a Maxwell-Boltzmann distribution (the so-called standard halo model) with dispersion velocity vd =

√
3/2 vcb at

a given position in the halo. Throughout this paper, we use vd = 270 km/s and ρχ = 0.4 GeV/cm3.
These DM particles may eventually interact with the thermal distribution of the object’s targets, with differential

scattering cross section dσi/dv. In this work, we focus on constant (i.e., momentum and velocity independent) total
scattering cross sections, which can be written in terms of the DM-proton scattering cross section (or the DM-neutron
scattering cross section, that we assume to be equal), for spin-independent (SI) or spin-dependent (SD) interactions,
at zero momentum transfer, as

σSI
i =

(
µ̃Ai
µ̃p

)2

A2
i σ

SI
p , (2.5)

σSD
i =

(
µ̃Ai
µ̃p

)2
4 (Ji + 1)

3 Ji
|〈Sp,i〉+ 〈Sn,i〉|2 σSD

p , (2.6)

where µ̃Ai and µ̃p are the reduced masses of the DM-nucleus i and DM-proton systems, Ji is total angular momentum
of nucleus i, σSI,SD

p is the SI/SD DM-proton scattering cross section, and 〈Sp,i〉 and 〈Sn,i〉 are the expectation values
of the spins of protons and neutrons averaged over all nucleons [85–90]. Multiple mediators could exist in some models
that couple DM to the visible sector. As long as the total scattering cross section remains (approximately) independent
of Mandelstam variables in the relevant momentum transfer regime, the discussion presented below applies.

The differential rate at which a DM particle with velocity w scatters off a target i with velocity u and relative angle
θχ, in the laboratory frame, to a final velocity v is given by [3]

R±i (w → v) =

∫
ni(r)

dσi
dv
|w − u| fi(u, r)d3u =

2√
π

ni(r)

u3
i (r)

∫ ∞
0

duu2

∫ 1

−1

d cos θχ
dσi
dv
|w − u| e−u

2/u2
i (r) . (2.7)
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The superindex ± indicates v ≷ w, fi(u, r) is the velocity distribution of the target particles i (assumed to be
Maxwell-Boltzmann), with density ni(r) and temperature T (r), and ui(r) ≡

√
2T (r)/mi is the most probable speed

of the target particles at position r. The relative velocity between the DM and the target particles is given by
|w − u| =

√
w2 + u2 − 2w u cos θχ, where w is related to uχ by w2(r) = u2

χ + v2
e(r), with ve(r) the escape velocity

at a radial distance r from the center of the object. Analytical expressions for these rates when the nuclear form
factor is not included or when the targets temperature is neglected (for the capture process, i.e., for R−(w → v))
were obtained long ago [3, 4].

II.2. DM capture by celestial bodies

With all the above ingredients, the capture rate of DM particles by celestial bodies can be generically written
as [4, 67]

C =
∑
i

∫ R

0

scap(r) 4π r2 dr
∫ ∞

0

duχ
(
ρχ
mχ

)
fvcb(uχ)

uχ
w(r)

∫ ve(r)

0

R−i (w → v) dv , (2.8)

where the sum runs over all possible targets. We have also included the suppression factor scap(r), which ignores
multiple collisions, but allows for a smooth transition between the optically thin (small cross sections) and optically
thick regimes (large cross sections) [67]. Not only R−i (w → v), but the total capture rate per unit volume can also be
analytically computed when either the targets temperature is neglected or at finite temperature without including a
non-trivial nuclear form factor [4], assuming scap(r) = 1.

Thermal effects have a small impact on capture of DM particles by the nuclei of celestial objects (i.e., mχv
2
e/2� T ),

although they would be more relevant in the interior of the smallest objects discussed in this work. Moreover, effects
from the lack of coherence are only important when the inverse size of the target is smaller than the DM escape
energy in the galaxy and for heavy DM particles.3 Therefore, for the illustrative purposes of this section, we consider
the zero-temperature limit and do not include the nuclear form factor. In this limit, the capture rate in the optically
thin regime (scap(r) = 1) reads [4]

Cweak =

(
ρχ
mχ

)
〈v〉0

∑
i

Ni σi

〈
φ̂

〈φ̂〉i

(
1− 1− e−B2

i

B2
i

)
ξη(Bi)

〉
i

(
3

2

v2
e(R)

v2
d

〈φ̂〉i
)
, (2.9)

where 〈v〉0 =
√

8/(3π) vd is the average speed in the galactic rest frame, which depends on the position in the halo,
and

B2
i (r) =

3

2

v2
e(r)

v2
d

µi
µ2
−,i

; φ̂(r) =
v2
e(r)

v2
e(R)

; 〈φ̂〉i =

∫ R
0
φ̂(r)ni(r) 4π r2 dr

Ni
, (2.10)

with µi = mχ/mi and µ−,i = (µi−1)/2. The term ξη(Bi) represents a suppression factor that accounts for the motion
of the celestial body with respect to the halo frame (ξ0(Bi) = 1), with η2 = 3 v2

cb/(2 v
2
d) [4]. This is a consequence

of a higher DM kinetic energy in the object’s frame. For η = 1, ξ1(Bi) monotonically takes values in the interval
(0.37 − 0.75), with the extremes reached for B2

i (r) � 1 and B2
i (r) � 1, respectively. Note also that ξη(Bi) includes

a dependence on Bi, but it is a ratio of two sums over all elements, so ξη does not itself run over i, although it does
depend on the position within the celestial body.

In the thick regime (large cross section), the geometric limit for the capture rate is usually considered [66, 78,
91]. This is an upper limit obtained from purely geometrical arguments and assumes that both, the probability of
interaction and the probability of DM capture are one. This is, however, a non-physical limit, as even if the interaction
probability is one, the probability of DM particles being captured (ending up with speeds below the escape velocity)
is dictated by kinematics and is always smaller than one. This is corrected by the so-called saturation limit [67]. In
the limit of high escape velocities, ve > vd, the geometric limit only overestimates the saturation value by O(10%)
(for masses around the DM evaporation mass), in the case of the Sun, so it represents a reasonable approximation.4
Nevertheless, when ve < vd, the geometric limit can grossly overestimate the maximum value for the capture rate
(except for DM masses closely matching the targets mass). The overestimation scales as v4

d/v
4
e and therefore can be of

3 For instance, for the Earth they are negligible for oxygen and only modest for iron, at mass resonance, whereas for the Sun and
mχ ∼ 15 GeV, they suppress capture by iron, but not significantly by oxygen or helium [4]. Larger celestial bodies have higher escape
velocities, so the suppression would affect more to lighter elements. Nevertheless, in this work we are interested in the minimum mass
of DM particles that can be captured, for which these effects are less important than for higher masses. In any case, they are included
below in our numerical computations and just neglected in this section for illustrative purposes.

4 In the limit ve →∞, the geometric and saturation limits coincide, as could be expected.
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several orders of magnitude, being more important for smaller objects.5 Although, the impact on the DM evaporation
mass is generically mild, we use the more accurate saturation limit in what follows. In analogy to the capture rate
for weak cross sections, the saturation limit can be written as

Csat =
π R2∑
iNi σi

(
ρχ
mχ

)
〈v〉0

[∑
i

Ni σi

(
1− 1− e−B2

i (R)

B2
i (R)

)]
ξ1(Bi(R))

(
3

2

v2
e(R)

v2
d

)
. (2.11)

In this section, for the sake of the discussion we consider this limit with a single element.

II.3. DM annihilations in celestial bodies

After DM particles get captured, further scatterings with the target elements, which are assumed to be in local
thermodynamic equilibrium, would approximately thermalize them at a temperature Tχ(r) and attain a velocity
distribution that can be approximated as Maxwell-Boltzmann.6 In the case of weak cross sections (optically thin
regime), the DM radial distribution is approximately isothermal [2, 6, 7],

nχ,iso(r, t) = Nχ(t)
e−mχφ(r)/Tχ∫ R

0
e−mχφ(r)/Tχ 4πr2 dr

, (2.12)

where φ(r) =
∫ r

0
GM(r′)/r′

2 dr′, with G the gravitational constant. For all DM masses, the DM temperature is a
fraction of the central temperature of the object, being higher for heavier DM particles, which are more centrally
concentrated. We compute the DM temperature, Tχ, following Ref. [66]. In the case of large cross sections (opti-
cally thick regime), DM particles would thermalize locally with the medium and thus, Tχ(r) = T (r), with a radial
distribution that can be approximated as [10, 77]

nχ,LTE(r, t) = nχ,LTE,0(t)

(
T (r)

T (0)

)3/2

exp

(
−
∫ r

0

α(r′)dT (r′,t)
dr′ +mχ

dφ(r′)
dr′

T (r′)
dr′
)
. (2.13)

Here, α is the thermal diffusivity [70, 77] and nχ,LTE,0(t) is set by the normalization
∫ R

0
nχ,LTE(r) 4πr2 dr = Nχ(t).

The transition between the thin and thick regimes can be described in terms of the Knudsen number, K, which is
defined as the ratio of the mean free path to the scale radius. Here, we follow Refs. [46, 66, 78] to interpolate between
the two regimes, using K0 = 0.4 as the pivot point [77] for all cases. Note, however, that K depends on the properties
of the capturing body.

The radial distribution of thermalized DM particles clusters around the center of the capturing body, being more
centrally concentrated in the case of heavier DM particles. Indeed, for all celestial bodies considered here, for the
DM evaporation mass (i.e., for the lightest DM particles that can get efficiently captured), the scale radius of the
distribution is rs . 0.2R. For larger objects, like stars, rs . 0.1R. Therefore, for the case of s–wave DM annihilations,
which is considered throughout this work, the annihilation rate is given by

A = 〈σAvχχ〉
∫ R

0
n2
χ(r, t) 4π r2 dr(∫ R

0
nχ(r, t) 4π r2 dr

)2 '
〈σAvχχ〉
Vs

, (2.14)

where 〈σAvχχ〉 is the velocity-averaged DM annihilation cross section times the relative velocity of two DM particles,
and throughout this paper we use the canonical value 〈σAvχχ〉 = 3× 10−26 cm3/s as our default value. In the second
equality we have simply substituted the effective volume of integration by the volume at the scale radius, Vs = 4/3π r3

s ,
where most of the DM particles are concentrated. One can think of a region of approximately constant density and
temperature (those at the core), which is a reasonable approximation within this small volume. In this section, we
take rs = 0.1R for illustrative purposes, although a more precise value affects our estimates in a negligible way.

5 This factor has been incorrectly neglected in some recent works that considered the maximum value of the capture rate [32, 68, 92, 93].
Therefore, some of the presented results must be re-scaled, changing significantly the conclusions in some cases.

6 For not too small cross sections, the thermalization time is typically much shorter than any relevant scale in this problem [11–16]
(otherwise, the entire calculation would not be valid), such that the instantaneous approximation is adequate. Note also that the
assumptions of a uniform and locally isotropic Maxwell-Boltzmann distribution for DM particles do not exactly hold in a realistic
situation [3, 12, 65, 94], although it is a reasonable approximation. Moreover, we assume the distribution to be locally truncated at the
escape velocity, ve(r) [77].
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II.4. DM evaporation off celestial bodies

In addition to the disappearance of captured DM particles due to annihilations, scatterings off targets of the medium
could boost these particles to speeds above the local escape velocity, ve(r), such that they become gravitationally
unbound. This process is referred to as DM evaporation, which is a finite-temperature process that depends on the
temperature of the thermal bath in the celestial body that can transfer kinetic energy to DM particles. In the limit
of zero temperature, there is no DM evaporation, as target particles cannot impinge any extra energy to thermalized
DM particles. At finite temperature, energy conservation results in a higher probability for light DM particles to
end up with higher final speeds, after scattering off thermal targets. Thus, for small DM masses, this process is very
efficient and sets a minimum mass of DM particles that can remain trapped in a celestial body. Lighter DM particles
would get kicked out as they get captured. The evaporation rate is given by [3]

E =
∑
i

∫ R

0

sevap(r)nχ(r, t) 4π r2 dr
∫ ve(r)

0

fχ(w, r) 4π w2 dw
∫ ∞
ve(r)

R+
i (w → v)dv . (2.15)

where fχ(w, r) is the thermal velocity distribution of DM particles and sevap(r) is a suppression factor that accounts
for the fraction of DM particles that, even with a speed higher than the escape velocity, would actually escape
due to further scatterings on their way out of the celestial body [70]. We follow Refs. [66, 91] to implement this
suppression factor. As mentioned above, in the thin regime (long mean free path, sevap ∼ 1), the DM distribution
can be approximated as isothermal, with a temperature close to the central temperature of the celestial body. Thus,
evaporation takes places mainly in a small region around the core. For large cross sections (thick regime, sevap � 1)
the shell that contributes most to the evaporation rate moves towards the surface of the object, although it never
reaches the last scattering surface (i.e., that for which the optical depth is equal to one) [70].

In the limit of the thin regime, sevap(r) = 1, an analytical solution for the evaporation rate per unit volume exists [3].
For mχ = mi, in the limit Ee = mχ v

2
e/2� T , the solution is rather simple. Given that the DM evaporation mass is

typically of the same order of the targets mass and the DM escape energy is larger than the thermal energy, we can
consider this solution to illustrate the main features of the evaporation rate, which can be approximated as [2, 3]

E '
∑
i

[
1

Vs

2√
π

(
2Tχ
mχ

)1/2 (
Ec
Tχ

)
e−Ec/Tχ

]
Ni(r0.95)σi , (2.16)

where Ec = mχv
2
e(r = 0)/2 is the escape energy of DM particles at the core of the celestial body and Ni(r0.95)

is the number of targets i within a radius r0.95 such that T (r0.95) = 0.95Tχ, which typically represents a small
fraction of the total mass of the object. For the sake of illustration, in the next subsection we simply consider
Ni(r0.95) = 0.1M/mi, which is approximately correct for the Sun [3]. The chosen value affects very little the
calculation of the DM evaporation mass, because the evaporation rate depends exponentially on the DM mass.
Moreover, note that Eq. (2.16) is obtained for µi = 1 (mχ = mi), but the evaporation rate depends very weakly on
this ratio, except if mi � mχ [3]. Yet, in general, evaporation becomes efficient for mχ not very different from mi.

For large cross sections (thick regime), an analogous approximate expression for the evaporation rate can be writ-
ten [70], including a suppression factor which accounts for the short mean free path of kicked DM particles. The
expression, though, depends more critically on the temperature and density profiles of the celestial body than in the
thin regime, and we do not explicitly consider it in this section, although we do compute it in detail for our numerical
results. In any case, the discussion is qualitatively analogous.

II.5. DM evaporation mass: a tale of two tails

With all the relevant quantities briefly discussed and the simple approximations established, we turn to the esti-
mation of the DM evaporation mass for a generic object. This is well known for the Sun and we simply restate and
explain the results in the context of a generic celestial body with mass M , radius R and core temperature Tc, whose
properties remain approximately constant in time. We stress that the inputs used in this section are just presented
for illustrative purposes, but we use the complete expressions to obtain our numerical results in Section IV.

We consider the saturation value for the capture rate, Eq. (2.11), and the annihilation and evaporation rates given
in Eqs. (2.14) and (2.16), respectively. Before equilibration (t � τeq), the DM evaporation mass grows with time
(E t ' ln(11)) up to its maximum value at equilibrium. At this point, the DM evaporation mass is independent of
time (assuming all the properties of the capturing object remain the same) and, from Eq. (2.3), can be defined as [66]

E(mevap) τeq(mevap) ' 1√
0.11

. (2.17)
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For 3 v2
e µi � 2 v2

d µ
2
−,i (B2

i � 1), representative of stars like the Sun (except for heavy DM, which is not the focus of
this paper), and for the geometric cross section,

∑
Ni σ

geom
i = π R2, which approximately sets the maximum capture

rate (the saturation value), the equilibration time approximately scales as (using rs = 0.1R)

τeq ' 7×1012 s

(
M�
M

)1/2 (
R

R�

) (
0.4 GeV/cm3

ρχ

)1/2 ( mχ

GeV

)1/2
(

vd
270 km/s

)1/2 (
3× 10−26 cm3/s
〈σAvχχ〉

)1/2

. (2.18)

The evaporation rate approximately scales as (using σgeomN(r0.95) = 0.1π R2)

E ' 0.06 s−1

(
R�
R

) (
Tχ

1.5× 107 K

)1/2 (GeV
mχ

)1/2 (
Ec
Tχ

)
e−Ec/Tχ , (2.19)

where we have kept the dependence on Ec/Tχ explicit. For celestial bodies like the Sun (and in general for other
objects), the prefactor is very large, so it is obvious that Ec/Tχ � 1 in order to suppress the evaporation rate at the
level of τ−1

eq . Putting these two quantities together, the equation for the DM evaporation mass reads

(
Ec
Tχ

)
e−Ec/Tχ ' 7×10−12

(
M

M�

)1/2(
1.5× 107 K

Tχ

)1/2
(

ρχ

0.4 GeV/cm3

)1/2(
270 km/s

vd

)1/2( 〈σAvχχ〉
3× 10−26 cm3/s

)1/2

.

(2.20)
For the representative (solar) values used in the above equation, the solution is Ec/Tχ ' 29, which results in a DM
evaporation mass for the Sun, mevap ' 3.2 GeV, using v2

e(r = 0) = 5 v2
e(r = R) and Tχ = 0.9Tc. This is known in the

literature for over three decades [2, 3, 6, 21]. Already the authors of Ref. [2] explicitly wrote that the relevant value
to compute the DM evaporation mass for the Sun is Ec/Tχ ' 30. Furthermore, note that for smaller scattering cross
sections, the right-hand side scales as σ−1/2, so the DM evaporation mass is slightly smaller. For larger cross sections,
there is an extra (exponential) suppression term in the evaporation rate (left-hand side in the above equation) and
the DM evaporation mass is also smaller, and more pronouncedly than for smaller cross sections. Notice also that
the details of the density and temperature profiles are embedded in v2

e(0) and Tχ, which cannot vary much given the
mass, radius and core temperature of the celestial body, and thus, affect little the value of the DM evaporation mass.
In particular, variations on v2

e(0) are expected to be . 10%, which also applies to the smaller objects we discuss next.
In the opposite limit, representative of the Earth (and other solar system planets), B2

i � 1. Therefore, in addition
to the v2

e/v
2
d suppression, there is an extra suppression factor in the capture rate, B2

i /2 = (3 v2
e µi)/(4 v

2
d µ

2
−,i), except

in a very narrow mass range, where the mass of the targets and of the DM particles closely match (in that case, the
results for Bi � 1 are reproduced). This implies a longer equilibration time and therefore, a higher DM evaporation
mass. In this limit, the equations for the equilibration time, the evaporation rate and the DM evaporation mass read

τeq ' 1.5× 1015 s

(
µ2
−

3µ

)1/2(
M⊕
M

)(
R

R⊕

)3/2

(2.21)

×

(
0.4 GeV/cm3

ρχ

)1/2 ( mχ

GeV

)1/2
(

vd
270 km/s

)3/2(
3× 10−26 cm3/s
〈σAvχχ〉

)1/2

,

E ' 0.1 s−1

(
R⊕
R

)(
Tχ

6000 K

)1/2 ( mχ

GeV

)−1/2
(
Ec
Tχ

)
e−Ec/Tχ , (2.22)

(
Ec
Tχ

)
e−Ec/Tχ ' 2× 10−14

(
3µ

µ2
−

)1/2(
M

M⊕

)(
R⊕
R

)1/2(
6000 K
Tχ

)1/2

(2.23)

×

(
ρχ

0.4 GeV/cm3

)1/2(
270 km/s

vd

)3/2( 〈σAvχχ〉
3× 10−26 cm3/s

)1/2

,

which results in Ec/Tχ ' 34 for the Earth, and in a DM evaporation mass mevap ' 13 GeV, where we have used
v2
e(r = 0) = 1.9 v2

e(r = R), Tχ = Tc and µ = 1/3. Note that Ec/Tχ is similar to the value obtained in the limit
B2
i � 1 and mevap is very close to the value quoted in Ref. [23]. Indeed, the fact that the DM evaporation mass is

approximately given by Ec/Tχ ∼ 30 is a robust result that applies to all round objects in hydrostatic equilibrium. The
same considerations regarding the dependence on the scattering cross section can be drawn for B2

i � 1. In this limit,
however, the equilibration time is longer. Yet, this is approximately the shortest possible equilibration time (we are
using a capture rate close to maximum), so cross sections smaller than the geometric value could result in equilibration
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Figure 1: The two tails of the evaporation rate . The probability for a DM particle with speed w to scatter off a
target in the medium, with temperature T , and gain enough energy to escape from the gravitational potential of the
capturing object, Ω+

ve(w) (solid lines), and the velocity distribution of DM particles, with temperature Tχ = 0.9T ,
fχ(w) (dashed lines), both in arbitrary units. We show these distributions for Ec/Tχ = 10 (blue lines) and Ec/Tχ = 30
(green lines), using µ = 1.

times longer than the age of the object. In those cases, the approximate equation to be used is E t ' ln(11) and the
DM evaporation mass grows with time. Indeed, it is unlikely the smallest objects we consider reach equilibrium,
unless the DM mass closely matches the mass of some of the targets or they are close to the center of their host halo
(high ρχ and low vd).

All in all, the exponential dependence of the evaporation rate, which sets the DM evaporation mass along the
exponential tail, is really a tale of two tails [21]. On one hand, a DM particle in the high-velocity tail of its distribution
could scatter off a target with typical thermal speed, and be promoted to a speed higher than the escape velocity. On
the other hand, a DM particle with typical thermal speed may be kicked off the celestial object due to the scattering
with a target in the high-velocity tail of its distribution. The first process is the most important one [21].

One way to visualize the exponential suppression of the evaporation rate is by plotting the thermal velocity distri-
bution of DM particles (with temperature Tχ), which scales as ∼ (Ee/Tχ)

3/2
(w/ve)

2 exp[−(Ee/Tχ) (w/ve)
2], and the

probability for a DM particle with speed w to interact with a target particle (with a thermal distribution of tempera-
ture T (r)) and gain enough energy to escape. The latter probability is proportional to Ω+

ve(w) =
∫∞
ve
R+(w → v) dv [3],

and approximately scales as ∼ exp[−(Ee/T )(1−(w/ve)
2)]. We evaluate Ee at the core, Ec, because in the thin regime

DM evaporation mostly occurs close to the center of the celestial body. In Fig. 1 we show both distributions as a
function of w/ve, for two values of Ec/Tχ. As can be clearly seen, the smaller Ec/Tχ, the larger the overlap of the two
distributions, or in other words, the higher the evaporation rate. For small Ec/Tχ, more DM particles have speeds
close to the escape velocity (which after evaporation get repopulated by the thermalization process), so they need less
energy to evaporate. Moreover, the smaller Ec/Tχ, the higher the probability for DM particles to end up with speeds
higher than the escape velocity. Therefore, the overall probability for this to happen is higher, and in relative terms,
the ratio of probabilities for two values of Ec/Tχ approximately scales as the exponential of the difference between
the two values of Ec/Tχ. These two effects go in the same direction and result in a huge evaporation rate when a
significant overlap occurs. As a consequence, in order to suppress sufficiently the evaporation rate to maintain an
equilibrium population of DM particles, the two distributions should only overlap far in their exponential tails and
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Ec/Tχ ∼ 30 is generically required. We stress that this is a robust result, which not only applies to the Sun, but
to all round celestial bodies in hydrostatic equilibrium, and provides the correct result, for constant scattering cross
sections at the geometric value, within . 30% accuracy.

Finally, note that some recent works, which also assumed constant scattering cross sections, did not follow these
arguments and incorrectly estimated the DM evaporation mass [30, 32, 68, 76, 95]. In Ref. [30], the DM evaporation
mass was defined as the DM mass for which the thermal radius (obtained from the virial theorem) is equal to the
radius of the capturing body, which is similar to setting Ee/Tχ ∼ 1. This implies a DM evaporation mass for the Earth
of ∼ 100 MeV, which is not correct. For larger masses with smaller thermal radius than the radius of the object, the
evaporation rate is already very high and, as explained above, those DM particles would also evaporate. Under the
very same assumptions, the correct value of the DM evaporation mass for the Earth is mevap ∼ 12 GeV [18, 19, 23, 31].
On the other hand, Ref. [32] proposes the observation of exoplanets and brown dwarfs to search for effects of captured
DM particles with sub-GeV mass. Nevertheless, these authors set the condition for DM particles to remain trapped to
Ee/Tχ > 1,7 neglecting the crucial exponential tail of the evaporation rate. Again, this implies a gross underestimation
of the DM evaporation mass and explains why Ref. [32] (and also Refs. [68, 76]) incorrectly claimed DM evaporation
masses well in the sub-GeV regime. A DM evaporation mass for the Earth of ∼ 100 MeV was also incorrectly estimated,
as well as for other planets and brown dwarfs, whose DM evaporation mass was also greatly underestimated to be as
low as mevap ∼ 4.5 MeV.8 A more accurate estimation for the most massive brown dwarfs was mevap ∼ O(1) GeV [33].
Below, this is explicitly discussed in more detail and contrasted with our results.

II.6. DM evaporation off compact bodies: white dwarfs and neutron stars

As we illustrate below, for white dwarfs and neutron stars, the DM evaporation mass is much smaller than the
targets masses, µi � 1. Therefore, the approximation we considered above to estimate the evaporation rate (i.e.,
Ee/T � 1) is not appropriate in these cases, as for these objects, µiEe/T � 1. In addition, so far in this section, we
have only considered the case of non-degenerate targets. This is valid for all cases discussed in this paper except for
neutron stars (and for brown and white dwarfs if the targets are electrons, which we do not consider in this paper).
In the case of neutron stars, the targets we study are degenerate neutrons and the calculation of the capture and
evaporation rates of DM particles (and also of the DM thermalization time [11, 16]) needs to be modified to properly
include the effect of Pauli blocking. This is approximately accounted for by adding a correction factor, which in the
case of the evaporation rate is ζi ' min{2Tc/pF,i , 1} [71], where pF,i is the Fermi momentum of target particles i.
As will become obvious in the next paragraphs, for the case of interactions with nucleons, the correction factor in the
capture rate is not relevant in the discussion of the DM evaporation mass.

Including the impact of Pauli blocking and taking the limit µiEe/T � 1 (with Ee/T � 1), the evaporation rate
for equal temperatures (Tc = Tχ), using Ref. [3], can be written as

E '
∑
i

4

3

(µi
π

)1/2
(
Ec
Tχ

)1/2

ζi

[
1

Vs

2√
π

(
2Tχ
mχ

)1/2 (
Ec
Tχ

)
e−Ec/Tχ

]
Ni(rx)σi . (2.24)

For non-relativistic and degenerate target particles, such as neutrons in neutron stars, the Fermi momentum is
pF '

√
2mi µF, with µF ' 350 MeV [71]. For relativistic and fully degenerate target particles, such as electrons in

white dwarfs and in neutron stars, pF ' µF. As done above for other celestial bodies, for the following estimates we
take

∑
iNi(rx)σi = 0.1π R2, although the DM evaporation mass is very little sensitive to its precise value.

Now, we establish a distinction between white dwarfs and neutron stars. For the former, we just proceed as in the
preceding subsection, but using Eq. (2.24) for the DM evaporation rate. For the latter, however, mevap . 100 keV, so
the annihilation cross section cannot be taken as the canonical value (otherwise, the DM contribution would overclose
the Universe!). Thus, for neutron stars, we assume a very small annihilation cross section, so that equilibration between
capture and annihilation does not take place. Using Eq. (2.3) with A = 0, the (time-dependent) DM evaporation
mass is defined by E(mevap) tNS = ln(11), where tNS is the age of the neutron star. This is effectively equivalent to
asymmetric DM scenarios.

Therefore, for white dwarfs, and considering only interactions with nuclei, as done throughout this work (i.e.,

7 Actually, the authors of Ref. [32] use the condition 3T (r)/2 < GM(r)mχ/(2 r), which, as argued above, is not correct. Additionally,
the right-hand side is claimed to be the gravitational potential at position r, but notice that this not correct. Moreover, it is not clear
how the minimum bounded DM masses which are quoted in that paper were obtained.

8 In addition to neglecting the exponential tail of the evaporation rate, Refs. [32, 76] also consider core temperatures for brown dwarfs
which are about a factor of six smaller than what we do (see below). Overall, this amounts to about a factor of ∼ 200 underestimation
of the DM evaporation mass with respect to our result.
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ζi = 1), the DM evaporation mass can be obtained by solving

(
Ec
Tχ

)3/2

e−Ec/Tχ ' 6×10−11

(
M

M�

)1/2(
4× 105 K

Tχ

)1/2
(

ρχ

0.4 GeV/cm3

)1/2(
270 km/s

vd

)1/2( 〈σAvχχ〉
3× 10−26 cm3/s

)1/2

.

(2.25)
For a white dwarf with M = M� (R ' 0.9 R⊕) and Tc = Tχ = 4× 105 K, this results in Ec/Tχ ' 29, which is in the
same ballpark as the values for other objects. In this case, the DM evaporation mass is mevap ' 1.0 MeV, where we
have used v2

e(r = 0) = 3.9 v2
e(r = R).

In the case of neutron stars, the equation for the DM evaporation mass, E(mevap) tNS = ln(11), can be written as

(
Ec
Tχ

)3/2

e−Ec/Tχ ' 3× 10−12
( pF

0.8 GeV

) (105 K
Tχ

)3/2(
R

11.5 km

)(
4.5 Gyr
tNS

)
. (2.26)

For a neutron star with M = 1 M�, R = 11.5 km, Tc = Tχ = 105 K and tNS = 4.5 Gyr, this results in Ec/Tχ ' 32,
again very similar to the values for other objects. Using v2

e(r = 0) = 1.5 v2
e(r = R), the DM evaporation mass is

mevap ' 1.4 keV.
Thus, the DM evaporation mass for white dwarfs and neutron stars is also approximately given by Ec/Tχ ∼ 30.

We stress that this is a general and robust result which applies to all the objects we consider in this work, that
is, to all spherical celestial bodies in hydrostatic equilibrium. In any case, these are approximate estimates, which
allow us, nonetheless, to obtain the DM evaporation mass with a precision of a few tens of percent. We obtain
our results in Section IV following Ref. [71] for the calculation of the evaporation rate in neutron stars for DM
scattering off non-relativistic degenerate neutrons, and we follow the discussion above [66] for all other objects.
Although for the calculation of DM evaporation mass in neutron stars a more accurate treatment must use relativistic
kinematics [72, 96], the required corrections do not significantly change the results obtained here.

III. MAIN PROPERTIES OF CELESTIAL BODIES

In this section, we describe the average properties of celestial round bodies in hydrostatic equilibrium, spanning a
wide mass range, [10−10−102] M�. In order to determine the DM evaporation mass, the required main characteristics
of the capturing objects are the mass M , radius R, and their density ρ(r) and temperature T (r) profiles. We stress
that, for a given object’s mass, radius and core temperature, the DM evaporation mass depends little on the shape of
the density (mainly via the ratio of the gravitational potential at the center and at surface) or temperature profiles.
The kinematics of elastic scattering depends on the mass of the DM particles as well as that of the targets, so another
important factor is the composition of the material. For the sake of simplifying the discussion, we include hydrogen
(in terms of the XH ≡ X mass fraction), helium (XHe ≡ Y mass fraction) and as representative of heavier elements
we consider carbon, oxygen, water, silicate perovskite (MgSiO3) and iron (the mass fraction of these heavier elements
is generically denoted by Z).

Given that some generic features of celestial bodies can be approximately described in terms of polytropes, we first
briefly introduce the properties of objects with this kind of equation of state. We shall later use them as ballpark
models for some cases. Next, we provide an overview of the general properties of planetary objects, brown dwarfs,
main-sequence stars, post-main-sequence evolutionary phases of stars, white dwarfs and neutron stars. The process
of DM capture is assumed not to modify their properties in a significant way, so that we can still use results from
standard modeling without including DM effects.

Throughout this work, we consider the mass as the single variable that determines the rest of the properties of
celestial bodies, in an average way. We provide parameterizations for the radius, core temperature, density and
temperature profiles and composition, as a function of the mass of the object. All of them are based on actual data
and modeling. We just impose continuity at the transitions from one mass range to another.

The mass–radius and mass–core temperature relations reported in this section are shown in Figs. 2 and 3, respec-
tively. The escape velocity at surface is shown as a function of the mass of celestial bodies in Fig. 4. For those objects
located far enough from the center of the host halo such that their local dispersion velocity is higher than the escape
velocity of the object, the capture rate is suppressed (except at mass-matching, where resonance-like features appear)
and hence, the equilibration time is longer (see below) and the DM evaporation mass is larger (assuming equilibrium
is reached).
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Figure 2: Radius of planetary bodies, brown dwarfs and main-sequence stars, as a function of the mass of
the object and using the mass–radius relation described in the text. We also show a compilation of data corresponding
to planetary bodies [97] (solar system planets and satellites in blue), brown dwarfs with measured radius [98–105],
low-mass stars [106], intermediate-mass and massive stars [107].

III.1. Polytropic models

The interiors of some celestial bodies are reasonably well described by gases with polytropic equations of state, such
that P (r) = K ρ(r)1+1/n, where P (r) is the pressure, ρ(r) is the density, K is a proportionality constant and n is the
polytropic index. This index evolves in mass from n & 0, corresponding to rocky planets with Earth-like masses, to
n = 3, corresponding to massive stars with a radiative core [108]. For intermediate masses, from Jovian planets up to
low-mass brown dwarfs, objects are well approximated by n ' 1, and brown dwarfs by n ' 3/2. This variation covers
a range of about nine orders of magnitude in mass. The main advantage of this type of models is that pressure only
depends on density, so only the hydrostatic and Poisson equations are needed, with no reference to heat transfer or
thermal balance. Although this might seem an oversimplification, these models have proven to be remarkably useful
in the interpretation of many features of the structure of celestial bodies and have already been used in the context
of DM capture and evaporation in stars [6, 43, 49, 50, 95, 109], so we consider them to obtain a generic description.
Therefore, we first describe the distribution of density, pressure and temperature of polytropic models.

We consider a celestial body with mass M and radius R constituted of a material with an equation of state of a
polytrope of index n. The Poisson and hydrostatic equations (assuming spherical symmetry) can be written as

1

r2

∂

∂r

(
r2 ∂Φ

∂r

)
= 4πGρ(r) , (3.1)

∂P

∂r
= −∂Φ

∂r
ρ(r) . (3.2)

By substituting the expression of the pressure in terms of the density for a polytrope, the hydrostatic equation can
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Figure 3: Core temperature of planetary bodies, brown dwarfs and main-sequence stars, as a function of
the mass of the object and using the mass–core temperature relation described in the text. From detailed models and
data, the estimated core temperature for the Moon, Earth and Sun is also indicated.

be integrated. Setting the gravitational potential Φ(R) = 0 at the surface ρ(R) = 0, one gets

ρ(r) =

(
−Φ(r)

(n+ 1)K

)n
. (3.3)

Now, we introduce the dimensionless quantities θn and ξ,

θn =
Φ

Φc
=

(
ρ

ρc

)1/n

; ξ =
r

rn
, r2

n =
(n+ 1)nKn

4πG (−Φc)n−1
=

(n+ 1)K

4πGρ
1−1/n
c

, (3.4)

where the subscript c indicates quantities evaluated at the center of the object. Note that P (r) = Pc θ
1+n
n (r).

Substituting Eq. (3.3) into Eq. (3.1), in terms of the variables defined in Eq. (3.4), the Lane-Emden equation is
obtained,

1

ξ2

d

dξ

(
ξ2 dθn

dξ

)
+ θnn = 0 . (3.5)

Finite solutions require dθn(0)/dξ = 0 and in order for ρc to represent the density at the center, θn(0) = 1. With these
boundary conditions, the equation can be solved, although in most cases only numerically. These are the so-called
E-solutions. Given the polytropic index n, the density profile is fully determined in terms of the total mass and radius.
The mass is given by

M = 4π ρcR
3

(
−1

ξ

dθn
dξ

)∣∣∣∣
ξ=ξn

≡ 4π ρcR
3 |θ′n(ξn)|

ξn
, (3.6)

where ξn = R/rn, so θn(ξn) = 0. This results in

R =

(
(n+ 1)K

(4π)
1/n

G
ξ1+1/n
n |θ′n(ξn)|1−1/n

)− n
n−3

M
1−n
3−n , (3.7)
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Figure 4: Escape velocity at the surface of planetary bodies, brown dwarfs and main-sequence stars, as
a function of the mass of the object and using the mass–radius relation reported in the text. The values for the Moon,
the Earth and the Sun are shown. We also indicate two values of the galactic dispersion velocity vd (dashed lines),
which are references for the local neighborhood and near the galactic center. The DM capture rate by objects with
ve < vd is suppressed by a factor proportional to (ve/vd)

4, but with resonance-like features for DM masses matching
targets masses.

which is the well-known polytropic mass–radius relation. Similarly, the central density can be written in terms of the
total mass,

ρc =

(
(n+ 1)K

(4π)1/3G

(
ξ2
n |θ′n(ξn)|

)2/3) 3n
n−3

M
2n

3−n , (3.8)

and ρ(r) = ρc θ
n
n(r). The escape velocity at the core can be written in terms of the polytropic index and the escape

velocity at the surface, v2
e(r = 0) =

(
1 + (ξn |θ′n(ξn)|)−1

)
v2
e(r = R).

These results correspond to zero temperature (full degeneracy). In the case of partial degeneracy, temperature is
proportional to the degeneracy parameter and the Fermi energy. For a non-relativistic partially degenerate gas, the
Fermi energy is proportional to ρ2/3 and pressure to ρ5/3, as in the case of a polytrope with index n = 3/2. Therefore,
P ∼ ρ T , which coincides with the equation of state of an ideal monoatomic gas. In general, for such an equation of
state, the temperature profile goes as

T (r) = Tc θn(r) ∼ ρ(r)1/n −→ Tc ∼M
2

3−n ∼ M

R
. (3.9)

Note that this is just the virial theorem for a body of gas in hydrostatic equilibrium. With these tools at hand,
along with empirical mass–radius and mass–core temperature relations, we can now describe the relevant properties
of different celestial objects. We comment on each type of them below.
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III.2. Planetary bodies

Planetary bodies are the smallest celestial objects heavy enough so that self-gravity can force them into spherical
shape. Among them, those orbiting a star and having cleared the neighborhood around their orbit are called planets,
whereas if the last condition is not met they are dwarf planets or satellites. Their composition is classified in three
main types: rock made up of silicates (compounds of Mg, Si, O) and iron; ice (water and other nolecules as CH4,
NH3, CO, N2 and CO2); and gas (hydrogen and helium).

Both the mechanical and thermal profiles in the interior of planets are fully determined by the equation of state of
the material. For spherical bodies of homogeneous composition and at zero temperature, in hydrostatic equilibrium,
their radius increases with mass up to a maximum value [110–113], which depends on the planet composition. Below
this critical mass, ∼ few MJ ∼ 103 M⊕ ∼ few 10−3 M�, where MJ is Jupiter’s mass,9 Coulomb forces balance
gravity and the density varies little and roughly corresponds to the value at zero pressure, so that M ∼ R1/3 (or
n ∼ 0).10 Around this critical mass, pressure is large enough to ionize the material and electron degeneracy pressure
starts playing a role. Thus, for M > few MJ , the mass–radius relation tends to R ∼ M−1/3 (or n = 3/2), as will be
described below.

The minimum mass required for a planetary body to achieve a nearly spherical shape in hydrostatic equilibrium is
estimated to be ∼ 3× 10−5 M⊕ ∼ 10−10 M� [74, 75], which roughly corresponds to the smallest round satellites and
dwarf planets in the solar system [120–123]. Although there exist spherical satellites as massive as 3× 10−4 M⊕ [120]
which are not in hydrostatic equilibrium, in this section we consider the range of masses that represents planetary
bodies to be (3× 10−5 M⊕ ') 10−10 M� .M . 13 MJ (' 0.012 M�).

Regarding the structural properties of planets, although the polytropic model was considered as a first attempt to
describe them, that equation of state does not incorporate the approximate incompressibility of solids and liquids at
low pressures. To account for it, many different equations of state have been considered [115, 124–134]. The resulting
shape of the mass–radius relation, in the case of a homogeneous composition, is very similar for different materials, all
cases presenting a maximum radius, with planets with heavier elements resulting in smaller radii [114, 115]. In fact,
this can be used to infer the bulk composition of planets. But not only does the size of planets depend on mass, but
their composition also does. As a consequence of low-mass cores not being able to efficiently accrete large amounts
of gas during the early formation stages, low-mass planets are composed mainly of heavy elements and high-mass
planets of gas (see, e.g., Refs. [135–137]). We account for this in a simplified way, by using a variable composition
along the following empirical piece-wise mass–radius relation [97] (see also Refs. [119, 138–143]),

(
R

R⊕

)
=



1.0
(
M
M⊕

)0.28

; 10−10M� < M ≤ 2M⊕ (rocky planets and satellites)

0.81
(
M
M⊕

)0.59

; 2M⊕ < M ≤ 130M⊕ (icy and small gaseous planets)

20.6
(
M
M⊕

)−0.076

; 130 M⊕ < M ≤ 13MJ (gas giants)

, (3.10)

and we have extrapolated the fit down to M = 10−10 M�.11 We only consider the fit in Ref. [97] up to the icy–gas
giants limiting mass, M = 130 M⊕. In the gas giants mass range we ensure continuity with the brown dwarfs regime
(see next subsection) with a power-law relation. For brown dwarfs, we do not use the results of Ref. [97] as only a few
objects are included, so the fit is likely dominated by giant planets. The parameterization we use results in slightly
smaller (. 10%) radii, which implies smaller DM evaporation masses.

These three regimes correspond to rocky planets (Earth-like planets, but also satellites and dwarf planets), ice and
small gas giant planets (Neptune- and Saturn-like) and gas giant planets (Jupiter-like and super-Jupiters). The first
transition is expected to be caused by the accretion of substantial volatile gas envelopes [144], but also by the range of
possible compositions of super-Earths, which can have substantial amounts of water and hence, can have a larger radii.
Note that the purely statistical value for this transition obtained with the fit is slightly lower than the theoretically
expected minimum mass for planets to retain a gaseous atmosphere by gravitational instability, ∼ 10 M⊕ [145, 146].
Additionally, planets more massive than ∼ (30−60) M⊕ are likely to be predominantly composed of gas (hydrogen and
helium) [147], which represents the transition between icy and small gaseous giant planets, although this is not visible
in the mass–radius relation above. The second transition is likely a consequence of gravitational self-compression

9 Note that a significant H/He envelope would result in a larger radius [114, 115]. Another effect that could enlarge the radius of a planet
is irradiation due to the proximity to the parent star [116, 117], which slows down contraction. These effects could modify the estimate
of the maximum radius at zero temperature. Moreover, for large masses, the hydrogen in the core can fuse and thermal effects become
important, so the zero-temperature estimate does not apply. Indeed, young, and still hot, giant planets can be larger than the quoted
maximum size.

10 Solid and liquid materials are not infinitely incompressible, so n > 0 and thus, the exponent in the mass–radius scaling relation is smaller
than 1/3 [118, 119].

11 This relation approximately applies to Earth-like satellites and dwarf planets. Note that icy satellites, which are a large fraction of the
satellites in our solar system, are less dense and cooler. In any case, these bodies are too small to be of much interest in the context of
the capture of DM and the estimate of the DM evaporation mass. We keep them for completeness, but we only consider rock structures.
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as mass increases, such that the growth of planets with mass stops. It is also a consequence of a possible bias in
observations, as transiting exoplanets are easier to observe if they are close to their parent star, where irradiation
effects are important and could result in larger volumes [116, 117].

For rocky planets, the inner temperature is too low to have a significant impact on their size [114, 115, 118, 148].
Nevertheless, it is high enough to (totally or partially) melt the interior materials, causing their separation according
to density. This results in differentiated planets, with denser material lying beneath less dense material, as is the case,
with different degrees, of all planets in our solar system. And the radius of realistic planets with mixed composition
lies between that of homogeneous planets composed of the denser and less dense materials [114, 115].

Unlike for the Earth, the interior of Earth-like planets is poorly known. Nevertheless, by solving planetary structures
with realistic equations of state across the mass range (0.1−30) M⊕ for two-layer rocky planets, a core radius fraction
CRF =

√
1/3 (appropriate for the Earth) is found to represent a reasonable assumption. In this way, we consider as

a default model for rocky planets, the following two-layer profile [149],

ρ(r) =


1

CRF ρ̄ ; 0 ≤ r ≤ (CRF)R

2
3
R
r ρ̄ ; (CRF)R < r ≤ R

; (rocky planets and satellites) , (3.11)

where ρ̄ = 3M/(4π R3) is the average density of the planet. This profile results in a core mass fraction
CMF = CRF2 = 1/3. Regarding the constituents, we consider a mass composition with a 2:1 ratio of silicates
(MgSiO3) to iron [150], with an iron core and a rocky mantle, which is representative of the Earth. Note, however,
that the composition can be substantially different, including iron planets and ice satellites. This has little impact on
the DM evaporation mass, though. Similarly to other quantities, the DM evaporation mass depends only logarithmi-
cally (except at mass-matching values for ve < vd) on the atomic number of the target particles. We have checked
some extreme (unrealistic) composition models and the DM evaporation mass gets modified by . 10%. Being beyond
the scope of this work, we do not pursue a more detailed account of variations on planetary composition, but realistic
uncertainties on the DM evaporation mass caused by this are expected to be small.

As the energy transport in the interior of planets is likely dominated by convection within layers [138], the tem-
perature profile is quasi-adiabatic within layers. Similar to the simplified density profile, we consider a two-layer
constant-temperature profile, with the temperature scaling as T (r) ∝ ρ(r) (i.e., assuming a Grüneisen parameter
γ = 1). Estimating the interior temperatures is a rather non-trivial issue, even for the Earth, and depends on the
poorly known form of the equation of state at high pressures and its temperature dependence. In this work, we
consider a scaling of the core temperature with the mass of Earth-like and dwarf planets and satellites as

Tc = 4500 K
(
M

M⊕

)0.3

; 10−10 M� ≤M ≤ 2 M⊕ , (3.12)

which slightly underestimates the expectations for planets and satellites for M & 10−8 M� and slightly overestimates
them for smaller masses [73, 151–155]. For instance, it underestimates Earth’s expectations by ∼ 30% [155].

For icy and gaseous giant planets, we consider the density and temperature profiles corresponding to a polytrope of
index n = 1, although density profiles get steeper with mass as a consequence of the increasing electron degeneracy.
This approximation is in reasonable agreement with expectations for continuous radial density profiles of planets like
Neptune or Uranus [156] and Saturn or Jupiter [157, 158]. Discontinuous density profiles have also been derived,
with a core extending up to 70% of the planet radius [159–162]; in this case with an equivalent polytropic index
n ∼ 0.6 − 1 [163]. These models cannot be distinguished, however, as they both fit well the measured gravitational
potential.

As for the mass scaling of the core temperature, we use estimates for gas giant planets in the solar system and
from Ref. [164] (for solar metallicity at 5 Gyr) to perform a fit. This facilitates continuity at M = 13 MJ with the
relation for brown dwarfs (see below). Note, however, that a significant range of temperatures is possible, depending
on a number of factors (atmospheric conditions, composition, age, proximity to the parent star, etc.). The following
approximation is intended to describe relatively cool bodies in this mass range,

log

(
Tc

104 K
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= 0.28 + 0.56 log

(
M

MJ

)
+ 0.22 log2

(
M

MJ

)
+ 0.035 log3

(
M

MJ

)
; 2 M⊕ < M ≤ 13 MJ , (3.13)

and reproduces reasonable well the results in Refs. [136, 138, 165–169] for ice and gas giant planets, in particular, for
the ones in our solar system. The increase of the slope with mass is mainly due to the phase transition from molecular
to metallic (liquid) hydrogen at around 1011 Pa and T ∼ (103−104) K, when the average energy of electrons becomes
higher than the ionization potential of hydrogen (see, e.g., Ref. [163] and references therein). This results in a faster
increase of temperature with pressure, and thus, with mass. Note also that super-Earths are usually warmer (and
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denser), so Eq. (3.13) also slightly underestimates the core temperature of the most massive rocky planets [118, 138].
This results in a slight underestimation of the DM evaporation mass, as we discuss below.

Concerning the element composition, different materials would likely result in different radius for a given mass.
In general, modeling the overall structure and composition is fraught with degeneracies, which we cannot carefully
account for in our simplified treatment. Here, we consider a continuous transition from rocky/icy planets to gaseous
giant planets based on pebble accretion [170–174], which we parameterize by performing a fit to the results in Ref. [175]
corresponding to planet formation at 10 au (about the average distance of Saturn to the Sun). In this way, the mass
fraction in elements heavier than hydrogen or helium is given by

logZ =


−0.015− 0.042 log
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M
M⊕

)
+ 0.027 log2

(
M
M⊕

)
− 0.020 log3

(
M
M⊕

)
; 2 M⊕ ≤M ≤ 33.7 M⊕

1.44− log
(
M
M⊕

)
; 33.7 M⊕ < M ≤ 13 MJ

.

(3.14)
The hydrogen plus helium mass fraction is given by X + Y = 1− Z, and we assume solar relative composition (i.e.,
X/Y = 3). For M > 2 M⊕, as a benchmark for heavy elements, we consider water. Note that the so-called pebble
isolation mass (MPIM ' 34 M⊕ in this case) is smaller the closer the orbit is, which results in a larger fraction of
heavy elements for M .MPIM and in a smaller fraction for M &MPIM [175].

III.3. Brown dwarfs

Now we consider more massive celestial bodies up to masses for which hydrogen fusion takes place efficiently, which
defines stars. As mentioned above, at zero temperature there is a critical mass that sets the maximum size of planets
and the transition to brown dwarfs, which is caused by a critical pressure, ∼ (10−103) GPa (smaller values for lighter
elements), above which chemical bonds of the material get broken. Thus, after this pressure is reached, the core of
a planet shrinks and its density grows. At this point, ionized electrons start becoming partially degenerate and their
pressure increasingly significant. As mass grows, the description of planetary bodies in terms of polytropes experiences
a transition from an index n & 0 (constant density) to n = 3/2 (non-relativistic degenerate gas). In the limit of a
non-relativistic fully degenerate gas, from Eq. (3.7) we would expect R ∼M−1/3. However, Coulomb pressure by ions
(which tends to set a constant density with a fixed inter-particle distance scale, R ∼M1/3) almost cancels the electron
degeneracy pressure, which results in R ∼ M−1/8 (or n = 11/9 for a polytrope) [164]. The accurate description of
these effects is governed by the equation of state around these pressures, which requires accounting for strongly
correlated, polarizable, partially degenerate quantum and classical plasmas, in a medium where partial ionization by
pressure becomes important. Moreover, the equation of state is not the only factor affecting this relation, which also
changes with time as the object cools down, resulting in a smaller radius for older objects and with a mass–radius
relation which is even flatter for younger bodies [176]. Thus, in realistic models, the transition between planets and
brown dwarfs takes place at higher masses than the prediction at zero temperature due to different effects.

The transition between giant planets and brown dwarfs is a matter of a long-standing debate [164, 177–181]. In
general, it is believed that planets are richer in heavy elements than their parent stars, whereas brown dwarfs share
a similar composition, which would hint at a distinction based on the formation mechanism [177]. Nevertheless, the
current distinction is set in terms of mass limits based on nuclear fusion processes. For M & 13 MJ ' 0.0124M� (for
solar metallicity) [182–184], deuterium can start to fuse (Tc & 5 × 105 K), whereas effective hydrogen burning does
not take place for masses below ∼ 0.07M� ' 73 MJ (which defines stars, Tc & 3 × 106 K) [185, 186]. Within this
range of masses, celestial bodies are usually defined as brown dwarfs.

The empirical mass–radius relation for brown dwarfs can be approximately given by a fit to the results of Ref. [164]
(for solar metallicity and an age of 5 Gyr),12
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− 0.055 log
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)2

; 13 MJ < M ≤ 0.07M� . (3.15)

As already mentioned, brown dwarfs are well described by non-relativistic partially degenerate polytropes (n ' 3/2),
which are fully determined in terms of their mass and radius. Thus, the mass–radius relation reduces the number of
free parameters needed to determine the shape of the density and temperature profiles to one, say the mass. In the
case of the density, the constraint on the volume integral (determined by the mass), completely fixes its central value.

12 Gas giants continue to cool down and contract after ∼1 Myr, whereas brown dwarfs heat up before ∼1 Gyr, but when electron degeneracy
dominates, they cool down and contract [164, 179, 187]. In any case, we consider relations relevant for most part of the life of celestial
objects, corresponding to late evolutionary stages.
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Thus, our default model follows a polytropic density profile with the temperature profile given by T (r) ∼ ρ(r)2/3,
with the mass–core temperature relation obtained from a fit to the different brown dwarfs in Ref. [164] (for solar
metallicity and an age of 5 Gyr),
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)
; 13 MJ < M ≤ 0.07 M� . (3.16)

These results are in agreement with others in the literature (see, e.g., Refs. [179, 187]) and were obtained with the
equation of state for hydrogen and helium from Ref. [188], which covers the relevant range of densities and temperatures
(see also Refs. [165–169, 189] for recent calculations with ab initio equations of state and Ref. [190] for a comparison
of them). Note that updated equations of state predict not only higher central temperatures, but also larger radii,
and different atmospheric boundary conditions could also result in higher central temperatures [189]. On another
hand, metallicities smaller than solar values result in slightly smaller radii and higher core temperatures, although
these variations only amount to a few percent (see, e.g., Ref. [164]) and have a small impact on the calculation of the
DM evaporation mass. At late evolutionary stages, brown dwarfs cool down. We consider ∼ 5 Gyr as a representative
value, but the core temperature of the oldest (& 10 Gyr) and most massive (M & 40 MJ) brown dwarfs is expected
to be smaller by . 20% (see, e.g., Refs. [164, 179]). Note, however, that accounting for the formation of dust in the
equation of state results in slightly slowing down the cooling process for the most massive brown dwarfs [191], so the
actual difference in core temperature between 5 Gyr and 10 Gyr is expected to be even smaller.

Finally, for the composition of brown dwarfs, we take 98% hydrogen and helium (with solar 3:1 proportion) and
2% heavy elements (water), X + Y = 0.98 and Z = 0.02 [164, 179].

III.4. Main-sequence stars

For masses around ∼ 0.07 M�, celestial bodies contract as they radiate from the surface and the core heats
up. This contraction eventually stops either by the appearance of electron degeneracy or by thermal pressure from
hydrogen burning. The most dominant process is mainly determined by the attained temperatures. For low enough
temperatures, electrons become partially degenerate and hydrogen cannot fuse. Given the weak dependence of pressure
on temperature, further radiation from the surface does not result in contraction, but in the cooling of the core. These
objects are called brown dwarfs and have been discussed above. On the other hand, if central temperatures are high
enough for hydrogen to ignite before electrons become degenerate, energy losses from the surface are balanced by the
thermal energy from hydrogen burning and the object inflates. These celestial bodies are called stars. The transition
mass between these two types of objects is ∼ 0.07 M� [178, 185, 186]. Therefore, thermonuclear reactions involving
hydrogen create a thermal pressure that can sustain the gravitational pull of the gas and make stars bigger. This
results in the non-degeneracy of the gas, which approximately behaves as a classical ideal gas, P ∝ ρ T .

In this section we only consider stars during main-sequence. This is the evolutionary phase since ignition after
gravitational collapse until the hydrogen core is consumed and converted into helium. This stage is the longest one
and represents about 90% of the stars life, when they can be approximately considered to be in hydrostatic equilibrium,
with properties varying relatively little.

For masses above the hydrogen-burning limit, M & 0.07 M�, electron degeneracy decreases quickly with mass, but
up to M ∼ 0.4 M�, it still impacts star evolution and the inner structure can be described in terms of a polytrope
of index n = 3/2, as it happens for brown dwarfs. For M . 0.2 M�, stars are fully convective and their internal
structure strongly depends on the boundary conditions. As in the case of brown dwarfs, convection deep into the
optically thin layers is favored by the formation of molecular hydrogen in the outer parts. The presence of molecules
enhances collision-induced absorption, so radiative opacity increases, which in turn, reduces the radiative transport
efficiency. Additionally, the adiabatic gradient is reduced, which favors convection [185]. For slightly heavier stars,
convection penetrates less efficiently their inner parts and a radiative core forms. The transition from a convective star
to the formation of a significant radiative core occurs atM ∼ 0.4 M�. However, hydrogen burning is not very efficient
up to M ∼ 0.7 M� and stars can be approximately described by a polytrope of index n = 2 in that mass range (i.e.,
0.4 M� .M . 0.7 M�). For 0.7 M� .M . 1.5 M�, the decrease in the central abundance of hydrogen results in an
increase of the molecular weight, which heats up further and inflates the star more efficiently. For M & 1.5 M�, stars
reach high enough temperatures (Tc & 2 × 107 K) so that the CNO burning cycle ignites in most of their core. The
extreme temperature dependence of these reactions results in convective instability and the formation of a convective
core, which is larger the heavier the star is. This is also favored by the increasing importance of radiation pressure with
mass, which reduces the adiabatic gradient.13 Thus, for masses M & 0.7 M�, stars can be approximately described

13 Note that the condition for convection instability is that the temperature gradient is steeper than the adiabatic one. This can be
achieved either by reducing the adiabatic gradient (as is the case in the outer layers in low-mass stars) or by increasing the temperature
gradient (as happens when the CNO cycle is efficient in high-mass stars).
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by a polytrope of index n = 3.
As a consequence of all the above features, from the hydrogen-burning limiting mass to very massive stars, the

radius and core temperature continuously increase with mass. At the very low-mass end, 0.07 M� . M . 0.4 M�,
the density of stars decreases with mass. Nevertheless, within the mass range 0.4 M� . M . 1.5 M�, the gas
is non-degenerate and the nuclear rate of energy production via hydrogen fusion grows in efficiency, resulting in a
warmer (Tc with a stronger dependence on the mass than in less massive stars) and a denser core, so the luminosity
grows steeply with mass. For M & 1.5 M�, radiation pressure reduces the mass dependence of the luminosity, and
the very steep temperature dependence of the CNO rate results in hotter and less dense stars the more massive they
are.

Although a proper treatment of the evolution equations should include the full system of hydrostatic equilibrium,
mass conservation, energy transfer and energy conservation equations (along with the chemical equation that governs
the changes in composition), the approximation of the density and temperature profiles in terms of polytropes works
reasonable well and it is good enough within our simplistic modeling. In particular, as mentioned above, we consider
n = 3/2 for 0.07 M� ≤ M ≤ 0.4 M�, n = 2 for 0.4 M� < M ≤ 0.7 M� and n = 3 for M > 0.7 M� [192] to obtain
the density and temperature profiles.

As for the other less massive celestial bodies discussed in previous subsections, empirical mass–radius relations
for stars have also been proposed for a long time (see, e.g., Refs. [107, 193–195] for some recent relations). Here,
we consider the following empirical mass–radius relation, inspired by and in agreement with the data and models of
Refs. [106, 107, 164]
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For low-mass stars, we perform a fit using the data compiled in Ref. [106], which is in good agreement with Refs. [107,
164] for M ≤ 1.5 M�. The (log) linear parameterization in the high-mass range is a simplification of the piece-wise
fit in Ref. [107].

As for any polytropic model, this relation reduces the number of parameters required to describe the internal stellar
structure to one and, as done throughout this paper, we use the mass of the star. Note that using the mass–radius
relation above, the core density, ρc ∼M/R3, always decreases with the stellar mass. Nevertheless, we have mentioned
above that in the mass interval 0.4 M� . M . 1.5 M�, detailed stellar models predict the core density to slightly
grow with mass. We cannot correct for this trend using the polytrope assumption, but given that it is known to
provide an approximately correct overall description, we use it in what follows. This approximation has a negligible
impact on the calculation of the DM evaporation mass.

The situation is different for the core temperature, which is not fixed by the mass–radius relation. We obtain a
monotonously increasing mass–core temperature relation using the results corresponding to the models for low-mass
stars from Ref. [164] and for high-mass stars from Ref. [196] (at zero-age main sequence),
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We have also confirmed that these are reasonable parameterizations by comparing them with the evolutionary tracks
obtained with the MIST code [197, 198], that in turn uses the stellar evolution code MESA [199–201].

Note that for M ∼ (0.2−0.4) M�, the core temperature is roughly given by Tc ' 1.6µmolGM/(3R), where µmol is
the mean molecular weight of the material (in units of the atomic mass unit), which is µmol ' 0.6 for solar abundances.
This is the expected result for a polytrope of index n = 3/2, for a monoatomic and fully ionized ideal gas, Eq. (3.9).
This is a consequence of degeneracy becoming less important with mass, while the star being largely convective. For
0.4 M� . M . 1.5 M�, had we used the mass–radius relation above, assuming the equation of state of an ideal gas
would not result in Tc increasing with mass, though. For higher masses, M & 1.5 M�, radiation pressure grows in
importance, which results in a dependence of the core temperature on the mass less steep than at lower masses, as
mentioned above.

Furthermore, unlike what happens for less massive celestial objects (planetary bodies and brown dwarfs), stars
remain in main sequence for a period of time which is shorter the heavier the star is. It is, thus, relevant to discuss
how long this stage lasts, such that their overall properties remain approximately constant, without much change.
For the DM capture process to be efficient and the discussion about the DM evaporation mass to be of most interest,
the equilibration time τeq (actually, τeq/κ) must be shorter than the stars age. Otherwise, the DM evaporation mass
is time dependent.
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As the total energy release in the pp chain and the CNO cycle is the same, a simple estimate for the lifetime in
main sequence is given by

tlife,MS = tlife,�

(
M/M�
L/L�

)
, (3.19)

where tlife,� = 10 Gyr and L� = 3.828 × 1026 W are the lifetime and current luminosity of the Sun. To obtain the
lifetime of other stars we consider the empirical mass–luminosity relation from Ref. [107], which we extrapolate, in
the low- and high-mass extremes, to cover the entire stellar mass range discussed in this work. Moreover, we simplify
the multiple piece-wise form by performing a smooth fit in the mass interval 0.1 M� .M ≤ 100 M�,
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Notice that only stars with massesM . 2 M� have lifetimes in the main sequence longer than ∼ 1 Gyr. Very massive
stars, M & 10 M� leave the main sequence after less than ∼ 10 Myr.

III.5. Post-main-sequence stars

The internal properties of stars during post-main-sequence evolution undergo significant changes in relatively short
periods of time, which crucially depend on the stellar mass they had in main sequence and on environmental condi-
tions [196]. Given that evaluating the implications of non-static configurations on the DM evaporation mass is beyond
the scope of this paper, we briefly and qualitatively describe some of the stellar properties after stars leave the main
sequence in this subsection, and leave the description of compact stellar remnants to the next subsections.

The main-sequence phase ends when hydrogen is exhausted in the stellar core. At this point, an approximately
isothermal helium core develops and hydrogen burns in a shell surrounding it [202]. This results in the production of
more helium, which increases the mass of the core, bounded by the Schönberg-Chandrasekhar limit [203], and reduces
its size. While the core temperature slightly increases, the envelope of the star expands and cools, becoming mostly
convective, to favor the transport of additional energy. This is the so-called subgiant branch for low- and intermediate-
mass stars and lasts for ∼ few Gyr for M . 1 M� and ∼ 107 yr for M & 2 M�. During this phase, although the core
temperature does not change much (it is just slightly higher than the terminal age main-sequence value), the central
density can increase by more than an order of magnitude with respect to the main-sequence value [204].

Eventually, stars enter the red giant branch, delimited by their Hayashi line, and their luminosity increases. Very
low-mass stars (M . 0.3 M�), however, are fully convective and do not reach temperatures high enough to burn
helium, so they do not become red giants and end up as helium white dwarfs [205], when all hydrogen has been fused
to helium. For low-mass stars, 0.3 M� .M . 2.3 M�, the density of the core can get so high that electrons become
degenerate and forM & 0.8 M�, the temperature increases up to a point when helium starts to burn (Tc ∼ 108 K) [202]
and the core mass is ∼ 0.5 M� [206]. At this point, as temperature rises (in a run-away process, as pressure does not
depend on temperature), the core turns non-degenerate again, which finally results in a helium flash.14 This phase
lasts for about 109 yr for M ∼ 1 M� and 107 yr for M ∼ 2 M�. During this phase, the core temperature increases by
a factor of a few, and the central density is several orders of magnitude larger than during main sequence, although it
decreases much faster towards the edge of the core. On the other hand, the stellar radius can increase by two orders
of magnitude for the lightest stars and by a factor of a few for the most massive ones in this interval, and a significant
mass loss is experienced.

The end of this phase for low-mass stars, which results in stellar contraction and core cooling, marks the entry into
the horizontal branch stage. This phase lasts for up to ∼ 108 years [206], while helium burns and a carbon-oxygen core
develops, and it is similar, but shorter, than the hydrogen-burning phase that defines main sequence. The position on
the horizontal branch depends on the mass lost during the red giant phase. The larger the mass loss, the bluer and
slightly smaller the star becomes. In particular, a ∼ 1 M� star on this branch is an order of magnitude larger than
during main sequence.

After the helium core is depleted, the immediate stellar evolution strongly depends on the mass [210–212]. For low
masses (0.3 M� . M . 2.3 M�), stars enter the asymptotic giant branch, which is similar to the red giant branch,
but with slightly higher temperatures. The non-degeneracy of the core, however, implies that the increase of pressure
leads to expansion and cooling of the region where helium burns.

14 Helium burning does not start at the center of the core. Large amounts of energy lost in the form of neutrinos during the final stages in
the red giant branch produce a temperature inversion, so that helium burning starts in a shell around the helium-rich core [207–209].
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In heavier stars, 2.3 M� .M . (8−10) M� [210–213], helium ignites before the core becomes degenerate, so there
is no helium flash. Stars can move away from the red giant branch getting bluer and then becoming redder again
(blue loops), and a degenerate carbon-oxygen core develops. The most massive stars in this mass range might not
even reach the red giant branch before turning into red supergiants (if they retain their envelope) or getting bluer
and becoming Wolf-Rayet stars (if they do not retain their envelope). This phase lasts for a short period of time, the
shorter the more massive stars are. All these stars, M . (8− 10) M�, end up their lives as white dwarfs. For more
massive stars, (8 − 10) M� . M . 25 M�, the helium-burning phase is also the red supergiant stage. These stars,
though, proceed through a series of nuclear burning phases and end up as core-collapse supernovae, leaving neutron
stars as remnants. The remnants of even more massive stars are black holes.

III.6. White dwarfs

Once stars with initial masses M . (8 − 10) M� reach the tip of the asymptotic red giant branch, they attain
their maximum size and continue losing mass at a fast pace, ejecting whole shells of material (creating planetary
nebulae). At this point, stars get hotter and become blue supergiants in a very short period of time, ∼ 104 yr, until
only the hot core remains. This results in a narrow final range of masses. However, temperatures are not high enough
for nuclear fusion to proceed and, lacking any other energy sources, stars contract. This increase in density finally
results in electron degeneracy throughout the star, which creates a new source of pressure that halts gravitational
contraction. From then on, they become white dwarfs (see, e.g., Refs. [196, 214–217]) and this is the final evolutionary
stage for stars with massesM . (8−10) M� [218], which represent the fate of about 97% of all stars. Due to electron
degeneracy, energy losses from the surface cannot be balanced any more by reducing the stellar size, so white dwarfs
keep on cooling for the rest of their lives, unless they accrete matter from a nearby star.

Analogously to the description of polytropes, the mechanical properties of white dwarfs can be decoupled from the
thermal ones. Nevertheless, the equation of state is not that of a polytrope. In this case, pressure is generated by
a gas of fully degenerate electrons, but with a varying degree of relativistic Fermi momentum. The equation that
describes the internal structure of white dwarfs, which is similar to the polytrope model equation, is the Chandrasekhar
equation [219],

d2ϕ

dζ2
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2

ζ

dϕ
dζ

+
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z2
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with boundary conditions ϕ(0) = 1 and ϕ′(0) = 0, and

ϕ ≡ z
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)
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Here z2 = (pF/me)
2

+ 1, with pF the Fermi momentum, and zc = z(r = 0), with z ∈ [1,∞). Note that this equation
reduces to the Lane-Emden equation for polytropes in the limits of z →∞ (n = 3) and z → 1 (n = 3/2).

The density profile, radius and mass of white dwarfs are given by

ρ(r) =
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′(ζ1)

∣∣ M� , (3.25)

where µe ' 2/(1 +X) is the mean molecular weight per free electron and ζ1 ≡ ζ(z = 1). The Chandrasekhar solution
does not imply a lower bound on the radius (R → 0 for zc → ∞), which decreases as the central density increases,
keeping the total mass at a fixed value, MCh ' (2/µe)

2 1.456 M�; this is the so-called Chandrasekhar mass. For
zc → 1, ζ1 → ∞ and

∣∣ζ2
1 ϕ
′(ζ1)

∣∣ → 0 and thus, R → ∞ and M → 0. These limiting conditions are modified
once several corrections (general relativity, equation of state, Coulomb interactions) are incorporated. The resulting
maximum values, which slightly depend on composition, are Mmax ∼ 1.3 M� and R(Mmax) ∼ 0.02 M�.

White dwarfs have been observed with massesM ∼ (0.2−1.3) M�, with a distribution peaked atM ' 0.6 M� [220,
221]. Here, we consider this range of masses and solve the Chandrasekhar equation to obtain the mass–radius relation
and the density profile. The former is shown in the left panel of Fig. 5, along with a selection of observed cool white
dwarfs with Teff < 104 K [221], which illustrates that Chandrasekhar solution represents a reasonable approximation,
and in general, a conservative one for the calculation of the DM evaporation mass.
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Figure 5: Mass–radius relation for white dwarfs (left panel) and neutron stars (right panel). We also show a
selection of observed cool white dwarfs with Teff < 104 K and S/N ≥ 10 [221]. For neutron stars, we use the equation
of state from Ref. [222], based on the nuclear energy-density functional BSk20 [223].

Most white dwarfs have a carbon-oxygen core surrounded by a thin helium envelope (Y . 0.01), which is in turn
surrounded by an even thinner hydrogen envelope (X . 10−4), although low-mass white dwarfs can have a helium
core (those stars not massive enough, M . 0.3 M�, to burn helium) and the most massive white dwarfs (M & 1 M�)
can develope an oxygen-neon core. As representative of the core composition, we consider white dwarfs with ZC = 0.4
and ZO = 0.6 (see, e.g., Refs. [224, 225]), although differences on the composition do not affect our results of the DM
evaporation mass.

In order to approximately describe the thermal properties of white dwarfs (at least of relatively cool and evolved
ones), we point out that the core constitutes more than 99% of their mass and that the main contribution to the heat
capacity comes from the non-degenerate gas of ions. Degenerate electrons are very efficient in transporting energy
outwards, so the core can be approximately described to be isothermal. Finally, energy is radiated away through the
non-degenerate envelope, which cools down the white dwarf. A simple description in terms of a two-layer model [226]
provides a very good agreement with more refined predictions of the cooling evolution of white dwarfs [227, 228].
Thus, in this work we consider an isothermal core with a temperature in the range 4× 105 K ≤ Tc ≤ 4× 106 K, which
is appropriate for white dwarfs older than ∼ 3 Gyr [228].

III.7. Neutron stars

In even heavier stars than those discussed above, (8 − 10) M� . M . 25 M�, the carbon-oxygen core reaches
high enough temperatures (Tc & 109 K) to continue nuclear fusion processes before becoming degenerate, resulting
in a shell-like structure, which ends up in an iron core for M & 10 M�. Once nuclear fusion cannot proceed further,
stars approach the end of their lives as core-collapsed supernovae explosions (or via electron-capture supernovae in a
narrow range of masses). The remnants of these explosions are neutron stars (see, e.g., Refs. [196, 214, 229]), which
are born very hot (T & 1010 K), but cool down very fast by neutrino emission (which lasts for . 105 yr), down to
T ∼ 108 K after ∼100 yr. As density increases, neutron-rich nuclei start releasing free neutrons, which are increasingly
degenerate and would eventually be the main source of pressure. Further increase of the density would result in the
formation of a degenerate bath of neutrons plus a small admixture of electrons, muons and protons.

The description of the interior of neutron stars is particularly challenging. Unlike main-sequence stars or other
post-main-sequence phases, the huge gravitational field of neutron stars requires the use of general relativity. This
modifies the Newtonian hydrostatic equilibrium equation, which is replaced by the Tolman-Oppenheimer-Volkoff
equation [230, 231]. This just represents a calculational complication, but the most important issue is that the correct
equation of state to be used is not yet known. Nevertheless, the determination of relatively large masses for neutron
stars from gravitational wave observations of merging systems of binary neutron stars and of a black hole and a
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neutron star, favor stiff equations of state, which predict relatively large maximum masses, ∼ (2− 3) M� [232–240].
In this work, we consider the unified equation of state from Ref. [222], based on the nuclear energy-density functional
BSk20 [223], which covers the mass range 0.09 M� < M < 2.3 M�. The resulting mass–radius relation is shown in
the right panel of Fig. 5. Notice that differences with respect to more recent equations of state [241] have a negligible
impact on the results presented in this work.

For old neutron stars (tNS & 105 yr), the main cooling mechanism is electromagnetic cooling. At this evolutionary
stage the internal temperature is expected to be similar to the surface one and, in idealized scenarios, temperatures
as low as ∼ 103 K after ∼ 107 yr, and even lower for older neutron stars, are expected [242]. Nevertheless, for
theroretical models to be consistent with observations, a heating mechanism is required. Different possibilities have
been suggested, which could result in temperatures as high as 106 K [243]. Therefore, we consider an isothermal profile
within the interval 105 K ≤ Tc ≤ 106 K, as representative of relatively old neutron stars, tNS > 107 yr. Neutron stars
younger than ∼ 106 yr are expected to have typical central temperatures of ∼ 108 K [244].

IV. DM EVAPORATION MASS IN CELESTIAL BODIES

After the overall description of celestial bodies in the previous section, we now compute the minimum mass DM
particles must have, such that evaporation from the capturing object is not efficient. The calculation of all the elements
required for the computation of the DM evaporation mass follows Ref. [66], including the correction to the capture
rate from Ref. [67], and Ref. [71] for neutron stars, as described in Section II. We first evaluate the DM evaporation
mass for the geometric cross section,

∑
iNi σ

geom
i = π R2, which results in a capture rate close to its maximum value

(the saturation value), for planetary objects, brown dwarfs and main-sequence stars. This cross section is different
for each object and depends on the DM mass. Next, we compute the DM evaporation mass for all those objects
and within a wide range of cross sections, in the thin and thick regimes. For post-main-sequence stellar phases we
qualitatively discuss the evolution of the DM evaporation mass, and for white dwarfs and neutron stars we compute
the DM evaporation mass for the geometric cross section. All results are obtained for SI interactions with constant
scattering cross section, but we also comment on the DM evaporation mass in the SD case. Moreover, we study its
dependence with several factors.

IV.1. DM evaporation mass in planetary bodies, brown dwarfs and main-sequence stars

Before discussing the main results, it is important to evaluate whether equilibrium between DM capture and
annihilation is reached for each particular celestial body. Otherwise, the DM evaporation mass is not constant but
grows with time, assuming the properties of the capturing object remain approximately unchanged. For very low-
mass objects, the equilibration time can be much longer than their age, and even than the age of the Universe. For
intermediate-mass and the most massive stars, the equilibration time (for the DM evaporation mass) decreases with
stellar mass, although with a much weaker dependence than the lifetime.

In Fig. 6 we compare the equilibration time, τeq, corresponding to the geometric cross section and to the DM
evaporation mass shown in Fig. 7, with other characteristic time scales (solar system current age, t� ' 4.5 Gyr,
and stars lifetime). This comparison is shown as a function of the mass of celestial bodies, which spans the range
10−10 M� ≤M ≤ 102 M�, from small satellites to massive stars. The general trend, although it does not apply to the
entire mass range, can be understood from the discussion in Section II: the equilibration time for the DM evaporation
mass decreases with the mass of the capturing body. The discontinuity at M = 2 M⊕ can be understood from our
modeling of a non-smooth transition in composition and the fact that ve < vd, so the 1/µ2

− factor plays a key role (see
Eq. (2.23)). As already mentioned, if the equilibration time is longer than the age of the object, the DM evaporation
mass grows with time, as the number of capture DM particles does (as long as the properties of the object do not
change). This occurs until equilibration is reached or the system is destroyed or it evolves in a significant manner.

For the local DM density, the canonical thermal annihilation cross section and the geometric cross section, DM
capture and annihilation do not reach equilibrium for the smallest objects, M . 3×10−8 M�, during the solar system
age (t� = 4.5 Gyr), so the DM evaporation mass would increase with time. Likewise, equilibration does not take place
during the lifetime of the most massive stars, M & 60 M�. Furthermore, planetary systems are usually bounded to
stellar objects, so their lifetimes could be linked to stellar lifetimes. Objects in the range 2× 10−8 M� .M . 60 M�
are in the regime in which the DM capture and annihilation rates could be in equilibrium, so the DM evaporation
mass would remain approximately constant, as long as the properties of the objects can be regarded as constant.
This is so for the DM annihilation and scattering cross sections and the DM density and velocity dispersion we have
considered in this figure. Larger annihilation cross sections, higher DM densities or lower velocity dispersion, would
result in shorter equilibration times. For instance, for the smallest objects or the most massive stars, if close to the
galactic center, equilibrium is more likely. Note that capture is already assumed to be close to maximum, so the
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Figure 6: DM equilibration time , for the DM evaporation mass, as a function of the mass of the capturing object, for
planetary bodies, brown dwarfs and main-sequence stars. We take the geometric SI cross section,

∑
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geom
i = π R2,

and 〈σAvχχ〉 = 3 × 10−26 cm3/s. Also depicted are the current solar age, t� = 4.5 Gyr (black dashed line) and the
stellar lifetime, tlife,MS, when shorter than t� (blue dashed line). The jump at M = 2 M⊕ is mainly due to the
non-smooth transition in composition and the fact that ve < vd.

equilibration time could only increase by considering a smaller scattering cross section and remains almost unchanged
for larger cross sections.

In Fig. 7, we show the DM evaporation mass as a function of the mass of the capturing object, for the geometric
SI cross section and assuming t = min{t�, τlife,MS}. We see that it decreases from values mevap ∼ 400 GeV for the
smallest objects with spherical shape that can attain hydrostatic equilibrium, M ∼ 10−10 M�, to mevap ' 0.7 GeV
for super-Jupiters and small brown dwarfs, M ∼ 10−2 M�. For more massive brown dwarfs, the DM evaporation
mass is slightly larger and grows when entering the stellar regime. Note, however, that for M & M⊕, the DM
evaporation mass only varies within an order of magnitude, mevap ∼ (1 − 10) GeV, and grows for smaller objects
(rocky planets and satellites) due to their small size. This behavior follows the scaling mevap ∝ TχR/(Mφ̂c), with
φ̂c ≡ v2

e(r = 0)/v2
e(r = R), which can be understood from the fact that Ec/Tχ ∼ 30, as discussed in Section II. To

illustrate the robustness of this result, we show the range Ec/Tc = (20 − 40) with a band, which fully embeds the
values of the DM evaporation mass for all objects and roughly accounts for systematics in modeling of celestial bodies
properties. Furthermore, the small variation of the DM evaporation mass can be understood by considering the virial
theorem, which implies that the factor TcR/M varies little for a given class of objects. Similarly to the jump in the
equilibration time at M = 2 M⊕, the discontinuity at that value on the DM evaporation mass is caused by the abrupt
transition in the composition and density profile, from rocky planets to icy planets and to the fact that ve < vd. For
the considered parameters, equilibration is not reached for M . 3× 10−8 M� (see Fig. 6) and this explains the slight
bending of the curve towards smaller DM evaporation masses, as in those cases, the DM evaporation mass grows with
time until reaching equilibrium. The same occurs for M & 60M�, but in those cases equilibrium cannot be reached,
as it would require a time longer than the age of those stars. Super-Earths, M . 10 M⊕, with a larger fraction of
metals than what is assumed here, would have a slightly larger DM evaporation mass. Note, however, that for a given
mass, heavier compositions generically imply smaller sizes [114, 115].

Remarkably, as evident from Eqs. (2.20) and (2.23), changes in parameters as cross sections, DM density or velocity
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Figure 7: DM evaporation mass as a function of the mass of the capturing object, for planetary bodies, brown
dwarfs and main-sequence stars. We take the geometric SI scattering cross section,
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value of the DM annihilation cross section 〈σAvχχ〉 = 3 × 10−26 cm3/s, and assume a position within the local
neighborhood, ρχ = 0.4 GeV/cm3 and vd = 270 km/s, although with other values similar results are obtained. We
also indicate the DM evaporation mass using detailed models and data for the Moon, Earth and Sun. The shaded
band depicts the range Ec/Tc = (20− 40).

dispersion, affect the DM evaporation mass only logarithmically. Therefore, given that Ec/Tχ ∼ 30, in order to
obtain a value of the DM evaporation mass smaller by a factor of two, the term log (ρχ〈σAvχχ〉/vd) for ve � vd,
or log

(
ρχ〈σAvχχ〉/v3

d

)
for ve � vd, must be larger by a factor of the order of ∼ (12 − 15). This implies that the

sensitivity of the DM evaporation mass to changes on these parameters is relatively weak and thus, its value is rather
stable against different particle physics models (with constant scattering cross sections) or for different locations of
celestial bodies within the host galactic halo.

Nevertheless, the results in Fig. 7 correspond to approximately the largest possible value of the DM evaporation
mass for each celestial body (aside from variations on the average properties here considered), that is, the one obtained
for a capture rate close to the saturation value. Next, we also study its variation with the value of the SI scattering
cross section. This is depicted in Fig. 8. The maximum value for all celestial bodies is visible in the figure, which
is indeed close to that obtained for the geometric cross section (dashed line). For M & 2 × 10−7 M�, due to the
exponential suppression of the evaporation rate in the thick regime, the smallest DM evaporation mass is achieved for
the largest value of the scattering cross section we consider,15 σp = 10−31 cm2. For M . 2× 10−7 M�, the transition
between the thin and thick regimes takes place at values of the cross section closer to σp = 10−31 cm2, so the smallest
DM evaporation mass is found in the thin regime, for the smallest cross section we consider, σp = 10−41 cm2. Note,
however, that, for the average properties of celestial bodies considered in this work, the DM evaporation mass never
reaches values below ∼ 250 MeV in the parameter space shown in Fig. 8. Therefore, even in extreme situations with
ρχ〈σAvχχ〉/vd for ve � vd (or ρχ〈σAvχχ〉/v3

d for ve � vd) being many orders of magnitude larger than what we have
assumed for this figure, DM evaporation masses much below that mass are very unlikely.

15 For larger cross sections, the assumed scaling with the atomic mass is not entirely reliable for contact interactions [245].
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Figure 8: 2-D contour of the DM evaporation mass as a function of the SI scattering cross section and the mass
of the capturing objects, for planetary bodies, brown dwarfs and main-sequence stars. We take the canonical value of
the DM annihilation cross section 〈σAvχχ〉 = 3× 10−26 cm3/s and assume a position within the local neighborhood,
ρχ = 0.4 GeV/cm3 and vd = 270 km/s, although with other values similar results are obtained. The value of the
SI geometric scattering cross section (dashed line),

∑
iNi σ

geom
i = π R2, is approximately proportional to R2/M , as

expected.

Along with the most massive stars, the objects for which the smallest values are obtained are super-Jupiters and
small brown dwarfs, as correctly pointed out in Refs. [32, 68, 76]. Nevertheless, in those papers, the estimated
values of the DM evaporation mass down to a few MeV were obtained neglecting the critical exponential tail of the
evaporation rate and thus, are incorrect and the conclusions reached for those very low masses are not valid; under
the assumptions in this paper, the DM evaporation mass is rather mevap > 250 MeV in the entire parameter space
shown in Fig. 8. This can be understood from two facts: the critical exponential tail of the DM evaporation rate was
incorrectly neglected, as explained in Section II, and the core temperature of brown dwarfs was underestimated by a
factor & 4 (cf. Refs. [164, 179, 187, 189, 199]). The importance of this tail, for the case of the Sun, is not a new finding,
but has been known for over three decades [2, 3, 21, 70]. We do stress that the fact that the DM evaporation mass
is approximately given by Ec/Tχ ∼ 30 can be generalized to all spherical celestial bodies in hydrostatic equilibrium.
Indeed, note that Ref. [33] did correctly estimate the DM evaporation mass for the most massive brown dwarfs and
low-mass stars in the context of asymmetric DM scenarios. Additionally, notice that we have considered temperatures
of brown dwarfs corresponding to late evolutionary stages. From this point of view, our assumption is conservative, as
younger brown dwarfs are warmer, which results in a higher DM evaporation mass. Note that even older (& 10 Gyr)
brown dwarfs would have a slightly lower core temperature (. 20% cooler than at 5 Gyr for the most massive ones
and even more similar for the least massive ones), which implies a correspondingly lower DM evaporation mass. On
another hand, let us stress again that uncertainties on the density or temperature profiles have a small impact on the
DM evaporation mass. All in all, these uncertainties are approximately accounted for by the gray band in Fig. 7.

As we have discussed above and can be seen from Fig. 8, the DM evaporation mass for a given object mass is rather
stable, within about a factor of two at most, against variations by ten orders of magnitude in the scattering cross
section. Therefore, this is a robust result. We emphasize, however, that these results correspond to simplified and
average properties of all the celestial bodies we consider. Given that, for the geometric value of the scattering cross
section, mevap ' 30TχR/(GM φ̂c), the uncertainty in the DM evaporation mass is also driven by the scatter over the
properties of the capturing objects. As mentioned above, the virial theorem implies a small variation of TcR/M for
a given class of objects, and thus, a small variation of the DM evaporation mass.
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IV.2. Further comments on the dependence of the DM evaporation mass on cross sections

All the above results are obtained for SI scattering cross sections, such that DM particles couple to the nuclei mass.
In the case of SD interactions, DM couples to the spin of the target, so not all nuclei could contribute to the capture
and evaporation processes. Moreover, SD interactions are not enhanced by the coherence factor A2

i , as happens in
the SI case. This is particularly important for planetary bodies, made up mainly of silicates and metals. For solar
abundances, only a small fraction of their elements, . 1%, could contribute to DM scattering via SD interactions.
This definitely results in equilibration times which are longer than for SI interactions by a few orders of magnitude
for similar DM-nucleon cross sections, which can prevent the system to reach this state. Nevertheless, the logarithmic
dependence of the DM evaporation mass on

∑
iNi σi implies that it is only reduced by . 20% even for these objects.

For celestial bodies with large amounts of hydrogen, such as giant planets, brown dwarfs and stars, the differences
between SI and SD interactions are even smaller (see, e.g., the differences for the case of the Sun [66]).

Also note that throughout this work we have not considered the effect of self-scatterings [246]. The presence of ad-
ditional interactions among DM particles would enhance the capture rate by introducing a source of self-capture [246],
but it would also enhance the evaporation rate by introducing a source of self-ejection [15] and of self-evaporation [247],
the three processes being proportional to the same self-interaction cross section. As a result, in the thin regime, the
DM evaporation mass is slightly larger than in the usual case without self-interactions [15, 247]. This trend can be
qualitatively understood from the dependence of the DM evaporation mass on the scattering cross section in the
absence of self-interactions. Larger cross sections imply larger DM evaporation masses. In the thick regime, the
dependence on the cross section is reversed and larger cross sections result in lower DM evaporation masses, as can
be seen from Fig. 8. Nevertheless, in the thick regime, the effect of self-interactions is unlikely to have a significant
impact because for that to occur, these interactions would have to be stronger than current bounds [246]. Therefore,
generically, the presence of self-interactions would tend to increase the value of the DM evaporation mass.

Finally, small DM evaporation masses have been claimed [32] within the Co-SIMP scenario [248], in which the DM
freeze-out is assisted by Standard Model (SM) particles, χ+ χ+ SM→ χ+ SM. The annihilation rate in this case is
defined as

ACo−SIMP =

∫ R
0
n2
χ(r, t)nSM 〈σ3→2 v

2
χχ〉 4π r2 dr(∫ R

0
nχ(r, t) 4π r2 dr

)2 '
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2
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2
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∑
i

0.1M
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where nSM '
∑
iNi/Vs is the number density of SM particles participating in the process. For the typical case of the

Co-SIMP scenario, mχ � mi, the cross section of the number-changing interaction required to obtain the observed
value of the relic density is 〈σ3→2 v

2
χχ〉 ' 103 (GeV/mχ)3 GeV−5 [248]. To compare the annihilation rate of this

process to that of standard 2→ 2 annihilations, we take mi = mp and estimate
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Therefore, for mχ & 100 MeV, the annihilation rate is smaller than for the usual 2 → 2 scenario, with the canonical
value of the annihilation cross section we have used throughout this work, 〈σA vχχ〉 = 3× 10−26 cm3/s. Thus, within
the Co-SIMP scenario, the equilibration time is longer. As a consequence, when equilibrium is reached, the DM
evaporation mass within the Co-SIMP scenario is slightly larger than for the usual 2 → 2 annihilations, in contrast
to recent claims [32].

IV.3. DM evaporation mass in post-main-sequence stars and compact objects

As the internal properties of stars after they leave main sequence change significantly in short periods of time,
the calculation of the minimum mass of DM particles that can be efficiently trapped during these stages becomes
non-trivial and highly time dependent. The study of this time dependence is beyond the scope of this work, but the
general trend is that the DM evaporation mass grows in time with respect to its value at main sequence during stages
with an inert core and it is similar during periods with a burning core. At the last stage of the life of stars, when
nuclear fusion cannot take place any more and they live on as cool compact remnants, with a high escape velocity,
the DM evaporation mass is significantly reduced.

We do not attempt a full study of the post-main-sequence evolution of the DM evaporation mass, but we qualitatively
describe it based on the simplified description presented in the previous section. Whenever capture and annihilation
processes are not in equilibrium, the DM evaporation mass would grow, attaining its maximum value at equilibrium,
if the properties of the star do not significantly change and if the DM thermalization time is short enough. Note
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Figure 9: DM evaporation mass for compact objects, white dwarfs (red upper lines) and neutron stars (green
lower lines), for two temperatures: T = 4 × 105 K (red solid line) and T = 4 × 106 K (red dashed line) for white
dwarfs; and T = 105 K (green solid line) and T = 106 K (green dashed line) for neutron stars. We take the geometric
cross section,

∑
iNi σ

geom
i = π R2, and 〈σAvχχ〉 = 3 × 10−26 cm3/s for white dwarfs and 〈σAvχχ〉 = 0 for neutron

stars, and assume a position within the local neighborhood, ρχ = 0.4 GeV/cm3 and vd = 270 km/s. The shaded
bands depict the range Ec/Tc = (20− 40).

that during main sequence, the equilibration time is τeq ∼ (105 − 106) yr, for the parameters considered in Fig. 6,
so in general, equilibrium could be reached during the post-main-sequence phases. Therefore, the discussion can be
driven by the robust result we found for all spherical objects in hydrostatic equilibrium: the DM evaporation mass
is approximately determined by Ec/Tχ ∼ 30, which implies that it scales as mevap ∝ TχR/(Mφ̂c). Recall that the
average DM temperature inside celestial bodies is very close to their core temperature.

As a general trend, whenever a star has an active shell burning material surrounding an approximately inert core,
core contraction results in envelope expansion and core expansion in envelope contraction. The former implies larger
radius and φ̂c and a hotter core, whereas the latter implies the opposite.

For low-mass stars, M . 2.3 M�, during their phase as subgiants, the core temperature and radius are slightly
larger than those during main sequence, and their mass is similar. Given the larger density gradient, the ratio of escape
velocities at core and surface is slightly larger than during main sequence. This implies that the DM evaporation mass
during this phase does not significantly change. While climbing the red giant phase, the core temperature increases up
to ∼ 108 K, the mass slightly decreases, the radius increases by up to two orders of magnitude and the core density by
several orders of magnitude, increasing φ̂c. Assuming DM thermalization to be fast enough, this results in a decrease
of the DM evaporation mass with respect to main sequence, which grows in time, though. Moving to the horizontal
branch, material is burnt not only in a shell surrounding the core, but in the core itself. Moreover, the star contracts,
reducing φ̂c. The higher DM temperature and the smaller φ̂c with respect to main sequence implies a slightly larger
DM evaporation mass in the thin regime, although it is similar in the thick regime [70]. During the asymptotic giant
branch, the DM evaporation mass follows a similar trend to that during the red giant branch, i.e., it tends to decrease
first and then grows in time. From the tip of the asymptotic giant branch on, stars lose mass (planetary nebulae),
contract and cool. The resulting effect would be a reduction of the DM evaporation mass. Note, however, that this
phase lasts too short for capture and annihilation to reach equilibrium (or even for DM to thermalize), so the time
scale for the decrease of the DM evaporation mass is too long to be effective. As a consequence, there is an abrupt
reduction in the DM evaporation mass from the end of the asymptotic giant branch to the white dwarf phase, with
values mevap . 130 MeV for white dwarfs older than ∼ 3 Gyr (or Tc . 4× 106 K). Also note that as they cool down
as white dwarfs, the DM evaporation mass continues decreasing. This is illustrated in Fig. 9, where we show the DM
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evaporation mass for white dwarfs with core temperatures Tc = 4× 105 K and Tc = 4× 106 K.
More massive stars spend much less time in post-main-sequence phases, and in general, DM capture and annihilation

would not reach equilibrium and even DM might not completely thermalize. Their non-degenerate helium core keeps
on burning without going through the helium flash. Intermediate-mass stars, 2.3 M� . M . (8 − 10) M�, while
burning helium, cross the instability strip and experience significant structural changes, before reaching the asymptotic
giant branch. Similarly to stars in the horizontal branch, the DM evaporation mass in these intermediate-mass stars
would be similar to that of their main-sequence parents (larger in the thin regime due also to the heavier composition)
and then it would tend to decrease when getting to the asymptotic giant branch, although again, the time spent in
this phase might be too short. The endpoint of this evolution is the most massive white dwarf stage, M & 0.6 M�,
with mevap . 30 MeV (when older than ∼ 3 Gyr, or Tc . 4× 106 K).

As can be seen from Fig. 9, the DM evaporation mass for white dwarfs varies from ∼ 130 MeV to ∼ 0.4 MeV (for
the geometric scattering cross section and the canonical annihilation cross section) within the core temperature range
we consider.16 This variation is about two orders of magnitude larger, within the small mass range for white dwarfs,
0.2 M� .M . 1.3 M�, than that for main-sequence stars, within a much larger mass range, 0.07 M� .M . 100 M�.
In addition to the effect of cooling, this can be understood from the mass–radius relation of white dwarfs, depicted in
the left panel of Fig. 5.

The most massive stars, M & (8 − 10) M�, keep on burning heavier elements while growing in size, maintaining
their luminosity rather unchanged. Nevertheless, they spend a very short period of time until they cannot burn
material anymore, so equilibration between DM capture and annihilation is not reached in general. In any case, given
that Ec/Tχ only varies within a factor of a few during the burning phase, the DM evaporation mass is not expected
to change much before these stars end up as neutron stars (or black holes).17 After the core collapses into a neutron
star (if it is a black hole, the concept of DM evaporation mass is meaningless), there is an abrupt decrease of the
DM evaporation mass, reaching values as low as mevap ' 0.6 keV for the heaviest and coolest neutron stars and
mevap ' 80 keV for the least massive and hottest neutron stars. This is illustrated in Fig. 9, where the variation of
the DM mass is clearly less pronounced than for white dwarfs. Likewise, this can be understood from the mass–radius
relation of neutron stars, depicted in the right panel of Fig. 5. As already discussed in Section II, the DM annihilation
cross section must be very small for DM particles with keV mass to not overclose the Universe. Therefore, we compute
the DM evaporation mass in the limit τeq → ∞, equivalent to asymmetric DM scenarios [71]. Note that, in general,
the DM evaporation mass in asymmetric scenarios is larger than in symmetric ones when equilibrium is reached.

V. SUMMARY AND CONCLUSIONS

The effects of capture of DM particles by celestial bodies have been extensively studied in the literature during
the last decades. Even if DM particles scatter with the medium and are finally gravitationally trapped within an
object, it turns out that light DM particles are very likely to be quickly kicked out and escape. This is the process of
DM evaporation, which sets a minimum DM mass that could guarantee a stable population of trapped DM particles.
In this work, we have computed in detail the DM evaporation mass for all spherical celestial bodies in hydrostatic
equilibrium, assuming constant scattering cross sections. For planetary bodies, brown dwarfs and main-sequence
stars, spanning the mass range 10−10 M� ≤ M ≤ 102 M�, we obtain the DM evaporation mass for a wide range
of DM-nucleon SI cross sections, 10−41 cm2 ≤ σp ≤ 10−31 cm2. For the average properties of celestial bodies we
consider, at the local galactic position, the absolute minimum for the DM evaporation mass is mevap ' 250 MeV, for
the most massive stars and the largest cross sections. For super-Jupiters and low-mass brown dwarfs, a minimum
value of mevap ' 300 MeV is obtained for the largest cross section we consider. For very compact objects, such as
white dwarfs and neutron stars, smaller DM evaporation masses are found, with values as low as mevap ' 0.4 MeV
(for Tc = 4×105 K) and mevap ' 0.6 keV (for Tc = 105 K), respectively. These limiting values for the DM evaporation
mass correspond to the canonical value of the (s–wave) annihilation cross section and at our local galactic position,
although the dependence on these parameters is only logarithmic.

In Section II, we have defined the concept of DM evaporation mass and have introduced all the required ingredients
for its calculation. We have discussed the critical importance of the exponential tail of the DM evaporation rate
(Fig. 1), which had already been studied for the case of the Sun [2, 3, 21, 70], although its importance has not always
been appreciated. These early papers obtained a DM evaporation mass for the Sun which is approximately given by
Ec/Tχ ' 30, where Ec is the escape energy at the core of captured DM particles and Tχ is their temperature. Similar
values are found for the DM evaporation masses obtained for the Earth [18, 19, 23, 31] and the Moon [31]. This

16 After the first version of our paper appeared on the arXiv, another calculation of the DM evaporation mass for white dwarfs was
presented [249]. When correctly accounting for the differences (mainly the core temperature, but also the density profile and the fact
that their calculation is equivalent to that for asymmetric DM scenarios), those results are in agreement with ours. Nevertheless, note
that simply correcting for the core temperature results in similar DM evaporation masses, within a factor of two.

17 An example of the evolution of the DM capture and annihilation processes in massive stars is provided in Ref. [250].
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estimate corresponds to the geometric cross section,
∑
iNi σ

geom
i = π R2. Here, we generalize this result for all round

celestial bodies in hydrostatic equilibrium. The virial theorem is at the core of this finding.
In Section III we have described the average properties, relevant for the calculation of the DM evaporation mass,

of all celestial bodies we consider throughout the paper: planetary bodies, brown dwarfs, main-sequence stars, post-
main-sequence phases of stellar evolution, white dwarfs and neutron stars. We have provided mass–radius (Figs. 2
and 5) and mass–core temperature (Fig. 3) relations, as well as density and temperature profiles and composition,
to describe the average properties of all these objects. The derived escape velocity at the surface, along with two
reference values for the galactic DM dispersion velocity, is depicted in Fig. 4.

Finally, in Section IV we have discussed the DM equilibration time (Fig. 6) and have computed the DM evaporation
mass for all these celestial bodies, as a function of the mass of the object (Figs. 7 and 9) and of the SI scattering cross
section (Fig. 8). We have also discussed the dependence with other parameters, as the position of the celestial body
in the galactic halo (DM density and velocity), the DM annihilation cross section, and the type of interaction (SI and
SD). The DM evaporation mass, however, depends only logarithmically on these parameters, so its value is rather
stable against variations of them. We have also commented on the impact of DM self-interactions or non-canonical
DM annihilation processes on the DM evaporation mass.

For the geometric value of the scattering cross section, the minimum value of the DM evaporation mass is obtained
for super-Jupiters and low-mass brown dwarfs (Fig. 7), mevap ' 0.7 GeV (at our local galactic position). The
fact that these objects are optimal sites to search for effects of capture of light DM particles has been pointed out
recently [32, 68, 76], under the assumption of constant scattering cross sections. Nevertheless, those papers neglected
the crucial exponential tail of the evaporation rate and estimated a DM evaporation mass as low as ∼ 4.5 MeV,
which represents an underestimation of the correct result by at least one order of magnitude, even after accounting for
uncertainties on the modeling of celestial bodies. Similarly, a too low DM evaporation mass for planets has also been
suggested using similar arguments [30]. Therefore, we argue that the conclusions reached in those papers for masses
below the correctly evaluated (properly accounting for the exponential tail) DM evaporation mass are not valid.

Finally, we stress again the general and robust result we obtain: for constant scattering cross section at the
geometric value, at our local galactic position, the DM evaporation mass for all spherical celestial bodies in hy-
drostatic equilibrium is approximately given by the simple expression Ec/Tχ ∼ 30, which provides the correct re-
sult within . 30% in the mass range 10−10 M� ≤ M ≤ 102 M� and in the SI scattering cross section range
10−41 cm2 ≤ σp ≤ 10−31 cm2. The dependence on the local galactic DM density, velocity, and on the scattering and
annihilation cross sections is only logarithmic, and uncertainties on the interior density and temperature profiles of
celestial bodies have a small impact.

ACKNOWLEDGMENTS

RG is supported by MIUR grant PRIN 2017FMJFMW. SPR is supported by the Spanish FEDER/MCIU-AEI
grant FPA2017-84543-P and MCIN/AEI/10.13039/501100011033 grant PID2020-113334GB-I00, and partially, by the
Portuguese FCT (UID/FIS/00777/2019 and CERN/FIS-PAR/0004/2019). SPR also acknowledges support from the
European ITN project HIDDeN (H2020-MSCA-ITN-2019//860881-HIDDeN). The authors thank the Galileo Galilei
Institute for hospitality.

[1] W. H. Press and D. N. Spergel, Capture by the Sun of a galactic population of weakly interacting massive particles,
Astrophys. J. 296, 679 (1985).

[2] K. Griest and D. Seckel, Cosmic asymmetry, neutrinos and the Sun, Nucl. Phys. B283, 681 (1987), [Erratum: Nucl.Phys.
B296, 1034-1036 (1988)].

[3] A. Gould, WIMP distribution in and evaporation from the Sun, Astrophys. J. 321, 560 (1987).
[4] A. Gould, Resonant enhancements in WIMP capture by the Earth, Astrophys. J. 321, 571 (1987).
[5] G. Steigman, C. L. Sarazin, H. Quintana, and J. Faulkner, Dynamical interactions and astrophysical effects of stable

heavy neutrinos, Astron. J. 83, 1050 (1978).
[6] D. N. Spergel and W. H. Press, Effect of hypothetical, weakly interacting, massive particles on energy transport in the

solar interior, Astrophys. J. 294, 663 (1985).
[7] J. Faulkner and R. L. Gilliland, Weakly interacting, massive particles and the solar neutrino flux, Astrophys. J. 299, 994

(1985).
[8] L. M. Krauss, K. Freese, W. Press, and D. Spergel, Cold dark matter candidates and the solar neutrino problem, Astrophys.

J. 299, 1001 (1985).
[9] R. L. Gilliland, J. Faulkner, W. H. Press, and D. N. Spergel, Solar models with energy transport by weakly interacting

particles, Astrophys. J. 306, 703 (1986).
[10] M. Nauenberg, Energy transport and evaporation of weakly interacting particles in the Sun, Phys. Rev.D36, 1080 (1987).

https://doi.org/10.1086/163485
https://doi.org/10.1016/0550-3213(87)90293-8
https://doi.org/10.1086/165652
https://doi.org/10.1086/165653
https://doi.org/10.1086/112290
https://doi.org/10.1086/163336
https://doi.org/10.1086/163766
https://doi.org/10.1086/163766
https://doi.org/10.1086/163767
https://doi.org/10.1086/163767
https://doi.org/10.1086/164380
https://doi.org/10.1103/PhysRevD.36.1080


30

[11] B. Bertoni, A. E. Nelson, and S. Reddy, Dark matter thermalization in neutron stars, Phys. Rev. D88, 123505 (2013),
arXiv:1309.1721 [hep-ph].

[12] A. Widmark, Thermalization time scales for WIMP capture by the Sun in effective theories, JCAP 1705, 046,
arXiv:1703.06878 [hep-ph].

[13] Z.-L. Liang, Y.-L. Tang, and Z.-Q. Yang, The leptophilic dark matter in the Sun: the minimum testable mass, JCAP
1810, 035, arXiv:1802.01005 [hep-ph].

[14] M. Blennow, S. Clementz, and J. Herrero-García, The distribution of inelastic dark matter in the Sun, Eur. Phys. J. C78,
386 (2018), [Erratum: Eur. Phys. J. C79, 407 (2019)], arXiv:1802.06880 [hep-ph].

[15] C. Gaidau and J. Shelton, A solar system test of self-interacting dark matter, JCAP 1906, 022, arXiv:1811.00557 [hep-ph].
[16] R. Garani, A. Gupta, and N. Raj, Observing the thermalization of dark matter in neutron stars, Phys. Rev.D103, 043019

(2021), arXiv:2009.10728 [hep-ph].
[17] J. Silk, K. A. Olive, and M. Srednicki, The photino, the Sun and high-energy neutrinos, Phys. Rev. Lett. 55, 257 (1985).
[18] K. Freese, Can scalar neutrinos or massive Dirac neutrinos be the missing mass?, Phys. Lett. B167, 295 (1986).
[19] L. M. Krauss, M. Srednicki, and F. Wilczek, Solar system constraints and signatures for dark matter candidates, Phys.

Rev. D33, 2079 (1986).
[20] J. S. Hagelin, K. Ng, and K. A. Olive, A high-energy neutrino signature from supersymmetric relics, Phys. Lett. B180,

375 (1986).
[21] T. Gaisser, G. Steigman, and S. Tilav, Limits on cold dark matter candidates from deep underground detectors, Phys.

Rev. D34, 2206 (1986).
[22] M. Srednicki, K. A. Olive, and J. Silk, High-energy neutrinos from the Sun and cold dark matter, Nucl. Phys. B279, 804

(1987).
[23] A. Gould, J. A. Frieman, and K. Freese, Probing the Earth with WIMPs, Phys. Rev. D39, 1029 (1989).
[24] A. Gould, Big bang archeology: WIMP capture by the earth at finite optical depth, Astrophys. J. 387, 21 (1992).
[25] M. Fukugita, P. Hut, and N. Spergel, Dark matter and luminous planets, (1988), IASSNS-AST-88-26.
[26] S. Dimopoulos, D. Eichler, R. Esmailzadeh, and G. D. Starkman, Getting a charge out of dark matter, Phys. Rev. D41,

2388 (1990).
[27] M. Kawasaki, H. Murayama, and T. Yanagida, Can the strongly interacting dark matter be a heating source of Jupiter?,

Prog. Theor. Phys. 87, 685 (1992).
[28] S. Mitra, Uranus’ anomalously low excess heat constrains strongly interacting dark matter, Phys. Rev. D70, 103517

(2004), arXiv:astro-ph/0408341.
[29] S. L. Adler, Planet-bound dark matter and the internal heat of Uranus, Neptune, and hot-Jupiter exoplanets, Phys. Lett.

B671, 203 (2009), arXiv:0808.2823 [astro-ph].
[30] J. Bramante, A. Buchanan, A. Goodman, and E. Lodhi, Terrestrial and martian heat flow limits on dark matter, Phys.

Rev. D101, 043001 (2020), arXiv:1909.11683 [hep-ph].
[31] R. Garani and P. Tinyakov, Constraints on dark matter from the Moon, Phys. Lett. B804, 135403 (2020),

arXiv:1912.00443 [hep-ph].
[32] R. K. Leane and J. Smirnov, Exoplanets as new sub-GeV dark matter detectors, Phys. Rev. Lett. 126, 161101 (2021),

arXiv:2010.00015 [hep-ph].
[33] A. R. Zentner and A. P. Hearin, Asymmetric dark matter may alter the evolution of low-mass stars and brown dwarfs,

Phys. Rev. D84, 101302 (2011), arXiv:1110.5919 [astro-ph.CO].
[34] A. Finzi, A new approach to the problem of dark matter, Nuovo Cim. B95, 71 (1986).
[35] J. Faulkner and F. J. Swenson, Main-sequence evolution with efficient central energy transport, Astrophys. J. Lett. 329,

L27 (1988).
[36] P. Salati and J. Silk, A stellar probe of dark matter annihilation in galactic nuclei, Astrophys. J. 346, 284 (1989).
[37] A. Bouquet and P. Salati, Dark matter and the suppression of stellar core convection, Astrophys. J. 346, 284 (1989).
[38] E. E. DeLuca, K. Griest, R. Rosner, and J. Wang, On the effects of cosmions upon the structure and evolution of very

low mass stars, (1989), FERMILAB-PUB-89-049-A.
[39] M. Fairbairn, P. Scott, and J. Edsjo, The zero age main sequence of WIMP burners, Phys. Rev. D77, 047301 (2008),

arXiv:0710.3396 [astro-ph].
[40] F. Iocco, Dark matter capture and annihilation on the first stars: preliminary estimates, Astrophys. J. Lett. 677, L1

(2008), arXiv:0802.0941 [astro-ph].
[41] K. Freese, D. Spolyar, and A. Aguirre, Dark matter capture in the first star: a power source and a limit on stellar mass,

JCAP 0811, 014, arXiv:0802.1724 [astro-ph].
[42] F. Iocco, A. Bressan, E. Ripamonti, R. Schneider, A. Ferrara, and P. Marigo, Dark matter annihilation effects on the first

stars, Mon. Not. Roy. Astron. Soc. 390, 1655 (2008), arXiv:0805.4016 [astro-ph].
[43] K. Freese, P. Bodenheimer, D. Spolyar, and P. Gondolo, Stellar structure of dark stars: a first phase of stellar evolution

due to dark matter annihilation, Astrophys. J. Lett. 685, L101 (2008), arXiv:0806.0617 [astro-ph].
[44] S.-C. Yoon, F. Iocco, and S. Akiyama, Evolution of the first stars with dark matter burning, Astrophys. J. Lett. 688, L1

(2008), arXiv:0806.2662 [astro-ph].
[45] M. Taoso, G. Bertone, G. Meynet, and S. Ekström, Dark matter annihilations in Pop III stars, Phys. Rev. D78, 123510

(2008), arXiv:0806.2681 [astro-ph].
[46] P. Scott, M. Fairbairn, and J. Edsjö, Dark stars at the galactic centre - the main sequence, Mon. Not. Roy. Astron. Soc.

394, 82 (2009), arXiv:0809.1871 [astro-ph].
[47] A. Renzini, Effects of cosmions in the Sun and in globular clusters, Astron. Astrophys. 171, 121 (1987).

https://doi.org/10.1103/PhysRevD.88.123505
https://arxiv.org/abs/1309.1721
https://doi.org/10.1088/1475-7516/2017/05/046
https://arxiv.org/abs/1703.06878
https://doi.org/10.1088/1475-7516/2018/10/035
https://doi.org/10.1088/1475-7516/2018/10/035
https://arxiv.org/abs/1802.01005
https://doi.org/10.1140/epjc/s10052-018-5863-4
https://doi.org/10.1140/epjc/s10052-018-5863-4
https://arxiv.org/abs/1802.06880
https://doi.org/10.1088/1475-7516/2019/06/022
https://arxiv.org/abs/1811.00557
https://doi.org/10.1103/PhysRevD.103.043019
https://doi.org/10.1103/PhysRevD.103.043019
https://arxiv.org/abs/2009.10728
https://doi.org/10.1103/PhysRevLett.55.257
https://doi.org/10.1016/0370-2693(86)90349-7
https://doi.org/10.1103/PhysRevD.33.2079
https://doi.org/10.1103/PhysRevD.33.2079
https://doi.org/10.1016/0370-2693(86)91205-0
https://doi.org/10.1016/0370-2693(86)91205-0
https://doi.org/10.1103/PhysRevD.34.2206
https://doi.org/10.1103/PhysRevD.34.2206
https://doi.org/10.1016/0550-3213(87)90020-4
https://doi.org/10.1016/0550-3213(87)90020-4
https://doi.org/10.1103/PhysRevD.39.1029
https://doi.org/10.1086/171057
https://doi.org/10.1103/PhysRevD.41.2388
https://doi.org/10.1103/PhysRevD.41.2388
https://doi.org/10.1143/PTP.87.685
https://doi.org/10.1103/PhysRevD.70.103517
https://doi.org/10.1103/PhysRevD.70.103517
https://arxiv.org/abs/astro-ph/0408341
https://doi.org/10.1016/j.physletb.2008.12.023
https://doi.org/10.1016/j.physletb.2008.12.023
https://arxiv.org/abs/0808.2823
https://doi.org/10.1103/PhysRevD.101.043001
https://doi.org/10.1103/PhysRevD.101.043001
https://arxiv.org/abs/1909.11683
https://doi.org/10.1016/j.physletb.2020.135403
https://arxiv.org/abs/1912.00443
https://doi.org/10.1103/PhysRevLett.126.161101
https://arxiv.org/abs/2010.00015
https://doi.org/10.1103/PhysRevD.84.101302
https://arxiv.org/abs/1110.5919
https://doi.org/10.1007/BF02749003
https://doi.org/10.1086/185174
https://doi.org/10.1086/185174
https://doi.org/110.1086/168009
https://doi.org/110.1086/168009
https://doi.org/10.1103/PhysRevD.77.047301
https://arxiv.org/abs/0710.3396
https://doi.org/10.1086/587959
https://doi.org/10.1086/587959
https://arxiv.org/abs/0802.0941
https://doi.org/10.1088/1475-7516/2008/11/014
https://arxiv.org/abs/0802.1724
https://doi.org/10.1111/j.1365-2966.2008.13853.x
https://arxiv.org/abs/0805.4016
https://doi.org/10.1086/592685
https://arxiv.org/abs/0806.0617
https://doi.org/10.1086/593976
https://doi.org/10.1086/593976
https://arxiv.org/abs/0806.2662
https://doi.org/10.1103/PhysRevD.78.123510
https://doi.org/10.1103/PhysRevD.78.123510
https://arxiv.org/abs/0806.2681
https://doi.org/10.1111/j.1365-2966.2008.14282.x
https://doi.org/10.1111/j.1365-2966.2008.14282.x
https://arxiv.org/abs/0809.1871
https://doi.org/1987A&A...171..121R


31

[48] A. Finzi, The concentration of X’s in the cores of low-mass stars in advanced evolutionary stagesr, Nuovo Cim. B100, 73
(1987).

[49] D. N. Spergel and J. Faulkner, Weakly interacting, massive particles in horizontal-branch stars, Astrophys. J. Lett. 331,
L21 (1988).

[50] D. Dearborn, G. Raffelt, P. Salati, J. Silk, and A. Bouquet, Dark matter and thermal pulses in horizontal-branch stars,
Astrophys. J. 354, 568 (1990).

[51] I. V. Moskalenko and L. Wai, Dark matter burners: preliminary estimates, (2006), arXiv:astro-ph/0608535.
[52] I. V. Moskalenko and L. L. Wai, Dark matter burners, Astrophys. J. Lett. 659, L29 (2007), arXiv:astro-ph/0702654.
[53] G. Bertone and M. Fairbairn, Compact stars as dark matter probes, Phys. Rev. D77, 043515 (2008), arXiv:0709.1485

[astro-ph].
[54] M. McCullough and M. Fairbairn, Capture of inelastic dark matter in white dwarves, Phys. Rev. D81, 083520 (2010),

arXiv:1001.2737 [hep-ph].
[55] J. Bramante, Dark matter ignition of type Ia supernovae, Phys. Rev. Lett. 115, 141301 (2015), arXiv:1505.07464 [hep-ph].
[56] P. W. Graham, S. Rajendran, and J. Varela, Dark matter triggers of supernovae, Phys. Rev. D92, 063007 (2015),

arXiv:1505.04444 [hep-ph].
[57] I. Goldman and S. Nussinov, Weakly interacting massive particles and neutron stars, Phys. Rev. D40, 3221 (1989).
[58] A. Gould, T. Draine, B, R. W. Romani, and S. Nussinov, Neutron stars: graveyard of charged dark matter, Phys. Lett.

B238, 337 (1990).
[59] C. Kouvaris, WIMP annihilation and cooling of neutron stars, Phys. Rev.D77, 023006 (2008), arXiv:0708.2362 [astro-ph].
[60] C. Kouvaris and P. Tinyakov, Can neutron stars constrain dark matter?, Phys. Rev. D82, 063531 (2010), arXiv:1004.0586

[astro-ph.GA].
[61] A. de Lavallaz and M. Fairbairn, Neutron stars as dark matter probes, Phys. Rev. D81, 123521 (2010), arXiv:1004.0629

[astro-ph.GA].
[62] M. Baryakhtar, J. Bramante, S. W. Li, T. Linden, and N. Raj, Dark kinetic heating of neutron stars and an infrared

window on WIMPs, SIMPs, and pure Higgsinos, Phys. Rev. Lett. 119, 131801 (2017), arXiv:1704.01577 [hep-ph].
[63] C. Kouvaris, Probing light dark matter via evaporation from the Sun, Phys. Rev. D92, 075001 (2015), arXiv:1506.04316

[hep-ph].
[64] G. Busoni, A. De Simone, and W.-C. Huang, On the minimum dark matter mass testable by neutrinos from the Sun,

JCAP 1307, 010, arXiv:1305.1817 [hep-ph].
[65] Z.-L. Liang, Y.-L. Wu, Z.-Q. Yang, and Y.-F. Zhou, On the evaporation of solar dark matter: spin-independent effective

operators, JCAP 1609 (09), 018, arXiv:1606.02157 [hep-ph].
[66] R. Garani and S. Palomares-Ruiz, Dark matter in the Sun: scattering off electrons vs nucleons, JCAP 1705, 007,

arXiv:1702.02768 [hep-ph].
[67] G. Busoni, A. De Simone, P. Scott, and A. C. Vincent, Evaporation and scattering of momentum- and velocity-dependent

dark matter in the Sun, JCAP 1710, 037, arXiv:1703.07784 [hep-ph].
[68] R. K. Leane and T. Linden, First analysis of Jupiter in gamma rays and a new search for dark matter, (2021),

arXiv:2104.02068 [astro-ph.HE].
[69] T. J. Raen, H. Martínez-Rodríguez, T. J. Hurst, A. R. Zentner, C. Badenes, and R. Tao, The effects of asymmet-

ric dark matter on stellar evolution I: spin-dependent scattering, Mon. Not. R. Astron. Soc. 503, 5611–5623 (2020),
arXiv:2010.04184 [astro-ph.GA].

[70] A. Gould, Evaporation of WIMPs with arbitrary cross sections, Astrophys. J. 356, 302 (1990).
[71] R. Garani, Y. Genolini, and T. Hambye, New analysis of neutron star constraints on asymmetric dark matter, JCAP

1905, 035, arXiv:1812.08773 [hep-ph].
[72] N. F. Bell, G. Busoni, S. Robles, and M. Virgato, Improved treatment of dark matter capture in neutron stars II: leptonic

targets, JCAP 2103, 086, arXiv:2010.13257 [hep-ph].
[73] R. F. Garcia et al., Lunar seismology: an update on interior structure models, Space Sci. Rev. 215, 50 (2019).
[74] G. Tancredi, Physical and dynamical characteristics of icy “dwarf planets” (plutoids), in

Proc. of the International Astronomical Union, Vol. 5 (2009) pp. 173–185.
[75] C. H. Lineweaver and M. Norman, The potato radius: a lower minimum size for dwarf planets, in

Proc. of the 9th Australian Space Science Conference (2010) arXiv:1004.1091 [astro-ph.EP].
[76] R. K. Leane, T. Linden, P. Mukhopadhyay, and N. Toro, Celestial-body focused dark matter annihilation throughout the

Galaxy, Phys. Rev. D103, 075030 (2021), arXiv:2101.12213 [astro-ph.HE].
[77] A. Gould and G. Raffelt, Thermal conduction by massive particles, Astrophys. J. 352, 654 (1990).
[78] A. Bottino, N. Fornengo, D. Ricci, S. Scopel, and F. L. Villante, Does solar physics provide constraints to weakly

interacting massive particles?, Phys. Rev. D66, 053005 (2002), arXiv:hep-ph/0206211 [hep-ph].
[79] W.-L. Guo, Z.-L. Liang, and Y.-L. Wu, Direct detection and solar capture of dark matter with momentum and velocity

dependent elastic scattering, Nucl. Phys. B878, 295 (2014), arXiv:1305.0912 [hep-ph].
[80] R. Catena and B. Schwabe, Form factors for dark matter capture by the Sun in effective theories, JCAP 1504, 042,

arXiv:1501.03729 [hep-ph].
[81] A. C. Vincent, A. Serenelli, and P. Scott, Generalised form factor dark matter in the Sun, JCAP 1508, 040,

arXiv:1504.04378 [hep-ph].
[82] J. Bramante, A. Delgado, and A. Martin, Multiscatter stellar capture of dark matter, Phys. Rev. D96, 063002 (2017),

arXiv:1703.04043 [hep-ph].
[83] B. Dasgupta, A. Gupta, and A. Ray, Dark matter capture in celestial objects: Improved treatment of multiple scattering

and updated constraints from white dwarfs, JCAP 1908, 018, arXiv:1906.04204 [hep-ph].

https://doi.org/10.1007/BF02829777
https://doi.org/10.1007/BF02829777
https://doi.org/10.1086/185227
https://doi.org/10.1086/185227
https://doi.org/10.1086/168716
https://arxiv.org/abs/astro-ph/0608535
https://doi.org/10.1086/516708
https://arxiv.org/abs/astro-ph/0702654
https://doi.org/10.1103/PhysRevD.77.043515
https://arxiv.org/abs/0709.1485
https://arxiv.org/abs/0709.1485
https://doi.org/10.1103/PhysRevD.81.083520
https://arxiv.org/abs/1001.2737
https://doi.org/10.1103/PhysRevLett.115.141301
https://arxiv.org/abs/1505.07464
https://doi.org/10.1103/PhysRevD.92.063007
https://arxiv.org/abs/1505.04444
https://doi.org/10.1103/PhysRevD.40.3221
https://doi.org/10.1016/0370-2693(90)91745-W
https://doi.org/10.1016/0370-2693(90)91745-W
https://doi.org/10.1103/PhysRevD.77.023006
https://arxiv.org/abs/0708.2362
https://doi.org/10.1103/PhysRevD.82.063531
https://arxiv.org/abs/1004.0586
https://arxiv.org/abs/1004.0586
https://doi.org/10.1103/PhysRevD.81.123521
https://arxiv.org/abs/1004.0629
https://arxiv.org/abs/1004.0629
https://doi.org/10.1103/PhysRevLett.119.131801
https://arxiv.org/abs/1704.01577
https://doi.org/10.1103/PhysRevD.92.075001
https://arxiv.org/abs/1506.04316
https://arxiv.org/abs/1506.04316
https://doi.org/10.1088/1475-7516/2013/07/010
https://arxiv.org/abs/1305.1817
https://doi.org/10.1088/1475-7516/2016/09/018
https://arxiv.org/abs/1606.02157
https://doi.org/10.1088/1475-7516/2017/05/007
https://arxiv.org/abs/1702.02768
https://doi.org/10.1088/1475-7516/2017/10/037
https://arxiv.org/abs/1703.07784
https://arxiv.org/abs/2104.02068
https://doi.org/10.1093/mnras/stab865
https://arxiv.org/abs/2010.04184
https://doi.org/10.1086/168840
https://doi.org/10.1088/1475-7516/2019/05/035
https://doi.org/10.1088/1475-7516/2019/05/035
https://arxiv.org/abs/1812.08773
https://doi.org/10.1088/1475-7516/2021/03/086
https://arxiv.org/abs/2010.13257
https://doi.org/10.1007/s11214-019-0613-y
https://doi.org/10.1017/S1743921310001717
https://arxiv.org/abs/1004.1091
https://doi.org/10.1103/PhysRevD.103.075030
https://arxiv.org/abs/2101.12213
https://doi.org/10.1086/168568
https://doi.org/10.1103/PhysRevD.66.053005
https://arxiv.org/abs/hep-ph/0206211
https://doi.org/10.1016/j.nuclphysb.2013.11.016
https://arxiv.org/abs/1305.0912
https://doi.org/10.1088/1475-7516/2015/04/042
https://arxiv.org/abs/1501.03729
https://doi.org/10.1088/1475-7516/2015/08/040
https://arxiv.org/abs/1504.04378
https://doi.org/10.1103/PhysRevD.96.063002
https://arxiv.org/abs/1703.04043
https://doi.org/10.1088/1475-7516/2019/08/018
https://arxiv.org/abs/1906.04204


32

[84] C. Ilie, J. Pilawa, and S. Zhang, Comment on “Multiscatter stellar capture of dark matter”, Phys. Rev. D102, 048301
(2020), arXiv:2005.05946 [astro-ph.CO].

[85] J. R. Ellis and R. Flores, Realistic predictions for the detection of supersymmetric dark matter, Nucl. Phys. B307, 883
(1988).

[86] A. F. Pacheco and D. Strottman, Nuclear structure corrections to estimates of the spin dependent WIMP nucleus cross-
section, Phys. Rev. D40, 2131 (1989).

[87] J. Engel and P. Vogel, Spin dependent cross-sections of weakly interacting massive particles on nuclei, Phys. Rev. D40,
3132 (1989).

[88] J. Engel, S. Pittel, and P. Vogel, Nuclear physics of dark matter detection, Int. J. Mod. Phys. E1, 1 (1992).
[89] P. Divari, T. Kosmas, J. Vergados, and L. Skouras, Shell model calculations for light supersymmetric particle scattering

off light nuclei, Phys. Rev. C61, 054612 (2000).
[90] V. A. Bednyakov and F. Simkovic, Nuclear spin structure in dark matter search: The zero momentum transfer limit,

Phys. Part. Nucl. 36, 131 (2005), [Fiz. Elem. Chast. Atom. Yadra 36, 257 (2005)], arXiv:hep-ph/0406218 [hep-ph].
[91] N. Bernal, J. Martín-Albo, and S. Palomares-Ruiz, A novel way of constraining WIMPs annihilations in the Sun: MeV

neutrinos, JCAP 1308, 011, arXiv:1208.0834 [hep-ph].
[92] D. A. Neufeld, G. R. Farrar, and C. F. McKee, Dark matter that interacts with baryons: density distribution within the

Earth and new constraints on the interaction cross-section, Astrophys. J. 866, 111 (2018), arXiv:1805.08794 [astro-ph.CO].
[93] M. Pospelov and H. Ramani, Earth-bound millicharge relics, Phys. Rev. D103, 115031 (2021), arXiv:2012.03957 [hep-ph].
[94] A. Gould and G. Raffelt, Cosmion energy transfer in stars: the Knudsen limit, Astrophys. J. 352, 669 (1990).
[95] C. Ilie, C. Levy, J. Pilawa, and S. Zhang, Constraining dark matter properties with the first generation of stars, Phys.

Rev. D104, 123031 (2021), arXiv:2009.11474 [astro-ph.CO].
[96] N. F. Bell, G. Busoni, S. Robles, and M. Virgato, Improved treatment of dark matter capture in neutron stars, JCAP

2009, 028, arXiv:2004.14888 [hep-ph].
[97] J. Chen and D. Kipping, Probabilistic forecasting of the masses and radii of other worlds, Astrophys. J. 834, 17 (2017).
[98] M. Deleuil, H. J. Deeg, R. Alonso, F. Bouchy, and D. Rouan, Transiting exoplanets from the CoRoT space mis-

sion VI. CoRoT-Exo-3b: The first secure inhabitant of the brown-dwarf desert, Astron. Astrophys. 491, 889 (2008),
arXiv:0810.0919 [astro-ph].

[99] J. A. Johnson, K. Apps, J. Z. Gazak, J. Crepp, I. J. Crossfield, A. W. Howard, G. W. Marcy, T. D. Morton, C. Chubak,
and H. Isaacson, LHS6343C: a transiting field brown dwarf discovered by the Kepler mission, Astrophys. J. 730, 79
(2011), arXiv:1008.4141 [astro-ph.EP].

[100] F. Bouchy, M. Deleuil, T. Guillot, S. Aigrain, L. Carone, and W. D. Cochran, Transiting exoplanets from the CoRoT space
mission. XV. CoRoT-15b: a brown dwarf transiting companion, Astron. Astrophys. 525, A68 (2011), arXiv:1010.0179
[astro-ph.EP].

[101] D. R. Anderson et al., WASP-30b: a 61MJ brown dwarf transiting a V=12, F8 star, Astrophys. J. Lett. 726, L19 (2011),
arXiv:1010.3006 [astro-ph.SR].

[102] R. J. Siverd et al., KELT-1b: A strongly irradiated, highly inflated, short period, 27 Jupiter-mass companion transiting
a mid-F star, Astrophys. J. 761, 123 (2012), arXiv:1206.1635 [astro-ph.EP].

[103] R. F. Díaz et al., SOPHIE velocimetry of Kepler transit candidates. VIII. KOI-205 b: a brown-dwarf companion to a
K-type dwarf, Astron. Astrophys. 551, L9 (2013), arXiv:1302.2628 [astro-ph.EP].

[104] C. Moutou et al., SOPHIE velocimetry of Kepler transit candidates IX. KOI-415 b: a long-period, eccentric transiting
brown dwarf to an evolved Sun, Astron. Astrophys. 558, L6 (2013), arXiv:1309.0905 [astro-ph.EP].

[105] S. P. Littlefair et al., The substellar companion in the eclipsing white dwarf binary SDSS J141126.20+200911.1, Mon.
Not. R. Astron. Soc. 445, 2106 (2014), arXiv:1409.3125 [astro-ph.SR].

[106] S. G. Parsons et al., The scatter of the M dwarf mass–radius relationship, Mon. Not. R. Astron. Soc. 481, 1083 (2018),
arXiv:1808.07780 [astro-ph.SR].

[107] Z. Eker, Bakiş, S. Bilir, F. Soydugan, I. Steer, E. Soydugan, Bakiş, Alivçavuş, G. Aslan, and M. Alpsoy, Interrelated
main-sequence mass–luminosity, mass–radius, and mass–effective temperature relations, Mon. Not. R. Astron. Soc. 479,
5491–5511 (2018), arXiv:1807.02568 [astro-ph.SR].

[108] G. Chabrier, I. Baraffe, J. Leconte, J. Gallardo, and T. Barman, The mass-radius relationship from solar-type stars to
terrestrial planets: a review, AIP Conf. Proc. 1094, 102 (2009), arXiv:0810.5085 [astro-ph].

[109] M. T. Frandsen and S. Sarkar, Asymmetric dark matter and the Sun, Phys. Rev. Lett. 105, 011301 (2010), arXiv:1003.4505
[hep-ph].

[110] D. S. Kothari, The theory of pressure-ionization and its applications, Proc. R. Soc. A165, 486 (1938).
[111] W. C. Demarcus, The constitution of Jupiter and Saturn, Astrophys. J. 63, 2 (1958).
[112] T. Hamada and E. E. Salpeter, Models for zero-temperature stars, Astrophys. J. 134, 683 (1961).
[113] H. S. Zapolsky and E. E. Salpeter, The mass-radius relation for cold spheres of low mass, Astrophys. J. 158, 809 (1969).
[114] J. J. Fortney, M. S. Marley, and J. W. Barnes, Planetary radii across five orders of magnitude in mass and stellar

insolation: application to transits, Astrophys. J. 659, 1661 (2007), arXiv:astro-ph/0612671.
[115] S. Seager, M. Kuchner, C. Hier-Majumder, and B. Militzer, Mass-radius relationships for solid exoplanets, Astrophys. J.

669, 1279 (2007), arXiv:0707.2895 [astro-ph].
[116] I. Baraffe, G. Chabrier, T. S. Barman, F. Allard, and P. H. Hauschildt, Evolutionary models for cool brown dwarfs and

extrasolar giant planets. The case of HD 209458, Astron. Astrophys. 402, 701 (2003).
[117] K. Batygin and D. J. Stevenson, Mass-radius relationships for very low mass gaseous planets, Astrophys. J. Lett. 769,

L9 (2013).

https://doi.org/10.1103/PhysRevD.102.048301
https://doi.org/10.1103/PhysRevD.102.048301
https://arxiv.org/abs/2005.05946
https://doi.org/10.1016/0550-3213(88)90111-3
https://doi.org/10.1016/0550-3213(88)90111-3
https://doi.org/10.1103/PhysRevD.40.2131
https://doi.org/10.1103/PhysRevD.40.3132
https://doi.org/10.1103/PhysRevD.40.3132
https://doi.org/10.1142/S0218301392000023
https://doi.org/10.1103/PhysRevC.61.054612
https://arxiv.org/abs/hep-ph/0406218
https://doi.org/10.1088/1475-7516/2013/08/011
https://arxiv.org/abs/1208.0834
https://doi.org/10.3847/1538-4357/aad6a4
https://arxiv.org/abs/1805.08794
https://doi.org/10.1103/PhysRevD.103.115031
https://arxiv.org/abs/2012.03957
https://doi.org/10.1086/168569
https://doi.org/10.1103/PhysRevD.104.123031
https://doi.org/10.1103/PhysRevD.104.123031
https://arxiv.org/abs/2009.11474
https://doi.org/10.1088/1475-7516/2020/09/028
https://doi.org/10.1088/1475-7516/2020/09/028
https://arxiv.org/abs/2004.14888
https://doi.org/10.3847/1538-4357/834/1/17
https://doi.org/10.1051/0004-6361:200810625
https://arxiv.org/abs/0810.0919
https://doi.org/10.1088/0004-637X/730/2/79
https://doi.org/10.1088/0004-637X/730/2/79
https://arxiv.org/abs/1008.4141
https://doi.org/10.1051/0004-6361/201015276
https://arxiv.org/abs/1010.0179
https://arxiv.org/abs/1010.0179
https://doi.org/10.1088/2041-8205/726/2/L19
https://arxiv.org/abs/1010.3006
https://doi.org/10.1088/0004-637X/761/2/123
https://arxiv.org/abs/1206.1635
https://doi.org/10.1051/0004-6361/201321124
https://arxiv.org/abs/1302.2628
https://doi.org/10.1051/0004-6361/201322201
https://arxiv.org/abs/1309.0905
https://doi.org/10.1093/mnras/stu1895
https://doi.org/10.1093/mnras/stu1895
https://arxiv.org/abs/1409.3125
https://doi.org/10.1093/mnras/sty2345
https://arxiv.org/abs/1808.07780
https://doi.org/10.1093/mnras/sty1834
https://doi.org/10.1093/mnras/sty1834
https://arxiv.org/abs/1807.02568
https://doi.org/10.1063/1.3099078
https://arxiv.org/abs/0810.5085
https://doi.org/10.1103/PhysRevLett.105.011301
https://arxiv.org/abs/1003.4505
https://arxiv.org/abs/1003.4505
https://doi.org/10.1098/rspa.1938.0073
https://doi.org/10.1086/107672
https://doi.org/10.1086/147195
https://doi.org/10.1086/150240
https://doi.org/10.1086/512120
https://arxiv.org/abs/astro-ph/0612671
https://doi.org/10.1086/521346
https://doi.org/10.1086/521346
https://arxiv.org/abs/0707.2895
https://doi.org/10.1051/0004-6361:20030252
https://doi.org/10.1088/2041-8205/769/1/L9
https://doi.org/10.1088/2041-8205/769/1/L9


33

[118] D. Valencia, R. J. O’Connell, and D. D. Sasselov, Internal structure of massive terrestrial planets, Icarus 181, 545 (2006),
arXiv:astro-ph/0511150.

[119] D. Valencia, D. D. Sasselov, and R. J. O’Connell, Detailed models of super-Earths: how well can we infer bulk properties?,
Astrophys. J. 665, 1413 (2007), arXiv:0704.3454 [astro-ph].

[120] P. C. Thomas, Sizes, shapes, and derived properties of the saturnian satellites after the Cassini nominal mission, Icarus
208, 395 (2010).

[121] R. S. Park et al., A partially differentiated interior for (1) Ceres deduced from its gravity field and shape, Nature 537,
515 (2016).

[122] P. Vernazza et al., A basin-free spherical shape as an outcome of a giant impact on asteroid Hygiea, Nature Astron. 4,
136 (2020).

[123] J. Hanuš et al., (704) Interamnia: A transitional object between a dwarf planet and a typical irregular-shaped minor
body, Astron. Astrophys. 633, A65 (2020), arXiv:1911.13049 [astro-ph.EP].

[124] F. D. Murnaghan, The compressibility of media under extreme pressures, Proc. Natl. Acad. Sci. 30, 244 (1944).
[125] F. Birch, Finite elastic strain of cubic crystals, Phys. Rev. 71, 809 (1947).
[126] E. E. Salpeter and H. S. Zapolsky, Theoretical high-pressure equations of state including correlation energy, Phys. Rev.

158, 876 (1967).
[127] P. Vinet, J. Ferrante, J. H. Rose, and J. R. Smith, Compressibility of solids, J. Geophys. Res.: Solid Earth 92, 9319

(1987).
[128] P. Vinet, J. Ferrante, J. H. Rose, and J. R. Smith, Universal feature of the equation of state of solids, J. Phys.: Condens.

Matter 1, 1941 (1989).
[129] J.-P. Poirier, Introduction to the physics of Earth’s interior (Cambridge University Press, 2000).
[130] P. B. Roy and S. B. Roy, Applicability of isothermal three-parameter equations of state of solids - a reappraisal, J. Phys.:

Condens. Matter 17, 6193 (2005).
[131] P. B. Roy and S. B. Roy, Applicability of isothermal unrealistic two-parameter equations of state of solids, J. Phys.:

Condens. Matter 18, 10481 (2006).
[132] D. Swift, J. Eggert, D. Hicks, S. Hamel, K. Caspersen, E. Schwegler, G. Collins, and G. Ackland, Mass-radius relationships

for exoplanets, Astrophys. J. 744, 59 (2012), arXiv:1001.4851 [astro-ph.EP].
[133] S. P. Weppner, J. P. McKelvey, K. D. Thielen, and A. K. Zielinski, A variable polytrope index applied to planet and

material models, Mon. Not. R. Astron. Soc. 452, 1375 (2015), arXiv:1409.5525 [astro-ph.EP].
[134] S. Mazevet, A. Licari, G. Chabrier, and A. Y. Potekhin, Ab initio based equation of state of dense water for planetary

and exoplanetary modeling, Astron. Astrophys. 621, A128 (2019), arXiv:1810.05658 [astro-ph.EP].
[135] C. Mordasini, Y. Alibert, and W. Benz, Extrasolar planet population synthesis I: method, formation tracks and mass-

distance distribution, Astron. Astrophys. 501, 1139 (2009), arXiv:0904.2524 [astro-ph.EP].
[136] C. Mordasini, Y. Alibert, H. Klahr, and T. Henning, Characterization of exoplanets from their formation I: models of

combined planet formation and evolution, Astron. Astrophys. 547, A111 (2012), arXiv:1206.6103 [astro-ph.EP].
[137] C. Mordasini, Y. Alibert, C. Georgy, K. M. Dittkrist, H. Klahr, and T. Henning, Characterization of exoplanets from their

formation II: the planetary mass-radius relationship, Astron. Astrophys. 547, A112 (2012), arXiv:1206.3303 [astro-ph.EP].
[138] C. Sotin, O. Grasset, and A. Mocquet, Mass-radius curve for extrasolar Earth-like planets and ocean planets, Icarus 191,

337 (2007).
[139] L. M. Weiss et al., The mass of KOI-94d and a relation for planet radius, mass, and incident flux, Astrophys. J. 768, 14

(2013), arXiv:1303.2150 [astro-ph.EP].
[140] A. P. Hatzes and H. Rauer, A definition for giant planets based on the mass-densit relationship, Astrophys. J. Lett. 810,

L25 (2015), arXiv:1506.05097 [astro-ph.EP].
[141] L. Zeng, D. D. Sasselov, and S. B. Jacobsen, Mass-radius relation for rocky planets based on PREM, Astrophys. J. 819,

127 (2016).
[142] A. Wolfgang, L. A. Rogers, and E. B. Ford, Probabilistic mass-radius relationship for sub-Neptune-sized planets, Astro-

phys. J. 825, 19 (2016).
[143] D. Bashi, R. Helled, S. Zucker, and C. Mordasini, Two empirical regimes of the planetary mass-radius relation, Astron.

Astrophys. 604, A83 (2017).
[144] L. M. Weiss and G. W. Marcy, The mass-radius relation for 65 exoplanets smaller than 4 Earth radii, Astrophys. J. Lett.

783, L6 (2014), arXiv:1312.0936 [astro-ph.EP].
[145] H. Mizuno, Formation of the giant planets, Prog. Theor. Phys. 64, 544 (1980).
[146] D. J. Stevenson, Formation of the giant planets, Planet. Space Sci. 30, 755 (1982).
[147] G. Laughlin and J. J. Lissauer, Exoplanetary geophysics: an emerging discipline, in

Treatise on Geophysics (Second edition), Vol. 10, edited by G. Schubert (Elsevier, 2015) pp. 673–694.
[148] D. Valencia, D. D. Sasselov, and R. J. O’Connell, Radius and structure models for the first super-Earth planet, Astrophys.

J. 656, 545 (2007), arXiv:astro-ph/0610122.
[149] L. Zeng and S. B. Jacobsen, A simple analytical model for rocky planet interiors, Astrophys. J. 837, 164 (2017).
[150] F. Sohl and G. Schubert, Interior structure, composition, and mineralogy of the terrestrial planets, in

Treatise on geophysics (Second edition), Vol. 10, edited by G. Schubert (Elsevier, 2015) pp. 23–64.
[151] G. Schubert, J. D. Anderson, T. Spohn, and W. B. McKinnon, Interior composition, structure and dynamics of the

Galilean satellites, in Jupiter. The planet, satellites and magnetosphere, edited by F. Bagenal, T. E. Dowling, McKinnon,
and W. B. (Cambridge University Press, 2004) p. 281–306.

[152] A. Rivoldini, T. Van Hoolst, O. Verhoeven, A. Mocquet, and V. Dehant, Geodesy constraints on the interior structure
and composition of Mars, Icarus 213, 451 (2011).

https://doi.org/10.1016/j.icarus.2005.11.021
https://arxiv.org/abs/astro-ph/0511150
https://doi.org/10.1086/519554
https://arxiv.org/abs/0704.3454
https://doi.org/10.1016/j.icarus.2010.01.025
https://doi.org/10.1016/j.icarus.2010.01.025
https://doi.org/10.1038/nature18955
https://doi.org/10.1038/nature18955
https://doi.org/10.1038/s41550-019-0915-8
https://doi.org/10.1038/s41550-019-0915-8
https://doi.org/10.1051/0004-6361/201936639
https://arxiv.org/abs/1911.13049
https://doi.org/10.1073/pnas.30.9.244
https://doi.org/10.1103/PhysRev.71.809
https://doi.org/10.1103/PhysRev.158.876
https://doi.org/10.1103/PhysRev.158.876
https://doi.org/10.1029/JB092iB09p09319
https://doi.org/10.1029/JB092iB09p09319
https://doi.org/10.1088/0953-8984/1/11/002
https://doi.org/10.1088/0953-8984/1/11/002
https://doi.org/10.1088/0953-8984/17/39/007
https://doi.org/10.1088/0953-8984/17/39/007
https://doi.org/10.1088/0953-8984/18/46/015
https://doi.org/10.1088/0953-8984/18/46/015
https://doi.org/10.1088/0004-637X/744/1/59
https://arxiv.org/abs/1001.4851
https://doi.org/10.1093/mnras/stv1397
https://arxiv.org/abs/1409.5525
https://doi.org/10.1051/0004-6361/201833963
https://arxiv.org/abs/1810.05658
https://doi.org/10.1051/0004-6361/200810301
https://arxiv.org/abs/0904.2524
https://doi.org/10.1051/0004-6361/201118457
https://arxiv.org/abs/1206.6103
https://doi.org/10.1051/0004-6361/201118464
https://arxiv.org/abs/1206.3303
https://doi.org/10.1016/j.icarus.2007.04.006
https://doi.org/10.1016/j.icarus.2007.04.006
https://doi.org/10.1088/0004-637X/768/1/14
https://doi.org/10.1088/0004-637X/768/1/14
https://arxiv.org/abs/1303.2150
https://doi.org/10.1088/2041-8205/810/2/L25
https://doi.org/10.1088/2041-8205/810/2/L25
https://arxiv.org/abs/1506.05097
https://doi.org/10.3847/0004-637X/819/2/127
https://doi.org/10.3847/0004-637X/819/2/127
https://doi.org/10.3847/0004-637X/825/1/19
https://doi.org/10.3847/0004-637X/825/1/19
https://doi.org/10.1051/0004-6361/201629922
https://doi.org/10.1051/0004-6361/201629922
https://doi.org/10.1088/2041-8205/783/1/L6
https://doi.org/10.1088/2041-8205/783/1/L6
https://arxiv.org/abs/1312.0936
https://doi.org/10.1143/PTP.64.544
https://doi.org/10.1016/0032-0633(82)90108-8
https://doi.org/10.1016/B978-0-444-53802-4.00186-X
https://doi.org/10.1086/509800
https://doi.org/10.1086/509800
https://arxiv.org/abs/astro-ph/0610122
https://doi.org/10.3847/1538-4357/aa6218
https://doi.org/10.1016/B978-0-444-53802-4.00166-4
https://doi.org/10.1016/j.icarus.2011.03.024


34

[153] A. Aitta, Venus’ internal structure, temperature and core composition, Icarus 218, 967 (2012).
[154] J. S. Knibbe and W. van Westrenen, The thermal evolution of Mercury’s Fe-Si core, Earth Planet. Sci. Lett. 482, 147.159

(2018).
[155] J. Li, Q. Wu, J. Li, T. Xue, X. Tan, X. Zhou, Y. Zhang, Z. Xiong, Z. Gao, and T. Sekine, Shock melting curve of iron: a

consensus on the temperature at the Earth’s inner core boundary, Geophys. Res. Lett. 47, e2020GL087758 (2020).
[156] R. Helled, J. D. Anderson, M. Podolak, and G. Schubert, Interior models of Uranus and Neptune, Astrophys. J. 726, 15

(2011), arXiv:1010.5546 [astro-ph.EP].
[157] M. S. Marley and J. J. Fortney, Interiors of the giant planets, in Encyclopedia of the Solar System (Third Edition) (El-

sevier, 2014) p. 743–758.
[158] D. J. Stevenson, Jupiter’s interior as revealed by Juno, Ann. Rev. Earth Planet. Sci. 48, 465 (2000).
[159] M. S. Marley, P. Gómez, and M. Podolak, Monte Carlo interior models for Uranus and Neptune, J. Geophys. Res.: Planets

100, 23349 (1995).
[160] M. Podolak, J. I. Podolak, and M. S. Marley, Further investigations of random models of Uranus and Neptune, Planet.

Space Sci. 48, 143 (2000).
[161] J. J. Fortney and N. Nettelmann, The interior structure, composition, and evolution of giant planets, Space Sci. Rev.

152, 423 (2010), arXiv:0912.0533 [astro-ph.EP].
[162] N. Nettelmann, R. Helled, J. J. Fortney, and R. Redmer, New indication for a dichotomy in the interior structure of Uranus

and Neptune from the application of modified shape and rotation data, Planet. Space Sci. 77, 143 (2013), arXiv:1207.2309
[astro-ph.EP].

[163] T. Guillot and D. Gautier, Giant planets, in Treatise on Geophysics (Second edition), Vol. 10, edited by G. Schubert
(Elsevier, 2015) pp. 529–557, arXiv:1405.3752 [astro-ph.EP].

[164] G. Chabrier and I. Baraffe, Theory of low-mass stars and substellar objects, Ann. Rev. Astron. Astrophys. 38, 337 (2000),
arXiv:astro-ph/0006383.

[165] N. Nettelmann, A. Becker, B. Holst, and R. Redmer, Jupiter models with improved ab initio hydrogen EOS (H-REOS.2),
Astrophys. J. 750, 52 (2012), arXiv:1109.5644 [astro-ph.EP].

[166] B. Militzer and W. B. Hubbard, Ab initio equation of state for hydrogen-helium mixtures with recalibration of the
giant-planet mass-radius relation, Astrophys. J. 774, 148 (2013), arXiv:1302.4691 [astro-ph.EP].

[167] Y. Miguel, T. Guillot, and L. Fayon, Jupiter internal structure: the effect of different equations of state, Astron. Astrophys.
596, A114 (2016), arXiv:1609.05460 [astro-ph.EP].

[168] Y. Miguel, T. Guillot, and L. Fayon, Jupiter internal structure: the effect of different equations of state (Corrigendum),
Astron. Astrophys. 618, C2 (2018).

[169] S. Mazevet, R. Musella, and F. Guyot, The fate of planetary cores in giant and ice-giant planets, Astron. Astrophys. 631,
L4 (2019), arXiv:1909.07640 [astro-ph.EP].

[170] A. Johansen and P. Lacerda, Prograde rotation of protoplanets by accretion of pebbles in a gaseous environment, Mon.
Not. R. Astron. Soc. 404, 475 (2010), arXiv:0910.1524 [astro-ph.EP].

[171] C. W. Ormel and H. H. Klahr, The effect of gas drag on the growth of protoplanets – Analytical expressions for the
accretion of small bodies in laminar diskst, Astron. Astrophys. 520, A43 (2010), arXiv:1007.0916 [astro-ph.EP].

[172] B. C. Bromley and S. J. Kenyon, A new hybrid N-body-coagulation code for the formation of gas giant planets, Astrophys.
J. 731, 101 (2011), arXiv:1012.0574 [astro-ph.EP].

[173] M. Lambrechts and A. Johansen, Rapid growth of gas-giant cores by pebble accretion, Astron. Astrophys. 544, A32
(2012), arXiv:1205.3030 [astro-ph.EP].

[174] A. Morbidelli and D. Nesvorny, Dynamics of pebbles in the vicinity of a growing planetary embryo: hydro-dynamical
simulations, Astron. Astrophys. 546, A18 (2012), arXiv:1208.4687 [astro-ph.EP].

[175] M. Lambrechts, A. Johansen, and A. Morbidelli, Separating gas-giant and ice-giant planets by halting pebble accretion,
Astron. Astrophys. 572, A35 (2014), arXiv:1408.6087 [astro-ph.EP].

[176] A. Burrows, K. Heng, and T. Nampaisarn, The dependence of brown dwarf radii on atmospheric metallicity and clouds:
theory and comparison with observations, Astrophys. J. 736, 47 (2011), arXiv:1102.3922 [astro-ph.SR].

[177] D. J. Stevenson, The search for brown dwarfs, Ann. Rev. Astron. Astrophys. 29, 163 (1991).
[178] A. Burrows and J. Liebert, The science of brown dwarfs, Rev. Mod. Phys. 65, 301 (1993).
[179] A. Burrows, W. B. Hubbard, J. I. Lunine, and J. Liebert, The theory of brown dwarfs and extrasolar giant planets, Rev.

Mod. Phys. 73, 719 (2001), arXiv:astro-ph/0103383.
[180] I. Baraffe, G. Chabrier, and T. Barman, Structure and evolution of super-Earth to super-Jupiter exoplanets: I. Heavy

element enrichment in the interior, Astron. Astrophys. 482, 315 (2008), arXiv:0802.1810 [astro-ph].
[181] P. Molliere and C. Mordasini, Deuterium burning in objects forming via the core accretion scenario - Brown dwarfs or

planets?, Astron. Astrophys. 547, A105 (2012), arXiv:1210.0538 [astro-ph.EP].
[182] A. S. Grossman and H. C. Graboske, Evolution of low-mass stars. V. Minimum mass for the deuterium main sequence,

Astrophys. J. 180, 195 (1973).
[183] D. Saumon and M. S. Marley, The evolution of L and T dwarfs in color-magnitude diagrams, Astrophys. J. 689, 1327

(2008), arXiv:0808.2611 [astro-ph].
[184] D. S. Spiegel, A. Burrows, and J. A. Milsom, The Deuterium-burning mass limit for brown dwarfs and giant planets,

Astrophys. J. 727, 57 (2011), arXiv:1008.5150 [astro-ph.EP].
[185] S. S. Kumar, The structure of stars of very low mass, Astrophys. J. 137, 1121 (1963).
[186] A. S. Grossman, D. Hays, and H. C. Graboske Jr., The theoretical low mass main sequence, Astron. Astrophys. 30, 95

(1974).

https://doi.org/10.1016/j.icarus.2012.01.007
https://doi.org/10.1016/j.epsl.2017.11.006
https://doi.org/10.1016/j.epsl.2017.11.006
https://doi.org/10.1029/2020GL087758
https://doi.org/10.1088/0004-637X/726/1/15
https://doi.org/10.1088/0004-637X/726/1/15
https://arxiv.org/abs/1010.5546
https://doi.org/10.1016/b978-0-12-415845-0.00033-5
https://doi.org/10.1146/annurev-earth-081619-052855
https://doi.org/10.1029/95JE02362
https://doi.org/10.1029/95JE02362
https://doi.org/10.1016/S0032-0633(99)00088-4
https://doi.org/10.1016/S0032-0633(99)00088-4
https://doi.org/10.1007/s11214-009-9582-x
https://doi.org/10.1007/s11214-009-9582-x
https://arxiv.org/abs/0912.0533
https://doi.org/10.1016/j.pss.2012.06.019
https://arxiv.org/abs/1207.2309
https://arxiv.org/abs/1207.2309
https://doi.org/10.1016/B978-0-444-53802-4.00176-7
https://arxiv.org/abs/1405.3752
https://doi.org/10.1146/annurev.astro.38.1.337
https://arxiv.org/abs/astro-ph/0006383
https://doi.org/10.1088/0004-637X/750/1/52
https://arxiv.org/abs/1109.5644
https://doi.org/10.1088/0004-637X/774/2/148
https://arxiv.org/abs/1302.4691
https://doi.org/10.1051/0004-6361/201629732
https://doi.org/10.1051/0004-6361/201629732
https://arxiv.org/abs/1609.05460
https://doi.org/10.1051/0004-6361/201629732e
https://doi.org/10.1051/0004-6361/201936288
https://doi.org/10.1051/0004-6361/201936288
https://arxiv.org/abs/1909.07640
https://doi.org/10.1111/j.1365-2966.2010.16309.x
https://doi.org/10.1111/j.1365-2966.2010.16309.x
https://arxiv.org/abs/0910.1524
https://doi.org/10.1051/0004-6361/201014903
https://arxiv.org/abs/1007.0916
https://doi.org/10.1088/0004-637X/731/2/101
https://doi.org/10.1088/0004-637X/731/2/101
https://arxiv.org/abs/1012.0574
https://doi.org/10.1051/0004-6361/2012191274
https://doi.org/10.1051/0004-6361/2012191274
https://arxiv.org/abs/1205.3030
https://doi.org/10.1051/0004-6361/201219824
https://arxiv.org/abs/1208.4687
https://doi.org/10.1051/0004-6361/201423814
https://arxiv.org/abs/1408.6087
https://doi.org/10.1088/0004-637X/736/1/47
https://arxiv.org/abs/1102.3922
https://doi.org/10.1146/annurev.aa.29.090191.001115
https://doi.org/10.1103/RevModPhys.65.301
https://doi.org/10.1103/RevModPhys.73.719
https://doi.org/10.1103/RevModPhys.73.719
https://arxiv.org/abs/astro-ph/0103383
https://doi.org/10.1051/0004-6361:20079321
https://arxiv.org/abs/0802.1810
https://doi.org/10.1051/0004-6361/201219844
https://arxiv.org/abs/1210.0538
https://doi.org/10.1086/151954
https://doi.org/10.1086/592734
https://doi.org/10.1086/592734
https://arxiv.org/abs/0808.2611
https://doi.org/10.1088/0004-637X/727/1/57
https://arxiv.org/abs/1008.5150
https://doi.org/10.1086/147589


35

[187] A. Burrows, M. Marley, W. B. Hubbard, J. I. Lunine, T. Guillot, D. Saumon, R. Freedman, D. Sudarsky, and C. Sharp,
A nongray theory of extrasolar giant planets and brown dwarfs, Astrophys. J. 491, 856 (1997), arXiv:astro-ph/9705201.

[188] D. S. Spiegel, A. Burrows, and J. A. Milsom, An equation of state for low-mass stars and giant planets, Astrophys. J.
Suppl. Ser. 99, 713 (1995).

[189] A. Becker, W. Lorenzen, J. J. Fortney, N. Nettelmann, M. Schöttler, and R. Redmer, Ab initio equations of state for
hydrogen (H-REOS.3) and helium (He-REOS.3) and their implications for the interior of brown dwarfs, Astrophys. J.
Suppl. Ser. 215, 21 (2014), arXiv:1411.4010 [astro-ph.EP].

[190] S. Mazevet, A. Licari, and F. Soubiran, Benchmarking the ab initio hydrogen equations of state for the interior structure
of Jupiter, (2020), arXiv:2012.09454 [astro-ph.EP].

[191] G. Chabrier, I. Baraffe, F. Allard, and P. Hauschildt, Evolutionary models for very-low-mass stars and brown dwarfs with
dusty atmospheres, Astrophys. J. 542, 464 (2000), arXiv:astro-ph/0005557.

[192] G. A. Feiden and B. Chaboyer, Reevaluating the mass-radius relation for low-mass, main sequence stars, Astrophys. J.
757, 42 (2012), arXiv:1207.3090 [astro-ph.SR].

[193] G. Torres, J. Andersen, and A. Giménez, Accurate masses and radii of normal stars: modern results and applications,
Astron. Astrophys. Rev. 18, 67 (2010), arXiv:0908.2624 [astro-ph.SR].

[194] Z. Eker, F. Soydugan, E. Soydugan, S. Bilir, E. Yaz Gökçe, I. Steer, M. Tüysüz, T. Şenyüz, and O. Demircan, Main-
sequence effective temperatures from a revised mass-luminosity relation based on accurate properties, Astron. J. 149, 131
(2015), arXiv:1501.06585 [astro-ph.SR].

[195] A. Moya, F. Zuccarino, W. J. Chaplin, and G. R. Davies, Empirical relations for the accurate estimation of stellar masses
and radii, Astrophys. J. Suppl. Ser. 237, 21 (2018), arXiv:1806.06574 [astro-ph.SR].

[196] R. Kippenhahn, A. Weigert, and A. Weiss, Stellar structure and evolution (Springer-Verlag Berlin Heidelberg, 2012).
[197] A. Dotter, MESA Isochrones and Stellar Tracks (MIST) 0: methods for the construction of stellar isochrones, Astrophys.

J. Suppl. Ser. 222, 8 (2016), arXiv:1601.05144 [astro-ph.SR].
[198] J. Choi, A. Dotter, C. Conroy, M. Cantiello, B. Paxton, and B. D. Johnson, MESA Isochrones and Stellar Tracks (MIST)

I: solar-scaled models, Astrophys. J. 823, 102 (2016), arXiv:1604.08592 [astro-ph.SR].
[199] B. Paxton, L. Bildsten, A. Dotter, F. Herwig, P. Lesaffre, and F. Timmes, Modules for Experiments in Stellar Astrophysics

(MESA), Astrophys. J. Suppl. Ser. 192, 3 (2011), arXiv:1009.1622 [astro-ph.SR].
[200] B. Paxton et al., Modules for Experiments in Stellar Astrophysics (MESA): giant planets, oscillations, rotation, and

massive stars, Astrophys. J. Suppl. Ser. 208, 4 (2013), arXiv:1301.0319 [astro-ph.SR].
[201] B. Paxton et al., Modules for Experiments in Stellar Astrophysics (MESA): binaries, pulsations, and explosions, Astrophys.

J. Suppl. Ser. 220, 15 (2015), arXiv:1506.03146 [astro-ph.SR].
[202] I. Iben and A. Renzini, Single star evolution I. Masive stars and low intermediate mass stars, Phys. Rept. 105, 329 (1984).
[203] M. Schönberg and S. Chandrasekhar, On the evolution of the main-sequence stars, Astrophys. J. 96, 161 (1942).
[204] I. Iben, Stellar evolution.VI. Evolution from the main sequence to the red-giant branch for stars of mass 1 M�, 1.25 M�,

and 1.5 M�, Astrophys. J. 147, 624 (1967).
[205] G. Laughlin, P. Bodenheimer, and F. C. Adams, The end of the main sequence, Astrophys. J. 482, 420 (1996).
[206] A. Buzzoni, F. F. Pecci, R. Buonanno, and C. Corsi, Helium abundance in globular clusters: the R-method, Astron.

Astrophys. 128, 94 (1983).
[207] H. C. Thomas, Core helium flash and the origin of CH and carbon stars, Z. Astrophys. 67, 420 (1967).
[208] B. Paczynski and S. D. Tremaine, Core helium flash and the origin of CH and carbon stars, Astrophys. J. 216, 57 (1977).
[209] A. V. Sweigart and P. G. Gross, Evolutionary sequences for red giant stars, Astrophys. J. Suppl. Ser. 36, 405 (1978).
[210] I. Iben and A. Renzini, Asymptotic giant branch evolution and beyond, Ann. Rev. Astron. Astrophys. 21, 271 (1983).
[211] F. Herwig, Evolution of asymptotic giant branch stars, Ann. Rev. Astron. Astrophys. 43, 435 (2005).
[212] A. I. Karakas and J. C. Lattanzio, The Dawes review 2: nucleosynthesis and stellar yields of low- and intermediate-mass

single stars, Publ. Astron. Soc. Aust. 21, 271 (2015), arXiv:1405.0062 [astro-ph.SR].
[213] S. Cristallo, O. Straniero, L. Piersanti, and D. Gorbrecht, Evolution, nucleosynthesis, and yields of AGB stars at different

metallicities. III. Intermediate-mass models, revised low-mass models, and the ph-FRUITY interface, Astrophys. J. Suppl.
Ser. 219, 40 (2015), arXiv:1507.07338 [astro-ph.SR].

[214] M. Camenzind, Compact objects in astrophysics (Springer-Verlag Berlin Heidelberg, 2007).
[215] D. E. Winget and S. O. Kepler, Pulsating white dwarf stars and precision asteroseismology, Ann. Rev. Astron. Astrophys.

46, 157 (2008), arXiv:0806.2573 [astro-ph].
[216] L. G. Althaus, A. H. Córsico, J. Isern, and E. García-Berro, Evolutionary and pulsational properties of white dwarfs,

Astron. Astrophys. Rev. 18, 471 (2010), arXiv:1007.2659 [astro-ph.SR].
[217] A. H. Córsico, L. G. Althaus, M. M. Miller Bertolami, and S. O. Kepler, Pulsating white dwarfs: new insights, Astron.

Astrophys. Rev. 27, 7 (2019), arXiv:1907.00115 [astro-ph.SR].
[218] S. E. Woosley and A. Heger, The remarkable deaths of 9-11 solar mass stars, Astrophys. J. 810, 34 (2015).
[219] S. Chandrasekhar, The highly collapsed configurations of a stellar mass (Second paper), Mon. Not. R. Astron. Soc. 95,

207 (1935).
[220] N. P. Gentile Fusillo et al., A Gaia Data Release 2 catalogue of white dwarfs and a comparison with SDSS, Mon. Not. R.

Astron. Soc. 482, 4570 (2019), arXiv:1807.03315 [astro-ph.SR].
[221] S. O. Kepler, I. Pelisoli, D. Koester, N. Reindl, S. Geier, A. D. Romero, G. Ourique, C. de Paula Oliveira, and L. A.

Amaral, White dwarf and subdwarf stars in the Sloan Digital Sky Survey Data Release 14, Mon. Not. R. Astron. Soc.
486, 2169 (2019), arXiv:1904.01626 [astro-ph.SR].

[222] A. Y. Potekhin, A. F. Fantina, N. Chamel, J. M. Pearson, and S. Goriely, Analytical representations of unified equations
of state for neutron-star matter, Astron. Astrophys. 560, A48 (2013), arXiv:1310.0049 [astro-ph.SR].

https://doi.org/10.1086/305002
https://arxiv.org/abs/astro-ph/9705201
https://doi.org/10.1086/192204
https://doi.org/10.1086/192204
https://doi.org/10.1088/0067-0049/215/2/21
https://doi.org/10.1088/0067-0049/215/2/21
https://arxiv.org/abs/1411.4010
https://arxiv.org/abs/2012.09454
https://doi.org/10.1086/309513
https://arxiv.org/abs/astro-ph/0005557
https://doi.org/10.1088/0004-637X/757/1/42
https://doi.org/10.1088/0004-637X/757/1/42
https://arxiv.org/abs/1207.3090
https://doi.org/10.1007/s00159-009-0025-1
https://arxiv.org/abs/0908.2624
https://doi.org/10.1088/0004-6256/149/4/131
https://doi.org/10.1088/0004-6256/149/4/131
https://arxiv.org/abs/1501.06585
https://doi.org/10.3847/1538-4365/aacdae
https://arxiv.org/abs/1806.06574
https://doi.org/10.1007/978-3-642-30304-3
https://doi.org/10.3847/0067-0049/222/1/8
https://doi.org/10.3847/0067-0049/222/1/8
https://arxiv.org/abs/1601.05144
https://doi.org/10.3847/0004-637X/823/2/102
https://arxiv.org/abs/1604.08592
https://doi.org/10.1088/0067-0049/192/1/3
https://arxiv.org/abs/1009.1622
https://doi.org/10.1088/0067-0049/208/1/4
https://arxiv.org/abs/1301.0319
https://doi.org/10.1088/0067-0049/220/1/15
https://doi.org/10.1088/0067-0049/220/1/15
https://arxiv.org/abs/1506.03146
https://doi.org/10.1086/155443
https://doi.org/10.1086/144444
https://doi.org/10.1086/149040
https://doi.org/10.1086/304125
https://doi.org/10.1016/0370-1573(84)90142-X
https://doi.org/10.1086/190506
https://doi.org/10.1146/annurev.aa.21.090183.001415
https://doi.org/10.1146/annurev.astro.43.072103.150600
https://doi.org/10.1017/pasa.2014.21
https://arxiv.org/abs/1405.0062
https://doi.org/10.1088/0067-0049/219/2/40
https://doi.org/10.1088/0067-0049/219/2/40
https://arxiv.org/abs/1507.07338
https://doi.org/10.1007/978-3-540-49912-1
https://doi.org/10.1146/annurev.astro.46.060407.145250
https://doi.org/10.1146/annurev.astro.46.060407.145250
https://arxiv.org/abs/0806.2573
https://doi.org/10.1007/s00159-010-0033-1
https://arxiv.org/abs/1007.2659
https://doi.org/10.1007/s00159-019-0118-4
https://doi.org/10.1007/s00159-019-0118-4
https://arxiv.org/abs/1907.00115
https://doi.org/10.1088/0004-637X/810/1/34
https://doi.org/10.1093/mnras/95.3.207
https://doi.org/10.1093/mnras/95.3.207
https://doi.org/10.1093/mnras/sty3016
https://doi.org/10.1093/mnras/sty3016
https://arxiv.org/abs/1807.03315
https://doi.org/10.1093/mnras/stz960
https://doi.org/10.1093/mnras/stz960
https://arxiv.org/abs/1904.01626
https://doi.org/10.1051/0004-6361/201321697
https://arxiv.org/abs/1310.0049


36

[223] S. Goriely, N. Chamel, and J. M. Pearson, Further explorations of Skyrme-Hartree-Fock-Bogoliubov mass formulas. XII:
Stiffness and stability of neutron-star matter, Phys. Rev. C82, 035804 (2010), arXiv:1009.3840 [nucl-th].

[224] O. Straniero, I. Domínguez, G. Imbriani, and L. Piersanti, The chemical composition of white dwarfs as a test of convective
efficiency during core He-burning, Astrophys. J. 583, 878 (2003), arXiv:astro-ph/0210191.

[225] M. Aliotta, M. Junker, P. Prati, O. Straniero, and F. Strieder, Helium burning and neutron sources in the stars, Eur.
Phys. J. A52, 76 (2016).

[226] L. Mestel, On the theory of white dwarf stars: I. The energy sources of white dwarfs, Mon. Not. R. Astron. Soc. 112,
583 (1952).

[227] I. Iben Jr. and A. V. Tutukov, Cooling of low-mass carbon-oxygen dwarfs from the planetary nucleus stage through the
crystallization stage, Astrophys. J. 282, 615 (1984).

[228] G. Chabrier, P. Brassard, G. Fontaine, and D. Saumon, Cooling sequences and color-magnitude diagrams for cool white
dwarfs with hydrogen-atmospheres, Astrophys. J. 543, 216 (2000), arXiv:astro-ph/0006363.

[229] P. Haensel, A. Y. Potekhin, and D. G. Yakolev, Neutron stars I (Springer-Verlag New York, 2007).
[230] R. C. Tolman, Static solutions of Einstein’s field equations for spheres of fluid, Phys. Rev. 55, 364 (1939).
[231] J. R. Oppenheimer and G. M. Volkoff, On massive neutron cores, Phys. Rev. 55, 374 (1939).
[232] J. Alsing, H. O. Silva, and E. Berti, Evidence for a maximum mass cut-off in the neutron star mass distribution and

constraints on the equation of state, Mon. Not. R. Astron. Soc. 478, 1377 (2018), arXiv:1709.07889 [astro-ph.HE].
[233] B. Margalit and B. D. Metzger, Constraining the maximum mass of neutron stars from multi-messenger observations of

GW170817, Astrophys. J. Lett. 850, L19 (2017), arXiv:1710.05938 [astro-ph.HE].
[234] M. Shibata, S. Fujibayashi, K. Hotokezaka, K. Kiuchi, K. Kyutoku, Y. Sekiguchi, and M. Tanaka, Modeling GW170817

based on numerical relativity and its implications, Phys. Rev. D96, 123012 (2017), arXiv:1710.07579 [astro-ph.HE].
[235] M. Ruiz, S. L. Shapiro, and A. Tsokaros, GW170817, general relativistic magnetohydrodynamic simulations, and the

neutron star maximum mass, Phys. Rev. D97, 021501 (2018), arXiv:1711.00473 [astro-ph.HE].
[236] L. Rezzolla, E. R. Most, and L. R. Weih, Using gravitational-wave observations and quasi-universal relations to constrain

the maximum mass of neutron stars, Astrophys. J. Lett. 852, L25 (2018), arXiv:1711.00314 [astro-ph.HE].
[237] M. Shibata, E. Zhou, K. Kiuchi, and S. Fujibayashi, Constraint on the maximum mass of neutron stars using GW170817

event, Phys. Rev. D100, 023015 (2019), arXiv:1905.03656 [astro-ph.HE].
[238] D.-S. Shao, S.-P. Tang, X. Sheng, J.-L. Jiang, Y.-Z. Wang, Z.-P. Jin, Y.-Z. Fan, and D.-M. Wei, Estimating the maximum

gravitational mass of nonrotating neutron stars from the GW170817/GRB 170817A/AT2017gfo observation, Phys. Rev.
D101, 063029 (2020), arXiv:1912.08122 [astro-ph.HE].

[239] A. Li, Z. Miao, S. Han, and B. Zhang, Constraints on the maximum mass of neutron stars with a quark core from
GW170817 and NICER PSR J0030+0451 data, Astrophys. J. 913, 27 (2021), arXiv:2103.15119 [astro-ph.HE].

[240] A. Nathanail, E. R. Most, and L. Rezzolla, GW170817 and GW190814: tension on the maximum mass, Astrophys. J.
Lett. 908, L28 (2021), arXiv:2101.01735 [astro-ph.HE].

[241] J. M. Pearson, N. Chamel, A. Y. Potekhin, A. F. Fantina, C. Ducoin, A. K. Dutta, and S. Goriely, Unified equations of
state for cold non-accreting neutron stars with Brussels–Montreal functionals – I. Role of symmetry energy, Mon. Not. R.
Astron. Soc. 481, 2994 (2018), [Erratum: Mon. Not. R. Astron. Soc. 486, 768 (2019)], arXiv:1903.04981 [astro-ph.HE].

[242] D. G. Yakovlev and C. J. Pethick, Neutron star cooling, Ann. Rev. Astron. Astrophys. 42, 169 (2004), arXiv:astro-
ph/0402143.

[243] D. Gonzalez and A. Reisenegger, Internal heating of old neutron stars: contrasting different mechanisms, Astron. Astro-
phys. 522, A16 (2010), arXiv:1005.5699.

[244] D. Page, J. M. Lattimer, M. Prakash, and A. W. Steiner, Minimal cooling of neutron stars: a new paradigm, Astrophys.
J. Suppl. Ser. 155, 623 (2004), arXiv:astro-ph/0403657.

[245] M. C. Digman, C. V. Cappiello, J. F. Beacom, C. M. Hirata, and A. H. G. Peter, Not as big as a barn: upper bounds on
dark matter-nucleus cross sections, Phys. Rev. D100, 063013 (2019), arXiv:1907.10618 [hep-ph].

[246] A. R. Zentner, High-energy neutrinos from dark matter particle self-capture within the Sun, Phys. Rev. D80, 063501
(2009), arXiv:0907.3448 [astro-ph.HE].

[247] C.-S. Chen, F.-F. Lee, G.-L. Lin, and Y.-H. Lin, Probing dark matter self-interaction in the Sun with IceCube-PINGU,
JCAP 1410, 049, arXiv:1408.5471 [hep-ph].

[248] J. Smirnov and J. F. Beacom, New freezeout mechanism for strongly interacting dark matter, Phys. Rev. Lett. 125,
131301 (2020), arXiv:2002.04038 [hep-ph].

[249] N. F. Bell, G. Busoni, M. E. Ramirez-Quezada, S. Robles, and M. Virgato, Improved treatment of dark matter capture
in white dwarfs, JCAP 2110, 083, arXiv:2104.14367 [hep-ph].

[250] V. Brdar, J. Kopp, and J. Liu, Dark gamma ray bursts, Phys. Rev. D95, 055031 (2017), arXiv:1607.04278 [hep-ph].

https://doi.org/10.1103/PhysRevC.82.035804
https://arxiv.org/abs/1009.3840
https://doi.org/10.1086/345427
https://arxiv.org/abs/astro-ph/0210191
https://doi.org/10.1140/epja/i2016-16076-3
https://doi.org/10.1140/epja/i2016-16076-3
https://doi.org/10.1093/mnras/112.6.583
https://doi.org/10.1093/mnras/112.6.583
https://doi.org/10.1086/162241
https://doi.org/10.1086/317092
https://arxiv.org/abs/astro-ph/0006363
https://doi.org/10.1007/978-0-387-47301-7
https://doi.org/10.1103/PhysRev.55.364
https://doi.org/10.1103/PhysRev.55.374
https://doi.org/10.1093/mnras/sty1065
https://arxiv.org/abs/1709.07889
https://doi.org/10.3847/2041-8213/aa991c
https://arxiv.org/abs/1710.05938
https://doi.org/10.1103/PhysRevD.96.123012
https://arxiv.org/abs/1710.07579
https://doi.org/10.1103/PhysRevD.97.021501
https://arxiv.org/abs/1711.00473
https://doi.org/10.3847/2041-8213/aaa401
https://arxiv.org/abs/1711.00314
https://doi.org/10.1103/PhysRevD.100.023015
https://arxiv.org/abs/1905.03656
https://doi.org/10.1103/PhysRevD.101.063029
https://doi.org/10.1103/PhysRevD.101.063029
https://arxiv.org/abs/1912.08122
https://doi.org/10.3847/1538-4357/abf355
https://arxiv.org/abs/2103.15119
https://doi.org/10.3847/2041-8213/abdfc6
https://doi.org/10.3847/2041-8213/abdfc6
https://arxiv.org/abs/2101.01735
https://doi.org/10.1093/mnras/sty2413
https://doi.org/10.1093/mnras/sty2413
https://arxiv.org/abs/1903.04981
https://doi.org/10.1146/annurev.astro.42.053102.134013
https://arxiv.org/abs/astro-ph/0402143
https://arxiv.org/abs/astro-ph/0402143
https://doi.org/10.1051/0004-6361/201015084
https://doi.org/10.1051/0004-6361/201015084
https://arxiv.org/abs/1005.5699
https://doi.org/10.1086/424844
https://doi.org/10.1086/424844
https://arxiv.org/abs/astro-ph/0403657
https://doi.org/10.1103/PhysRevD.100.063013
https://arxiv.org/abs/1907.10618
https://doi.org/10.1103/PhysRevD.80.063501
https://doi.org/10.1103/PhysRevD.80.063501
https://arxiv.org/abs/0907.3448
https://doi.org/10.1088/1475-7516/2014/10/049
https://arxiv.org/abs/1408.5471
https://doi.org/10.1103/PhysRevLett.125.131301
https://doi.org/10.1103/PhysRevLett.125.131301
https://arxiv.org/abs/2002.04038
https://doi.org/10.1088/1475-7516/2021/10/083
https://arxiv.org/abs/2104.14367
https://doi.org/10.1103/PhysRevD.95.055031
https://arxiv.org/abs/1607.04278

	Evaporation of dark matter from celestial bodies
	Abstract
	I Introduction
	II Basics of dark matter evaporation
	II.1 Main inputs
	II.2 DM capture by celestial bodies
	II.3 DM annihilations in celestial bodies
	II.4 DM evaporation off celestial bodies
	II.5 DM evaporation mass: a tale of two tails
	II.6 DM evaporation off compact bodies: white dwarfs and neutron stars

	III Main properties of celestial bodies
	III.1 Polytropic models
	III.2 Planetary bodies
	III.3 Brown dwarfs
	III.4 Main-sequence stars
	III.5 Post-main-sequence stars
	III.6 White dwarfs
	III.7 Neutron stars

	IV DM evaporation mass in celestial bodies
	IV.1 DM evaporation mass in planetary bodies, brown dwarfs and main-sequence stars
	IV.2 Further comments on the dependence of the DM evaporation mass on cross sections
	IV.3 DM evaporation mass in post-main-sequence stars and compact objects

	V Summary and conclusions
	 Acknowledgments
	 References


