
MNRAS 516, 1752–1767 (2022) https://doi.org/10.1093/mnras/stac2335 
Advance Access publication 2022 August 22 

Magnetic support for neutrino-dri v en explosion of 3D non-rotating 

core-collapse superno v a models 

J. Matsumoto , 1 ‹ Y. Asahina, 2 T. Takiwaki , 3 K. Kotake 

4 and H. R. Takahashi 5 
1 Keio Institute of Pure and Applied Sciences, Keio University, Yokohama 223-8522, Japan 
2 Center for Computational Sciences, Tsukuba University, Ibaraki 305-8577, Japan 
3 National Astronomical Observatory of Japan, Tokyo 181-8588, Japan 
4 Department of Applied Physics and Research Institute of Stellar Explosive Phenomena, Fukuoka University, Fukuoka 814-0180, Japan 
5 Department of Natural Sciences, Faculty of Arts and Sciences, Komazawa University, Tokyo 154-8525, Japan 

Accepted 2022 August 15. Received 2022 July 22; in original form 2022 February 16 

A B S T R A C T 

The impact of the magnetic field on post-bounce supernova dynamics of non-rotating stellar cores is studied by performing 

3D magnetohydrodynamics simulations with spectral neutrino transport. The explodability of strongly and weakly magnetized 

models of 20 and 27 M � pre-supernova progenitors are compared. We find that although the efficiency for the conversion of 
the neutrino heating into turbulent energy including magnetic fields in the gain region is not significantly different between the 
strong and weak field models, the amplified magnetic field due to the neutrino-driven convection on large hot bubbles just behind 

stalled shock results in a faster and more energetic explosion in the strongly magnetized models. In addition, by comparing the 
difference between the 2nd- and 5th-order spatial accuracy of the simulation in the strong field model for 27 M � progenitor, we 
also find that the higher order accuracy in space is beneficial to the explosion because it enhances the growth of neutrino-driven 

convection in the gain region. Based on our results of core-collapse supernova simulations for the non-rotating model, a new 

possibility for the origin of the magnetic field of the protoneutron star (PNS) is proposed. The magnetic field is accumulated and 

amplified to magnetar level, that is, O(10 

14 ) G, in the convectively stable shell near the PNS surface. 

Key words: stars: magnetic field – stars: massive – supernovae: general. 
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 I N T RO D U C T I O N  

 core-collapse supernova (CCSN) is a colossal explosion in space.
t is a site where a massive star ends its life and a subsequent
ompact object, such as, a protoneutron star (PNS) or a black hole,
s newly born. Huge gravitational binding ener gy ( ∼10 53 er g) of
he collapsed iron core is released during the explosion and then,
oughly 1 per cent of the energy is transferred into the matter as the
CSN explosion energy (typically 10 51 erg ≡ 1 Bethe, 1 B in short)

hrough any processes. Neutrinos are expected to be the main players
n this process, though other possibilities are not excluded (e.g. the
agnetically driven explosion). 
The neutrino-heating mechanism of CCSNe, in which neutrino

adiation liberated by the release of the gravitational binding energy
f the stellar core heats the matter behind the stalled shock, has
een e xtensiv ely studied for man y decades (e.g. Colgate & White
966 , see also Mezzacappa 2005 ; Janka 2012 ; Kotake et al. 2012 ;
urrows 2013 ; Foglizzo et al. 2015 ; M ̈uller 2020 for re vie ws). His-

orically, spherically symmetric (1D) simulations for the neutrino-
riv en e xplosion of the massiv e stars hav e been failed (Rampp &
anka 2000 ; Liebend ̈orfer et al. 2001 ; Thompson, Burrows & Pinto
003 ; Sumiyoshi et al. 2005 , see also e.g. Melson, Janka & Marek
 E-mail: jin@rk.phys.keio.ac.jp 
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Commons Attribution License ( http://cr eativecommons.or g/licenses/by/4.0/), whi
015 ; Radice et al. 2017 ; Mori et al. 2021 for 1D successful
xplosions of relatively light progenitors). The great progress of
CSN simulations is the enhancement of the neutrino-heating
fficiency by non-radial flows. It is almost certain that their origins
re neutrino-driv en/PNS conv ection and hydrodynamic instabilities,
uch as the standing accretion shock instability (SASI; Blondin,
ezzacappa & DeMarino 2003 ; Foglizzo, Scheck & Janka 2006 ).
lthough the explosion energy reproduced by numerical simulations

s systematically less than that of a typical CCSN (1 B; Murphy,
abanta & Dolence 2019 ), recent multidimensional self-consistent

imulations have overcome the difficulty to explode massive stellar
ore (e.g. Takiw aki, Kotak e & Suw a 2012 , 2014 , 2016 ; Hanke et al.
013 ; Lentz et al. 2015 ; M ̈uller 2015 ; Summa et al. 2016 ; Kuroda
t al. 2018 ; Ott et al. 2018 ; Pan et al. 2018 ; O’Connor & Couch 2018b ;
agakura et al. 2019 , 2020 ; Nakamura, Takiwaki & Kotake 2019 ;
artanyan et al. 2019 ; Melson, Kresse & Janka 2020 ; Bollig et al.
021 ). 
On the one hand, the problem related to systematically small

xplosion energy remains in numerical modellings, but on the other
and observations of CCSNe indicate a rather broad distribution of
xplosion energies (from ∼0.1 ̇B to 10 B, M ̈uller et al. 2017 ; Murphy
t al. 2019 ). The diversity of CCSNe, that is, the wide range of the
xplosion energies, is expected to reflect the variety of properties
f the progenitor, such as mass, metallicity, rotation, and magnetic
eld. It is also a big issue to reproduce the diversity of CCSNe by
© The Author(s) 2022. 
ty. This is an Open Access article distributed under the terms of the Creative 
ch permits unrestricted reuse, distribution, and reproduction in any medium, 
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umerical modellings. In order to investigate the dependence of the 
rogenitor properties on the explosion, 2D and systematic CCSN 

imulations of hundreds of progenitors are performed varying their 
ass and metallicity (Nakamura et al. 2015 ). One key parameter 

o characterize the explosion is the compactness of the progenitor 
efined as a ratio of the mass and the enclosed radius (O’Connor &
tt 2011 ). The higher the compactness parameter, the higher the 

ccretion luminosity, resulting in larger diagnostic explosion energy. 
he rapid rotation of the progenitor determines the fate of the final
volution of the massive star. 3D and successful explosion models for
apidly rotating progenitors did not explode in the absence of rotation 
Takiwaki et al. 2016 ; Summa et al. 2018 ; Takiw aki, Kotak e &
oglizzo 2021 ). 
In addition to the compactness and rotation of the progenitor, the 
agnetic field is considered as a key to account for the diversity

f CCSNe in other directions. Particularly, the magnetic field is 
 xpected to hav e a potential to generate extreme cases of CCSNe, that
s, hypernovae whose kinetic energy reaches ∼10 B (e.g. Iwamoto 
t al. 1998 ; Soderberg et al. 2006 ) and superluminous SNe whose
uminosities are 10–100 times higher than those of the canonical 
CSNe (e.g. Gal-Yam 2012 ; Nicholl et al. 2013 ; Moriya, Sorokina &
he v alier 2018 ). So far, these extreme events have not been explained
y the neutrino heating mechanisms. Additional energy injection 
hrough magnetohydrodynamic (MHD) processes may be required 
o drive these events (e.g. Wheeler, Meier & Wilson 2002 ; Burrows
t al. 2007 ; Dessart et al. 2008 , 2012 ). 

Although the MHD explosion mechanism of the massive star 
as been e xtensiv ely studied assuming rapid rotating precollapse 
ores (e.g. Bisnovatyi-Kogan 1970 ; LeBlanc & Wilson 1970 ; Meier 
t al. 1976 ; M ̈uller & Hillebrandt 1979 ; Symbalisty 1984 ; Ardeljan,
isnovatyi-Kogan & Moiseenko 2000 ; Kotake et al. 2004 ; Sawai, 
otake & Yamada 2005 ; Moiseenko, Bisnovatyi-Kogan & Ardeljan 
006 ; Shibata et al. 2006 ; Obergaulinger, Aloy & M ̈uller 2006a ;
bergaulinger et al. 2006b ; Suwa et al. 2007 ; Takiw aki, Kotak e &
ato 2009 ; Takiwaki & Kotake 2011 ; Winteler et al. 2012 ; M ̈osta
t al. 2014 , 2015 ; Sawai & Yamada 2014 , 2016 ; Obergaulinger &
loy 2017 , 2020 ; Obergaulinger, Just & Aloy 2018 ; Bugli et al.
020 ; Kuroda et al. 2020 ), only several investigations of the impact
f the magnetic field on the explosion are performed in the context
f the slowly and non-rotating progenitor (Endeve et al. 2010 , 2012 ;
bergaulinger, Janka & Aloy 2014 ; Matsumoto et al. 2020 ; M ̈uller &
 arma 2020 ; V arma, Mueller & Schneider 2022 ). The validity of

he slowly rotating magnetic core of the massive star at the pre-
ollapse stage is supported by the stellar evolution calculations 
He ger, Woosle y & Spruit 2005 ; Ott et al. 2006 ; Langer 2012 ).
nderstanding of the evolution of slowly rotating magnetized core 
uring the collapse is important for not only the diversity of CCSNe
ut also the formation of the magnetar that is a strongly magnetized
S ( B ≥ 10 14 G). This is because the spin period of the observed
oung magnetars is relatively long (1–10 s) and therefore, the 
agnetar is naturally expected to be born as a slow rotator resulting

rom the collapse of the magnetized core. In fact, the magnetar- 
lass magnetic field is generated even in a slowly rotating and 
ully conv ectiv e PNS in the recent 3D dynamo simulation (Masada,
akiwaki & Kotake 2022 , see also Raynaud et al. 2020 for a rapidly 
otating PNS). 

In our previous work (Matsumoto et al. 2020 ), we investigate the
mpact of the magnetic field on the neutrino-driven explosion in the 
on-rotating cores through 2D axisymmetric MHD core-collapse 
imulations. We extend straightforwardly it in the 3D modeling 
ocusing on the difference in the initial magnetic field strength of
he progenitor in this study. 
This paper is organized as follows: In Section 2 , we describe
alculation methods and numerical setups for our 3D modelling of 
HD CCSNe. In Section 3 , the explosion dynamics and signals

f the neutrinos and gra vitational wa ves (GWs) from non-rotating
tellar cores are presented. We consider the origin of the magnetic
eld of the PNS based on our numerical results in Section 4 . Finally,
e summarize our findings in Section 5 . 

 N U M E R I C A L  M E T H O D S  A N D  M O D E L S  

ll 3D models in this study are calculated using our MHD supernova
ode, 3DnSNe (Takiwaki et al. 2016 , see Matsumoto et al. 2020
or the details of the MHD version of the code). This code, in
hich a three-fla v our neutrino transport (Kotake et al. 2018 ) is

mplemented based on the isotropic diffusion source approximation 
IDSA) scheme (Liebend ̈orfer, Whitehouse & Fischer 2009 ), is 
esigned for CCSN simulations in a 3D spherical coordinate system 

 r , θ , φ). The calculation methods and numerical settings in this
ork are essentially the same as in Matsumoto et al. ( 2020 ).
e note here as the treatment for magnetofluids that the HLLD

cheme (Miyoshi & Kusano 2005 ) is adopted to calculate numerical
uxes and the divergence cleaning method (Dedner et al. 2002 ) is

mplemented to reduce the numerical errors of solenoidal property 
f the magnetic field. In what follows, we briefly summarize some
evision of the code. In order to compare the dependence of the
patial accuracy of the reconstruction of the physical variables, a 
th-order reconstruction scheme is newly implemented in our code 
ollowing the numerical manner proposed in Mignone ( 2014 ). In
ddition, the Piecewise Parabolic Method (PPM) is adapted for the 
lope limiter to achieve the total variation diminishing in the 5th-
rder reconstruction scheme. Following Mignone ( 2014 ), we call 
t ‘PPM5’. Another reconstruction scheme originally implemented 
n 3DnSNe is 2nd-order Piecewise Linear Method (PLM) with a 
odified van Leer limiter, which is named ‘PLM2’ here. The 3rd and

nd temporal accuracy is achieved in PPM5 and PLM2, respectively, 
sing Runge–Kutta time integration. 
The grid spacing and boundary conditions in this work are the same 

s our previous work (Matsumoto et al. 2020 ) except the number of
he grid points and the grid resolution in the θ - and φ-direction. The
alculation domain co v ers a sphere whose radius is 5000 km. The
umber of the grid points in the radial direction is 480. The grid-cell
ize to this direction logarithmically stretches. The resolution of the 
olar angle is given by � (cos θ ) = const. with 64 grid points co v ering
 ≤ θ ≤ π . The azimuthal angle is uniformly divided into �φ = π /64
ith 128 grid points co v ering 0 ≤ φ ≤ 2 π . The special treatment

s imposed in the innermost 10 km where the spherical symmetry is
ssumed to a v oid e xcessiv e time-step limitations. 

Two non-rotating pre-supernova progenitors with solar metallicity 
re considered in this work. One is 27.0 M � progenitor of Woosley,
e ger & Weav er ( 2002 ) that does not explode in 3D and purely
ydrodynamic (HD) simulations (Hanke et al. 2013 ; Takiwaki et al.
021 ), although it leads to the shock re vi v al in both 2D HD and
HD modellings (Summa et al. 2016 ; Matsumoto et al. 2020 ) due

o the o v erestimation of the SASI in 2D compared to that in 3D (e.g.
anke et al. 2012 , 2013 ; Fern ́andez et al. 2014 ). Another is 20.0 M �
rogenitor of Woosley & Heger ( 2007 ) that is the successful model
o explode fast compared to 12–15 M � progenitors in 2D and 3D
D simulations (O’Connor & Couch 2018a ; Burrows et al. 2020 ,
o we v er see Vartan yan et al. 2018 for the failed case of the explosion
n 2D simulation). The radial distributions of the density and the
ntropy per baryon of 27.0 and 20.0 M � progenitors in our calculation
ange are plotted in Fig. 1 by solid and dashed lines, respectively. 
MNRAS 516, 1752–1767 (2022) 
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M

Figure 1. The initial and radial profiles of the density (panel a), the entropy per baryon (panel b) for s20.0 (dashed line) and s27.0 (solid line) models and the 
spherically averaged magnetic field strength (panel c) for the strong (red) and weak (blue) field models. 
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Our setups for microphysics of the 27.0 M � model are the same
s those of Matsumoto et al. ( 2020 ). As the neutrino reaction rate,
et5a of Kotake et al. ( 2018 ) which is similar to that in O’Connor
t al. ( 2018 ) is adopted. In addition to the standard opacity set of
ruenn ( 1985 ), the weak magnetism, recoil correction (Horowitz
002 ), and nucleon–nucleon bremsstrahlung are considered. The
eutrino reaction rate for the 20.0 M � model is almost the same
s set-all of Kotake et al. ( 2018 ) in which the quenching of the axial-
ector coupling constant at high densities, strangeness-dependent
ontribution, and the many-body correction to the neutrino–nucleon
cattering are added to set5 to enhance the explodability. Ho we ver,
eactions of electron–neutrino pair annihilation into μ/ τ neutrinos
nd μ/ τ–neutrino scattering on electron (anti)neutrinos are switched
ff in this work to save computational resources. This is because
lthough these reactions does not have large impact on the neutrino
uminosity or the dynamics of the fluid in our CCNS simulations,
t takes roughly 1.7 times longer to calculate 3D CCSN model
fter the bounce switching on such reactions in our code. Energy
ins of neutrinos logarithmically spread between 1 to 300 MeV.
he equation of state of Lattimer & Swesty ( 1991 ) with a nuclear

ncomprehensibility of K = 220 MeV is used in our runs. 
The initial configuration of the magnetic field in this work is the

ame as our previous work (Matsumoto et al. 2020 ). The magnetic
eld is uniform where r < 1000 km while its shape is like dipole
utside the core of the massive star ( r > 1000 km). The explicit
xpression of this field is given by only a φ-component of a vector
otential (Suwa et al. 2007 ; Takiwaki et al. 2009 ; Obergaulinger et al.
014 ; Matsumoto et al. 2020 ) as follows: 

 φ = 

B 0 

2 

r 3 0 

r 3 + r 3 0 

r sin θ . (1) 

ere r 0 = 1000 km and we set B 0 = 10 12 G (strong field model) or
0 10 G (weak field model) in this work. The radial distribution of the
pherically averaged this field is plotted in Fig. 1 (c). Red and blue
ines correspond to the strong and weak field models. The model
ame is labelled as ‘s27.0B10PPM5’, which represents the solar
etallicity 27.0 M � model with B 0 = 10 10 G calculated through
PM5 scheme. 
In order to save computational resources, we perform 2D simu-

ations for the core-collapse in our models until the stalled shock
s excited in advance of the 3D calculations. Then, we start our 3D
imulations by remapping the 2D calculation data at 10 ms after the
ounce to 3D grids. To induce non-spherical instabilities, we add
arge perturbations at the timing of the remapping of the data. 
NRAS 516, 1752–1767 (2022) 
 RESULTS  

here is no large difference of the progenitor dependence on our basic
esults, such as the dynamics of the fluid, neutrino activities, and
ignals of the neutrinos and gravitational waves in our calculations.
n particular, the tendency toward the support of the explosion by
he strong magnetic field that is the main result in this study is
btained both between the 20 and 27 M � progenitor models. We
hoose s27B12PPM5 as a fiducial model in this work. We first
resent an o v erview of a non-rotating and strongly magnetized
ore-collapse model of the 27 M � progenitor (s27B12PPM5) in
ection 3.1 . Then, the mechanism of the fast explosion of the strongly
agnetized model is explained in Section 3.2 . In Section 3.3 , we

nvestigate the impact of the spatial accuracy of the simulations on
he explosion. Comparing the strongly magnetized cases in 27 M �
rogenitor models with different accuracy, we found that the high
patial accuracy of the simulations was positive for the explosion, that
s, the fast expansion of the shock wave and large explosion energy.
inally, signals of the neutrinos and gra vitational wa ves from 27 M �
rogenitor model are calculated in Section 3.4 . 

.1 Ov erall ev olution of 3D non-r otating and str ongly 
agnetized core-collapse model 

ig. 2 shows four snapshots of the 3D evolution of a shock
 ave, the entrop y per baryon and magnetic field lines for model

27.0B12PPM5. Panels (a), (b), (c), and (d) correspond to the time
 pb = 14, 160, 390, and 560 ms after bounce, respectively. Note that
 pb represents the post-bounce time. The viewing angle is fixed in all
anels. The spatial scale is displayed with a white two-headed arrow
hat is parallel to the z-axis. Note that the spatial scale in panels (a)
nd (b) is same while that in panels (c) and (d) becomes large as
ime passes. An outermost whitish and transparent sphere indicates
he position of the shock wave in each panel. A transparent brown
hell represents the iso-entrop y surf ace of 10 k B and 15 k B in panels
a), (b) and (c), (d), respectively. The colours of magnetic field lines
enote the magnetic field strength. 
Since the shock wave is excited after the bounce, the material

ehind it is heated and the entropy drastically grows there. The
sosurface of the entropy per baryon in panels (a) and (b) is located
t just behind the shock wave. The averaged shock radii in panels
a), (b), (c), and (d) are 120, 140, 190, and 850 km, respectively (see
lso, Fig. 3 a). 

Except for the central region of the massive star, the split-
onopole-like configuration of the magnetic filed is formed in the

arly phase of the simulation, which corresponds to (a) in Fig. 2 . This
s because the magnetic field is frozen-in to the fluid whose motion

art/stac2335_f1.eps
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Figure 2. Time evolution of the shock surface (outermost whitish sphere), isosurface of the entropy per baryon, and magnetic field lines for fiducial model 
(s27.0B12PPM5). Panels (a), (b), (c), and (d) correspond to t pb = 14, 160, 390, and 590 ms, respectively. Note that t pb represents the post-bounce time. The 
iso-entrop y surf ace of 10 k B and 15 k B are illustrated by brown transparent shells in panels (a), (b) and (c), (d), respecti vely. The vie wing angle of the central 
object is fixed for all panels. The spatial scale is represented by the white two-headed arrow that is parallel to the z-axis in each panel. 
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s restricted to the radial direction due to the gravitational collapse of
he core of the massive star. The electric resistivity of the magnetic
eld is ignored in this study because it is expected to be small in the
assive stellar core (Sawai et al. 2013 ). The magnetic field strength

s simply amplified due to the magnetic flux conservation during 
he early phase of the core-collapse and exceeds 10 14 G within r =
0 km. 
The bounce shock stalls at r ∼ 150 km around t pb = 100 ms

nd then gradually shrinks. As shown in Fig. 2 (b) ( t pb = 160 ms),
n this phase, the structure of the magnetic field lines is still
ike a split monopole outside the shock surface while it is rather
omplicated inside the shock. This is because the magnetic field 
ines are bent due to the neutrino-driven and PNS convection, which 
riginates from the ne gativ e gradient of the entropy and the lepton
raction, respectively. Therefore, the non-radial component of the 
agnetic field is generated. In addition, the field amplification occurs 
ecause the magnetic field lines are compressed and stretched by the
onv ectiv e motion of the matter. 

The panel (c) in Fig. 2 is the snapshot after the shock re vi v al ( t pb =
90 ms). The radius of the shock wave clearly expands compared to
hat in panels (a) and (b) before the shock re vi v al. The structure of
he isosurface of the entropy per baryon is not a simple sphere but

ore complicated. The large-scale conv ectiv e motion, whose origin 
s the neutrino heating, drastically rolls up the material from inside
he core to beneath the shock radius. This leads to the large hot
ubble structure of the 3D iso-entrop y surf ace. The magnetic field
ines penetrated inside the shock surface from the upper stream are
long the isosurface of the entropy. They trace the trajectory of the
uid motion that forms the large bubble. The magnetic field lines
re accumulated around the down flow region between bubbles. In 
MNRAS 516, 1752–1767 (2022) 
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M

Figure 3. Time evolution of the averaged shock radius, r sh, ave , and the mass accretion rate at r = 500 km, Ṁ (black line in panel b), in the s27.0 models. 
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he deep inside of the shock wave, the small-scale structure of the
agnetic field lines due to the PNS convection is seen. 
The 3D structure of the explosion of the stellar core in the late

hase of the fiducial run (s27.0B12PPM5) is shown in Fig. 2 (d).
he shock wave finally reaches at a radius of ∼1000 km. Its shape is
lmost a sphere. It implies that the neutrino-driven convection mainly
ontributes to the enhancement of the neutrino-heating efficiency
ompared to the SASI that indicates an aspherical shock surface
nd any special direction depending on the most growing mode. The
agnetic loops observed around the equatorial region (the equatorial

lane is defined as x –y plane at z = 0) are the remnant of the
nitial magnetic field configuration given by the vector potential
equation 1 ) that forms magnetic loops on the equatorial region at
arge scale ( r ≥ 1000 km). 

.2 Fast explosion of strongly magnetized model 

n this section, the mechanism of the fast explosion of the strongly
agnetized core is explained focusing on the fiducial progenitor
odel (s27.0) because the significant difference of the progenitor

ependence on this mechanism is not observed in this work. The
omparison of models with different spatial accuracy is mainly
erformed in Section 3.3 . 
Fig. 3 (a) shows the temporal evolution of the averaged shock

adius in the 27 M � progenitor models. The blue, red, and green lines
epresent the case for models s27.0B10PPM5, s27.0B12PPM5, and
27.0B12PLM2, respectively. In all models, the outward propagating
hock wave stalls at r ∼ 150 km around t pb = 100 ms. Then it shrinks
ntil t pb = 250 ms after the standing shock phase for 50 ms. The
hock re vi v al occurs at around t pb = 250 ms and the shock wave
tarts to propagate outward again. 

After the shock re vi v al, the e volution of the averaged shock radius
s different between models. Compering to the dependence of the
nitial magnetic field strength, the shock evolution in the strong ( B 0 =
0 12 G) field model (red line) is faster than that in the weak ( B 0 =
0 10 G) field model (blue line). 
To focus on the difference of models around the onset of the shock

e vi v al, the shock e volution between t pb = 100 and t pb = 400 ms is
hown in Fig. 3 (b). The colours have the same meaning as Fig. 3 (a).
NRAS 516, 1752–1767 (2022) 
n addition to the time evolution of the shock radius, the temporal
volution of the mass accretion rate at r = 500 km, Ṁ , is represented
y a black line that is almost the same in all models. At around t pb =
50 ms, Ṁ drastically decreases. This indicates that a Si/O-rich layer
n which the density is much less than that in the Fe core collapses
o the inside of the shock. Since the ram pressure for the shock
urface in the upper stream also decreases, it is reasonable that the
hock re vi v al occurs around the sudden drop in the mass accretion
ate. This is consistent with the shock evolution for 27 M � model
f Hanke et al. ( 2013 ). Here, we stress that the shock expansion in
he 3D HD model of Hanke et al. ( 2013 ) continues only for 30 ms
fter the drastic decrease in the mass accretion rate and turns into a
ontraction while the shock wave in the 2D HD model successfully
xpands. 

Fig. 4 shows the temporal evolution of the averaged shock radius
n 20 solar mass progenitor models. In panel (b), the evolution only
lose to the shock re vi v al time (between t pb = 100 ms and t pb =
00 ms) is shown and the time evolution of the mass accretion rate
t r = 500 km is also depicted. The blue and red lines indicate
he shock evolution of models s20.0B10PPM5 and s20.0B12PPM5,
espectively. The black line corresponds to the mass accretion rate.
n s20.0 series models, the rapid expansion of the shock surface is
lso observed when the mass accretion rate drastically drops due
o the gravitational collapse of the Si/O layer to the inside of the
hock surface. The dependence of the initial magnetic field of the
rogenitor on the evolution of the shock surface after the shock
e vi v al is the same as the series of 27 M � progenitor models. The
hock surface expands fast in the strong ( B 0 = 10 12 G) field model
red line) compared to that in the weak ( B 0 = 10 10 G) field model
blue line). 

The explosion energy in the fast explosion model is expected to
ecome large because the mass accretion rate is high in the early
hase of the core-collapse. Actually, it decreases as time passes as
hown in Figs 3 (b) and 4 (b). Therefore, the neutrino luminosity that
s the source of the explosion energy would be also large in the fast
xplosion model. The temporal evolution of the diagnostic explosion
nergy of 27 (solid lines) and 20 M � (dashed lines) progenitor models
re shown in Fig. 5 . The meanings of the colours for lines of s27.0
nd s20.0 models are the same as those in Figs 3 and 4 , respectively.
he red and blue lines represent the strong and weak field models,
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Figure 4. Time evolution of the averaged shock radius, r sh, ave , and the mass accretion rate at r = 500 km, Ṁ (black line in panel b), in s20.0 models. 

Figure 5. Comparison of the diagnostic explosion energy defined by equa- 
tion ( 2 ) in all our runs. Solid and dashed lines correspond to the 27 and 
20 M � progenitor models, respectively. Red and blue lines are the cases for 
the strong and weak field models, respectively, in each progenitor model. 
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Figure 6. Time evolution of the ratio of advection time-scale to heating 
time-scale in all models at around the onset of the shock re vi v al. Line types 
and colours have the same meanings as those in Fig. 5 . 
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espectively, in each progenitor model. The diagnostic explosion 
nergy is defined by 

 diag = 

∫ 
D 

[
ρ

(
1 

2 
v 2 + εint + 
 

)
+ εmag 

]
d V , (2) 

here ρ is the mass density, v is the velocity, εint is the specific
nternal energy, 
 is the gravitational potential, εmag is the mag- 
etic energy density and V is the volume of the calculation cell,
espectiv ely. The inte gration is performed in the re gion D where the
ntegrand is positive. Note that the integrand in equation ( 2 ) includes
he magnetic energy density in addition to the ordinary definition 
f it (see e.g. Suwa et al. 2010 ; Takiwaki et al. 2021 ). Ho we ver,
he contribution of the magnetic energy to the diagnostic explosion 
nergy is extremely small. This is because the thermal energy is
ominant in our system. As expected, the diagnostic explosion energy 
f the strong field models (red lines) is greater than that of the weak
eld models (blue lines) in each progenitor models. 
To quantify the neutrino-heating efficiency, the temporal evolution 

f the time-scale ratio between advection and heating in 20 and 
7 M � progenitor models around the shock re vi v al phase is shown in
ig. 6 . The line types and colours have the same meanings as those in
ig. 5 . Following Summa et al. ( 2016 ) and Matsumoto et al. ( 2020 ),
e define the advection time-scale as 

adv = 

M g 

Ṁ 

, (3) 

here M g is the gain mass. The neutrino-heating time-scale is 
stimated by 

heat = 

| E tot, g | 
Q̇ heat 

, (4) 

here | E tot, g | and Q̇ heat are the total energy of the material and the
eutrino-heating rate, respectively, in the gain layer. 
The ratio of the advection time-scale to the heating time-scale, 

adv / τ heat , is considered to be a good indicator for the neutrino-driven
xplosion (e.g. Buras et al. 2006 ). This is because the residency time
f the matter in the gain region relatively becomes longer when
he advection time-scale is longer than the heating time-scale. This 
eans that the matter is ef fecti v ely e xposed by neutrinos and can

ain the substantial thermal energy to o v ercome the ram pressure
ue to the mass accretion in the upper stream of the shock surface. 
MNRAS 516, 1752–1767 (2022) 
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The time-scale ratio e xcessiv ely e xceeds unity after t pb = 250 ms
n the model s27.0 series. This links to the shock evolution, that is,
he onset of the shock re vi v al at around t pb ∼ 250 ms (see Fig. 3 b).
n the model s20.0 series, the time-scale ratio rapidly grows beyond
nity at around t pb ∼ 130 ms. Responding to that, the shock surface
radually starts to propagate outward after t pb ∼ 130 ms while it
rastically expands at the timing of the sudden drop of the mass
ccretion rate as shown in Fig. 4 (b). The association between the
volution of the time-scale ratio and shock radius indicates that the
eutrino-driv en e xplosion occurs in all our models. 
Here, a simple question is how the magnetic field strength could

mpact the neutrino-heating efficiency to trigger the explosion in
ur models. Therefore, we compare the time evolution of (a)
eutrino luminosity and (b) neutrino mean energy between the
27.0 series model in Fig. 7 . The solid, dashed, and dashed–dotted
ines represent νe , ν̄e , and νX , respectively. Here, νX represents
he heavy-lepton neutrinos. Blue, red, and green lines are the case
or models s27.0B10PPM5, s27.0B12PPM5, and s27.0B12PLM2,
espectiv ely. As is observ ed in our previous 2D modellings (see
g. 3 in Matsumoto et al. 2020 ), the initial magnetic fields of the
rogenitor have little impact on the luminosities and mean energies
f neutrinos because such properties mainly depend on the mass
ccretion rate to the PNS. In the model s20.0 series, the magnetic
eld strength of the progenitor also does not make a large difference
f neutrino properties especially before the shock re vi v al. 
The gain mass is directly related to the conv ectiv e motion that

elays the mass accretion in the radial direction. The more active the
onv ectiv e motion, the larger the gain mass. As is already mentioned
n the introduction, the non-radial flow of the convection is the
mportant key for the enhancement of the efficiency of the neutrino
eating. In Fig. 8 , the evolution of the gain mass in 27 M � progenitor
odels are shown. Comparing different field strength models, the

ain mass of the strong field model (s27.0B12PPM5, red line) is
maller than that of the weak field model (s27.0B10PPM5, blue line)
fter the onset of the shock re vi v al ( t pb = 250 ms). This result is
onsistent with that in our previous 2D simulations (see fig. 2d in
atsumoto et al. 2020 ). The magnetic tension relati vely pre vents the

evelopment of the convection in the strong field model. This results
n the difference of the gain mass between different field strength
odels that is also observed in 20 M � progenitor models. 
In order to quantitatively estimate the energy conversion of

eutrino heating into the turbulence between different field strength
odels, the time evolution of non-radial components of the turbulent

inetic and magnetic energies in the gain region for 27 M � progenitor
odels are shown in Fig. 9 . The non-radial components of the

urbulent energy are defined by the sum of the polar ( θ -) and
zimuthal ( φ-) components of the energy. In panel (a), the sum
f the turbulent kinetic and magnetic energies for the strong (red
ine) and weak (blue line) field models are plotted. The evolution
f the two lines almost o v erlaps. This indicates that the efficiency
or the conversion of the neutrino heating into the turbulent energy
ncluding magnetic fields is independent of the strength of the initial

agnetic field of the progenitor. It is reasonable because the magnetic
eld has little impact on the properties of the neutrinos such as

he luminosity and mean energy during the core-collapse as shown
n Fig. 7 . We, here, stress that the independence of the efficiency
or the conversion between neutrino-heating and turbulence energy
ncluding the magnetic fields is different from the 3D modelling of
 ̈uller & Varma ( 2020 ). Although they compare the purely HD and
HD calculations in slowly rotating progenitor of a 15 M � star, the

onv ersion efficienc y is enhanced in the MHD model compared to
hat in HD model. 
NRAS 516, 1752–1767 (2022) 
In panel (b) of Fig. 9 , the turbulent kinetic and magnetic energies in
odels s27.0B10PPM5 and s27.0B12PPM5 are separately depicted.
he blue and cyan lines represent the non-radial components of the

urbulent kinetic and magnetic energy in the model s27.0B10PPM5,
espectively, while the red and orange lines represent the turbulent
inetic and magnetic energy in the model s27.0B12PPM5, respec-
ively. The turbulent magnetic energy in model s27.0B10PPM5 (cyan
ine) is much less than the turbulent kinetic energy (blue line) in the
ame model indicating that the impact of the magnetic field on the
xplosion in our weak field model (s27.0B10PPM5) is passive. The
urbulent kinetic energy in the strong field model (red line) is small
ompared to that in the weak field model (blue line). This is consistent
ith the relation of the gain mass between the strong and weak field
odels shown in Fig. 8 . 
Fig. 10 shows the temporal evolution of the ratio between the

urbulent kinetic and magnetic energies in the gain region for strong
eld models. The red solid and dashed lines correspond to the
odel s27.0B12PPM5 and s20.0B12PPM5, respectively. After the

mplification of the magnetic field due to the conv ectiv e motion,
he energy ratio, E mag, θ , φ / E kin, θ , φ , reaches ∼0.3 and 0.2 in model
27.0B12PPM5 and s20.0B12PPM5, respectively. In the weak field
odels, it is O(10 −3 ). On the other hand, M ̈uller & Varma ( 2020 )

eport that the turbulent magnetic energy in the gain layer reaches
o ∼50 per cent of the turbulent kinetic energy in the 3D successful
xplosion model although the initial magnetic field strength is less
han that in our weak field models. This is the main driver to explode
he 15 M � progenitor that is the failed model in their HD calculation.
he growth rate of the turbulent magnetic energy before the runaway
hock expansion is obviously different between the MHD model
n M ̈uller & Varma ( 2020 ) and our weak field models. From fig.
(c) in M ̈uller & Varma ( 2020 ), the exponential growth rate of
 B ( ∝ exp ( σ t )) between t = 140 and t = 210 ms is roughly estimated

o σ = 0 . 2 ms −1 while that of E mag, θ , φ between t = 250 and t =
00 ms in the model s27.0B10PPM5 is roughly σ = 0 . 03 ms −1 as
hown in Fig. 9 (b). 

Although it is difficult to clarify the origin of the discrepancy
f the growth rate of the turbulent magnetic energy because of a
omplex combination of many factors, one possibility could be the
ifference of the angular resolution to explain it. The numbers of
he grid points in the θ - and φ-direction in our calculations are the
alf of those in M ̈uller & Varma ( 2020 ). In general, the coarser the
rid resolution, the larger the numerical diffusion of the magnetic
eld in MHD calculations. It leads to the slow amplification of the
agnetic field. To the contrary, HLLD Reimann solver implemented

n our code reduces the numerical diffusion of the magnetic field
ompared to HLLC Reimann solver used in M ̈uller & Varma ( 2020 ).
he progenitor dependence on the mass accretion rate may impact
n the field amplification. This is because the ram pressure outside
he stalled shock that is related to the mass accretion rate decides
he radius of it. As explained later (in the Section 3.2 ), the smaller
adius of the stalled shock results in the faster growth of the SASI.
he difference in the development of the SASI- and/or convection-

nduced turbulence in progenitors may play an important role in the
mplification of the magnetic field. In addition, the formation of the
lfv en surface (Guilet, F oglizzo & Fromang 2011 ) could contribute

o the field amplification in the gain region. 
The origin of the fast explosion of the strong field model is ex-

ected to be the amplification of the magnetic field in the conv ectiv e
egion behind the shock. Fig. 11 shows the 3D distribution of the
lasma β inside the shock at t pb = 390 ms (soon after the shock
e vi v al) in models s27.0B12PPM5 (panel a) and s27.0B10PPM5
panel b). The plasma β is defined by the ratio of the gas pressure
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Figure 7. Time evolution of (a) neutrino luminosity and (b) mean energy in the fiducial progenitor model (s27.0). 

Figure 8. Time evolution of the gain mass in 27 M � progenitor models at 
around the shock re vi v al. 
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o the magnetic pressure and is a good indicator to investigate the
ynamics of the fluid. Five and transparent isosurfaces of the plasma 
are illustrated. The red, orange, yellow, green, and cyan represent 
= 0.5, 1, 2, 4, and 10 in panel (a), respectively. Note that the colour

cale of the plasma β in panel (b) is 10 3 times higher than that in
anel (a). An outermost whitish and transparent sphere depicts the 
osition of the shock wave. The viewing angle, the spacial scale and
he post-bounce time in Fig. 11 are the same as those in Fig. 2 (c). 

The value of the plasma β behind the shock in the weak field model
panel b) is larger than 10 4 . This means that the magnetic field does
ot have significant impact on the dynamics of the shock expansion 
t all. 

On the other hand, in the strong field model (panel a), the plasma
behind the shock surface except the equatorial region ( z ∼ 0) is
(10). The radial collapse of the initial magnetic field given by 

he equation ( 1 ) makes the magnetic field around the equatorial
egion weak. This results in larger value of the plasma β there. 
he relatively small plasma beta region (green and yellow) traces the 

arge bubble structures induced by the neutrino-driven convection. 
he size of green loops of small plasma β as shown in Fig. 11 (a)
bviously matches the typical length-scale of hot large bubbles of the 
ntropy per baryon in Fig. 2 (c). The accumulation of the magnetic
eld lines on the interface of the large bubble due to the conv ectiv e
otion leads to the amplification of the magnetic field. Moreo v er, the

trongly magnetized fluid (red and orange in plasma β distribution) 
s observed at the down flow region between the hot bubbles. Since
he down flow converges, the magnetic field is highly amplified there.

To show these clearly, 2D spatial distribution of the plasma β on
he cutting plane along the z-axis of Fig. 11 (a) is depicted in Fig. 12 .
ote that the colour scale of this figure is slightly different from

hat in Fig. 11 (a). The horizontal axis, x 
′ 
, represents one axis, whose

irection is along φ = 1.94 on x –y plane and origin matches that of x .
ne can observe the amplification of the magnetic field in the form of

arge ( ∼100 km) bubbles at the north ( z > 0) and south ( z> 0) region
n Fig. 12 . Since the magnetic field does not make a large impact on
he shock expansion in the weak field model, the additional support
f the magnetic pressure and/or tension on large hot bubbles just
ehind the shock is the origin of the fast explosion in the strong field
odel. 

.3 Impact of spatial accuracy of simulations 

s explained in the previous section, the neutrino-driven explosion 
ccurs in our models. To enhance the neutrino-heating efficiency, the 
evelopment of the convection is an essentially important process. 
t is widely known that the development of the convection in
umerical simulations generally depends on the spatial accuracy 
f the calculation. The higher spatial accuracy, the more active 
he conv ectiv e motion especially in the small length-scale. In this
ection, we compare the impact of the spatial accuracy on the
xplosion between strongly magnetized 27 M � progenitor models 
s27.0B12PPM5 and s27.0B12PLM2). In our calculations, 5th-order 
patial accuracy is obtained in models using PPM5 method while 
nd-order accuracy in the model using PLM2. 
As is expected, the higher order accuracy in space is positive for

he explosion in our calculations. As shown in Fig. 3 (a), the shock
volution in model s27.0B12PPM5 (red line) is faster than that in
odel s27.0B12PLM2 (green line). Note that the initial magnetic 
eld strength is the same in both models. In addition, Fig. 5 shows

hat the diagnostic explosion energy of s27.0B12PPM5 (red solid 
ine) is large compared to that of s27.0B12PLM2 (green solid line). 

The difference of the development of the convection crucially 
ffects the explodability. The enhancement of the gain mass in models 
MNRAS 516, 1752–1767 (2022) 
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M

Figure 9. Time evolution of non-radial components of the kinetic and magnetic turbulent energy in the gain region for the fiducial progenitor model (s27.0). 

Figure 10. Time evolution of the ratio between the kinetic and magnetic 
turbulent energy in the gain region for model s27.0B12PPM5 (solid line) and 
s20.0B12PPM5 (dashed line). 
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sing PPM5 method (compare red and green lines in Fig. 8 ) clearly
resents an evidence that the difference of the spatial accuracy of the
imulations contributes to the development of the convection. The
ime evolution of the gain mass in model s27.0B12PLM2 (green line)
radually deviates from that in s27.0B12PPM5 (red line) after around
 pb = 200 ms. This tendency is closely linked to the shock evolution
see Fig. 3 b). The similar evolution is also observed in Fig. 6 . The
iming when the ratio of the advection time-scale to the heating time-
cale exceeds unity in s27.0B12PLM2 (green line) is slightly delayed
ompared to that in model s27.0B12PPM5 (red line). Therefore, the
atter behind the shock in model s27.0B12PPM5 gains the thermal

nergy more ef fecti vely than that in model s27.0B12PPL2. This is
he origin of the fast explosion in the model with the higher order
ccuracy in space. 

The spatial accuracy also impacts on the growth of the SASI in our
alculations. The oscillation of the shock evolution due to the growth
f the SASI is observed in all models after t pb = 250 ms as shown
n Fig. 3 (b). The amplitude of the oscillation induced by the SASI
n model s27.0B12PLM2 (green line) is larger than that of other

odels. This mechanism can be explained from the size of the shock
NRAS 516, 1752–1767 (2022) 
adius. The shock position in model s27.0B12PLM2 locates inward
ompared to that in other models at around the onset of the shock
e vi v al ( t pb = 250 ms). Therefore, the amplitude of the oscillation
ue to the SASI in model s27.0B12PLM2 becomes large. This is
ecause the SASI grows through the repetition of the advection of
orticity perturbations generated by the deformation of the shock
urface and the outward propagation of acoustic waves between the
hock and PNS (adv ectiv e-acoustic c ycle, F oglizzo et al. 2007 ). The
maller the shock radius, the shorter the advection and propagation
ime. This leads to the fast grow of the SASI. 

The shock surface in model s27.0B12PLM2 expands outwardly
ue to the SASI compared to that in model s27.0B12PPM5 in a while
fter the onset of the shock re vi v al (around t pb = 300 ms). Ho we ver,
n the late phase, the neutrino-driven convection in the gain region
ehind the shock wave contributes to shock expansion ef fecti vely.
hen, the shock expansion in model s27.0B12PPM5 becomes faster

han that in model s27.0B12PLM2 after t pb = 350 ms. 
No large difference is observed in the whole evolution of the

eutrino luminosity and mean energy focusing on the spatial accuracy
f the simulations. The temporal evolution of the neutrino luminosity
ith different accuracy in space almost o v erlaps as shown in Fig. 7 (a)

compare red and green lines). On the other hand, in the evolution
f the mean energy of neutrinos, all types of green lines in Fig. 7 (b),
hat is, νe , ν̄e , and νX in model s27.0B12PLM2, show small dips
fter t pb = 200 ms compared to red lines (s27.0B12PPM5) though
hey do not significantly impact on the dynamics of the explosion.
ince the gain mass in model s27.0B12PLM2 is relatively small, the
ass accretion rate to the PNS in model s27.0B12PLM2 becomes

arge compared to that in models using PPM5 method. Therefore,
he radius of the neutrino sphere of each type neutrino is expected
o become large. The temperature of the neutrinos, that is, the mean
nergy, compensates and decreases under the condition of the same
uminosity. This leads to the small dips in the temporal evolution of
he mean energy of neutrinos. 

.4 Signals of neutrinos and gravitational waves from 

on-rotating MHD core-collapse model 

fter detecting neutrinos from SN 1987A, the CCSNe are expected
o be neutrino emitter candidates. In addition, they are also possible
andidates for the detection of GWs. The key information of the
hysical processes deep inside the SN core would be imprinted
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Figure 11. 3D distribution of plasma β inside the shock at t pb = 390 ms for model s27.0B12PPM5 (panel a) and s27.0B10PPM5 (panel b). A whitish shell in 
each panel represents the position of the shock wave. 

Figure 12. 2D distribution of plasma β inside the shock on the cutting plane 
along the z-axis at t pb = 390 ms for the fiducial model (s27.0B12PPM5). 

Note that x 
′ 

means one axis, whose direction is along φ = 1.94 on x –y plane 
and origin matches that of x . 
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Figure 13. Event rate of ̄νe detected in SK for 27 M � progenitor models. A 

source distance is set as 10 kpc. The blue, red, and green lines are the case for 
models s27.0B10PPM5, s27.0B12PPM5, and s27.0B12PLM2, respectively. 
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nto the observational signature of neutrinos and GWs (see Kotake 
013 ; Mirizzi et al. 2016 ; Horiuchi & Kneller 2018 ; Abdikamalov,
agliaroli & Radice 2022 , for a re vie w). In this section, we compute

he observational signals of neutrinos and GWs from non-rotating 
HD core-collapse in the fiducial progenitor models (s27.0). In this 
ork, we consider the observational signals of only the × mode of
Ws because GW signatures of the + mode is similar to the × mode

n our models. 
Fig. 13 shows the temporal evolution of the event rate of ν̄e 

etected in Super-Kamiokande (SK) for 27 M � progenitor models. 
e calculate the expected detection rates of ν̄e following Takiwaki 
t al. ( 2021 ) (see equation 30 in their paper for the details). Note that
he neutrino detector Hyper-Kamiokande was assumed in Takiwaki 
t al. ( 2021 ), whereas we focus on a currently-working SK (the
ducial volume 32 kton) in this study. A source distance is set
s 10 kpc in this plot. The blue, red, and green lines correspond
o models s27.0B10PPM5, s27.0B12PPM5, and s27.0B12PLM2, 
espectiv ely. Ov erall evolution between models is not so different.
he small deviation of the evolution between models is closely linked

o the evolution of the neutrino luminosity and mean energy of the
eutrino as shown in Figs 7 (a) and (b). It is reasonable because
he event rate is estimated using the neutrino luminosity and mean
nergy. 

In not only the neutrino signals but also GW signals, there
s no large difference of the model dependence. In Fig. 14 , a
epresentative gravitational waveform of the × mode for the fiducial 
odel (s27.0B12PPM5) is plotted. An observer is assumed to be 
MNRAS 516, 1752–1767 (2022) 
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M

Figure 14. The gravitational waveform of the × mode for the fiducial model 
(s27.0B12PPM5). 

Figure 15. Spectrogram of the characteristic GW amplitude for model 
s27.0B12PPM5. The observer is located at a distance of 3 kpc along the 
z-axis of the source. 
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Figure 16. Characteristic GW spectral amplitudes of 27 M � models shown 
along the z-axis. The observer position is the same as that in Fig. 15 . The 
sensitivity curves of aLIGO, AdV, and KAGRA are also plotted (the data are 
extracted from the following URL, ht tps://gwdoc.icrr.u-t okyo.ac.jp/cgi-bin 
/DocDB/ShowDocument?docid = 9537 ). 
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ocated at a distance ( D ) of 3 kpc along the z-axis of the source. This
s because it has been reported that the waveform is less sensitive
o the viewing angle in the 3D non-rotating models (Andresen et al.
017 ; Takiwaki et al. 2021 ). Actually, the waveforms seen from the
ole and the equator are not so different in our models. 
The GW amplitude in model s27.0B12PPM5 is consistent with

hat in the same progenitor (s27) model in Andresen et al. ( 2017 )
see fig. 1 in their paper). We, here, stress that s27 model in Andresen
t al. ( 2017 ) is purely HD model while the model s27.0B12PPM5
n our work includes the magnetic field. The waveform in model
27.0B12PPM5 indicates well-known features during the core-
ollapse previously identified in Mezzacappa et al. ( 2020 ), Radice
t al. ( 2019 ), and Murphy, Ott & Burrows ( 2009 ). The oscillations
round t pb = 50 ms have their origin in the prompt convection before
he stall of the prompt shock. The higher frequency oscillations after
he explosion ( t pb > 300 ms) is observed. In addition, a monotonic
ise of the amplitude due to the global asymmetries of the explosion
s also observed after t pb > 500 ms. 

The spectrogram of the GW amplitude in model s27.0B12PPM5
s illustrated in Fig. 15 . Following Murphy et al. ( 2009 ), Takiwaki &
otake ( 2018 ), and Shibagaki et al. ( 2020 ), we estimate the char-
cteristic GW strain, h char . The lower frequency ( ∼100 Hz) feature
f the GW associated with the SASI is seen before the explosion
150 ms < t pb < 300 ms). This is consistent with small oscillations
f the trajectory of the shock radius (see red line in Fig. 3 b). Ho we ver,
he SASI signal is not vigorous in our model and disappears with
una way shock e xpansion after t pb = 300 ms as reported in Andresen
t al. ( 2017 , 2019 ) and Radice et al. ( 2019 ). The higher frequency
400 Hz < f < 1.2 kHz) feature associated with the PNS oscillations,
NRAS 516, 1752–1767 (2022) 
hat is, the ramp-up of the frequency due to the shrink of the PNS
Radice et al. 2019 ) is also observed. 

To discuss the detectability of the GWs in 27 M � progenitor
odels, the characteristic GW spectral amplitudes for s27.0 series are

lotted in Fig. 16 . Blue, red, and green lines have the same meanings
s those in Fig. 13 . The detector sensitivity curves of the advanced
IGO (aLIGO), advanced VIRGO (AdV), and KAGRA are also
rawn by light blue, orange, and brawn dashed lines, respectively.
s reported in Andresen et al. ( 2017 ) and Takiwaki et al. ( 2021 ),

t is difficult for second-generation instruments like aLIGO, AdV,
nd KAGRA to detect the GW in 3D non-rotating models from a
istance of ∼10 kpc. Ho we ver, as sho wn in Fig. 16 , the GW signals
f magnetized CCSNe from a distance of 3 kpc or less are detectable.

 MAGNETI C  FIELD  O F  PR  OTO - N E U T R  O N  

TAR  

n this section, we shed new light on the origin of the magnetic
eld of a PNS based on our numerical results. The magnetic field is
ccumulated and amplified in the conv ectiv ely stable re gion beneath
he non-rotating PNS surface in all our models. The details of this
henomenon are explained in what follows. 
Fig. 17 shows the 3D configuration of the magnetic field around

he PNS at the final phase of the calculation ( t pb = 600 ms) in the
ducial model (s27.0B12PPM5). The colour of magnetic field lines
eans the magnetic field strength on a logarithmic scale. A whitish

nd transparent sphere indicates the PNR radius defined by the iso-
ensity surface of 10 11 g cm 

−3 . The spatial length-scale is represented
y a white two-headed arrow that is parallel to the z-axis. A magnetar-
lass magnetic field ( B > 10 14 G) is observed around the PNS. Since
he magnetized core collapses after the start of the simulation and the
nitial magnetic field that is given by equation ( 1 ) is uniform ( B =
 0 ) inside the core ( r < 10 3 km), by simply considering the magnetic
ux conservation, the magnetic field strength around the PNS after

he collapse is estimated as follows: 

 PNS ∼ 10 15 G 

(
B 0 

10 12 G 

)(
30 km 

r PNS 

)2 

, (5) 
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Figure 17. Magnetic field lines of the PNS at t pb = 600 ms in the model 
s27.0B12PPM5. The colour of magnetic field lines indicates the magnetic 
field strength in logarithmic scale. A whitish and transparent sphere at the 
centre represents the iso-density surface of 10 11 g cm 

−3 that is defined as the 
PNS surface. 
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Figure 18. Time evolution of anisotropic velocity, v aniso , defined by equa- 
tion ( 6 ) for model s27.0B12PPM5. The trajectory of the angle average of the 
density of 10 11 g cm 

−3 is drawn by a white line. 
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here r PNS is the radius of the PNS. Therefore, the generation of a
agnetar-class magnetic field is reasonable in the fiducial model. The 

eutrino-driv en/PNS conv ection leads to the complicated structures 
f magnetic field lines. They are bent because of the convective 
otion of the fluid and the azimuthal component of the magnetic field

s generated although the initial magnetic field is purely poloidal. 
In order to measure the strength of conv ectiv e activity, we compute

n anisotropic v elocity. F ollowing Takiwaki et al. ( 2012 ), it is defined
s 

 aniso = 

√ 

〈 ρ[( v r − 〈 v r 〉 ) 2 + v 2 θ + v 2 φ] 〉 
〈 ρ〉 , (6) 

here 〈 v r 〉 and 〈 ρ〉 are the angle average of the radial component of
he velocity and the density , respectively . Here, we define the angle
verage of variable A as 

 A 〉 = 

∫ 
A sin θd θd φ

4 π
. (7) 

he greater deviation in the radial motions ( v r − 〈 v r 〉 ) and/or larger
on-radial ( v θ , v φ) motions induces higher anisotropy. The temporal
volution of conv ectiv e activities ( v aniso ) for model s27.0B12PPM5
s illustrated in Fig. 18 . The evolution of the angle average of the
ensity of 10 11 g cm 

−3 is drawn by a white line that indicates the
rajectory of the PNS radius. 

The PNS convection due to the negative gradient of the lepton 
raction develops between r = 15 and r = 30 km after about t pb =
00 ms. On the other hand, the site of the development of the
eutrino-driv en conv ection, whose origin is the ne gativ e gradient
f the entropy, is just behind the stalled shock (between r = 100
nd r = 150 km, see Fig. 3 b). The anisotropic velocity induced by
he neutrino-driven convection is O(10 9 ) cm s −1 and represented 
y red colour in Fig. 18 . Note that the value of v aniso in the red
egion is saturated. The white line, that is, the position of the PNS
adius, approximately matches the boundary of the red region that 
enetrates inwards as time passes. At the final phase of the fiducial
un (s27.0B12PPM5), the PNS radius shrinks to ∼27 km. The fluid 
elocity is highly anisotropic outside the PNS while the fluid beneath
he PNS surface ( r ∼ 22 km) is conv ectiv ely stable and v aniso is
mall as shown in Fig. 18 . The PNS convection is located inside this
onv ectiv ely stable region. 

To investigate the impact of the convection on the magnetic 
eld strength around the PNS, meridional distributions of mean 
omponents of the magnetic field in the azimuthal direction at t pb =
00 ms in the fiducial model are shown in Fig. 19 . The mean magnetic
omponent is given by the longitudinal average as follows: 

 s, mean ( r , θ ) = 

∫ 2 π
0 B s ( r , θ, φ)d φ

2 π
, (8) 

here s stands in the direction along the spherical coordinates ( r , θ ,
). Panel (a), (b), and (c) correspond to B r , mean , B θ , mean , and B φ, mean ,

espectively. A red (blue) tone in each panel expresses a positive
ne gativ e) value of the field strength. In the meridional distributions
f mean θ -(panel b) and φ-component (panel c) of the magnetic field,
 belt where the field strength is larger than that in the surrounding
egion is observed between r = 20 and r = 30 km. The position of
he belt o v erlaps with the conv ectiv ely stable region beneath the PNS
urface as shown in Fig. 18 . The turbulent magnetic diffusion in the
NS convection contributes to the accumulation of the magnetic field 

n the conv ectiv ely stable re gion. In addition, the magnetic field that
s advected by the inward flow would secondarily contribute to the
urface magnetic fields of the PNS. 

The accumulation and amplification of the magnetic field in the 
onv ectiv ely stable re gion beneath the PNS surface is obtained in
ll our models and is highlighted in Fig. 20 . The radial distributions
f the polar angle averaged field strength, | B mean | ave , which consists
f mean magnetic components, for both 27 (solid lines) and 20 M �
dashed lines) progenitor models at the final phase of the calculation
re plotted. They are time averages at the centre of t pb = 600 ms for
27.0 series and t pb = 500 ms for s20.0 series. The red and blue lines
epresent the strong ( B 0 = 10 12 G) and weak ( B 0 = 10 10 G) field
odels, respectively, in each progenitor model. We define | B mean | ave 

s follows: 

 B mean | ave = 

∫ π
0 

√ 

B 

2 
r, mean + B 

2 
θ, mean + B 

2 
φ, mean sin θd θ

2 
. (9) 

The conv ectiv ely stable re gion beneath the PNS surface is located
etween r = 20 and r = 30 km in all models. The magnetic field
MNRAS 516, 1752–1767 (2022) 
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M

Figure 19. Meridional distributions of (a) B r , mean , (b) B θ , mean , and (c) B φ, mean defined by equation ( 8 ) at t pb = 600 ms in the fiducial model (s27.0B12PPM5). 

Figure 20. Radial distributions of the polar angle averaged field strength, 
which consists of mean magnetic components, | B mean | ave , defined by equa- 
tion ( 9 ) at t pb = 600 ms for s27.0 series (solid lines) and t pb = 500 ms for 
s20.0 series (dashed lines). Red and blue lines correspond to the strong ( B 0 = 

10 12 G) and weak ( B 0 = 10 10 G) field models, respectively, in each progenitor 
model. 
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Figure 21. Spectra of poloidal components of the magnetic field at the 
conv ectiv ely stable and strongly magnetized shell ( r = 22 km) given by 
equations ( 10 ) and ( 11 ) in the final phase of the calculation ( t pb = 600 ms) 
for the model s27.0B12PPM5. 
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s amplified there and becomes larger than that of the surrounding
edium. In the strong field models, the magnetar-class magnetic
eld is organized in the conv ectiv ely stable shell in the vicinity of the
NS surface. Amazingly, even in the weak field models, the magnetic
eld strength in the conv ectiv ely stable shell reaches to O(10 14 ) G
ar beyond the anticipated value through the simple magnetic flux
onservation during the core-collapse (equation 5 ). 

Finally, we compute the spectrum of poloidal components of the
agnetic field at the conv ectiv ely stable and strongly magnetized

hell for the fiducial model (s27.0B12PPM5). Plotted in Fig. 21 are 

˜ 
 r ( l) = 

√ √ √ √ 

l ∑ 

m =−l 

∣∣∣∣
∫ 

�

Y 

∗
lm 

( θ, φ) B r ( r, θ, φ) d�

∣∣∣∣
2 

(10) 
NRAS 516, 1752–1767 (2022) 
nd 

˜ 
 θ ( l) = 

√ √ √ √ 

l ∑ 

m =−l 

∣∣∣∣
∫ 

�

Y 

∗
lm 

( θ, φ) B θ ( r, θ, φ) d�

∣∣∣∣
2 

, (11) 

here Y 

∗
lm 

is the complex conjugate of the spherical harmonics of
egree l and m , and � is a solid angle. The spectra of poloidal
omponents are e v aluated at a fixed radius ( r = 22 km) in the
onv ectiv ely stable region and at the final phase of the calculation
 t pb = 600 ms). The solid and dotted lines represent ˜ B r ( l) and ˜ B θ ( l),
espectively. From the complicated structure of the magnetic field
ines around the PNS as shown in Fig. 17 , one can apparently
nticipate the dominance of the higher order modes in the spectrum.
o we ver, in the spectra of both r - and θ -component, the large-scale
odes become dominant compared to the small-scale modes. In
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ll our models, the large-scale magnetic field is dominant in the 
trongly magnetized shell. Its property of the spectra is similar to 
hat in the PNS convection. The slope of the spectrum is ne gativ e
s shown in Fig. 21 . On the other hand, the slope of the spectrum
f the magnetic field in the neutrino-driven convection is rather flat 
r gentle. Therefore, the impact of the magnetic field amplification 
n the small-scale length in the neutrino-driv en conv ection on the
ormation of the strongly magnetized shell is expected to be small. 
ven though the plenty of matter still fills around the PNS at the
nal calculation time in our runs, the large scale strong magnetic 
eld in the conv ectiv ely stable shell beneath the non-rotating PNS
adius may be the origin of the magnetic field of the magnetar if the
onv ectiv ely stable region remains until the formation of a crust on
he PNS surface. 

 SUMMARY  

n this paper, we have studied the impact of the magnetic field on
he post-bounce SN dynamics of non-rotating stellar cores through 
D radiation MHD simulations with spectral neutrino transport. 
nitially, 20 or 27 M � pre-supernova progenitors are threaded 
y only the poloidal component of the magnetic field. We have 
onsidered strong ( B 0 = 10 12 G) or weak ( B 0 = 10 10 G) field
trength for the initial condition in each progenitor model. Focusing 
n the conv ectiv e activities induced by neutrino heating, we have
ompared the explodability between the strong and weak field 
odels. 
The highlight in this work is the fast and energetic explosion of

he strongly magnetized models though the diagnostic expansion 
nergy is O(10 50 ) erg. This tendency is observed in both 20 and
7 M � progenitor models. The efficiency for the conversion of 
he neutrino heating into the turbulent energy including magnetic 
elds in the gain region is not significantly different between the 
trong and weak field models. This results from the independence 
f the neutrino luminosity and mean energy from the magnetic 
eld strength of the core in this work. They basically depend on

he mass accretion rate. The amplification of the magnetic field 
ue to the neutrino-driv en conv ection has large difference between 
odels. The magnetic effect on the dynamics of the system in 

nitially weakly magnetized model is passive. On the other hand, 
he plasma beta on the surface of large hot bubbles just behind
he stalled shock is O(10) in the strongly magnetized model.The 

agnetic field is accumulated there because of the conv ectiv e 
otion induced by the neutrino heating. Therefore, the amplified 
agnetic pressure and/or tension can partially contribute to the shock 

xpansion. This is the origin of the fast explosion in the strong field
odel. 
We have also investigated how the difference of the spatial 

ccuracy of the simulation impacts on the explodability in the strong
eld model for 27 M � progenitor. In our calculations, 5th-order 
patial accuracy is obtained in models using PPM5 method while 
nd-order accuracy in the model using PLM2. The higher order 
ccuracy in space contributes to the enhancement of the development 
f the convection. This leads to the fast and energetic explosion. The
patial accuracy of the simulation does not have a large impact on
he neutrino luminosity and mean energy. 

In addition to the spatial accuracy of the simulation, the spatial 
esolution of calculations is an important factor for the property of the
xplosion. Actually, recent resolution studies for CCSNe without the 
agnetic field based on the neutrino heating mechanism point out that 

he higher angular resolution fa v ours the faster explosion reducing the 
umerical viscosity (Nagakura et al. 2019 ; Melson et al. 2020 ). The
igher radial resolution is also expected to contribute to the fast and
nergetic explosion because of the smaller dif fusi ve transport on the
nternal energy that keeps the ne gativ e entropy gradients (Sasaki &
akiwaki 2021 ). The resolution dependence of the MHD modelling 
f CCSNe based on the neutrino heating is within the scope of our
uture work. 

In our previous 2D modellings of MHD CCSNe (Matsumoto et al.
020 ), the slightly delayed onset of the shock re vi v al for the strongly
agnetized model is obtained using PLM2 method. This may seem 

o contradict with the fast explosion in the strong field model in
ur 3D modelings calculated by PPM5. Ho we ver, the impact of the
eference of the dimensionality on the onset of the shock re vi v al
s uncertain through only a limited realization of successful MHD 

 xplosion. A more e xtensiv e realization of the modelling of the
HD CCSN is necessary to draw a robust conclusion to unveil the

oles of magnetic fields on the explosion onset in the non-rotating
ores. 

A new possibility of the origin of the magnetic field of the PNS
s proposed based on our results of CCSN simulations for the non-
otating model. The magnetic field is accumulated and amplified 
o the magnetar level, that is, O(10 14 ) G, in the conv ectiv ely stable
hell in the vicinity of the PNS surface. Apparently, a much long-term
imulation is needed [as recently done in 2D HD case (Nagakura,
urrows & Vartanyan 2021 ) though in different context] to clarify
ow the global magnetic configuration obtained in this study focusing 
n the (early) pre-explosion phase would evolve with time to account
or the dipolar (or even the subdominant, non-dipolar) configurations 
f the observed neutron stars/pulsars (e.g. Enoto, Kisaka & Shibata 
019 for a re vie w). To tackle with this question, interesting physics
ngredients including the effect of fall-back (e.g. Ho 2011 ; Vigan ̀o &
ons 2012 ; Torres-Forn ́e et al. 2016 ; Shigeyama & Kashiyama 2018 ),
agneto-thermal evolution, not to mention the non-ideal MHD 

ffects (see Pons & Vigan ̀o 2019 for collective references therein)
hould be carefully treated in numerical computations. This study 
arks a small, albeit steady, step from the 3D CCSN simulation side

owards understanding the origin of the magnetic fields of pulsars 
nd magnetars. 
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