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ABSTRACT
We present the effective temperatures, surface gravities and abundances of iron, carbon
and barium of 848 giant branch stars, of which 557 also have well-defined nitrogen
abundances, of the globular cluster ω Centauri. This work used photometric sources
and lower resolution spectra for this abundance analysis. Spectral indices were used
to estimate the oxygen abundance of the stars, leading to a determination of whether
a particular star was oxygen-rich or oxygen-poor.

The 557-star subset was analyzed in the context of evolutionary groups, with four
broad groups identified. These groups suggest that there were at least four main four
periods of star formation in the cluster. The exact order of these star formation events
is not yet understood.

These results compare well with those found at higher resolution and show the
value of more extensive lower resolution spectral surveys. They also highlight the need
for large samples of stars when working with a complex object like ω Cen.

Key words: globular clusters: individual: ω Centauri (NGC 5139) – stars: AGB and
post-AGB – stars: abundances

1 INTRODUCTION

ω Cen is a large star cluster in the southern sky that strad-
dles the line between a globular cluster (GC) and a dwarf
galaxy. With a mass of 2.5×106M⊙ (van de Ven et al. 2006),
it is smaller than the average dwarf galaxy (small dwarf
galaxies ∼ 20× 106M⊙, Mateo 1998) but has a larger mass
than the typical simple stellar population globular cluster
(average mass of 1.9× 105M⊙, Mandushev et al. 1991). Its
luminosity also sets it apart from other globular clusters,
whose sizes are anticorrelated with brightness: small clus-
ters are the brightest intrinsically (see figure 6 of Federici
et al. (2007) for example). Instead ω Cen is one of three
clusters to break this trend, with the other two being M54
and NGC 2419. M54 has a metallicity range like ω Cen but
not as large (Carretta et al. 2010) and is found within the
core of the Sagittarius Dwarf Elliptical Galaxy. The situa-
tion with NGC 2419 is not fully understood, due to its large
distance (m − M is 6 magnitudes larger than ω Cen) and
its small apparent size (5 times smaller than ω Cen, Harris
1996). Cohen et al. (2010) found a spread of ∼ 0.2 dex in the
calcium triplet, which they interpreted as being a metallicity
range of the cluster. However Mucciarelli et al. (2012) dis-
pute this, suggesting that the spread is not real, instead the
result of not taking into account a spread in magnesium.

⋆ E-mail: jeffrey.simpson@pg.canterbury.ac.nz

Higher resolution work by Cohen & Kirby (2012) found a
calcium spread but no spread in iron.

The complex chemical makeup of ω Cen was first ob-
served photometrically as an intrinsic width to the giant
branch (GB) in the colour-magnitude diagram (Cannon &
Stobie 1973). Further studies with photometry and spec-
troscopy have shown the cluster to consist of multiple dis-
tinct GBs (Lee et al. 1999; Pancino et al. 2000), at least
three main sequences (MS) (Anderson 1997; Bedin et al.
2004) and a very wide turn-off and sub-giant region (Stan-
ford et al. 2010; Villanova et al. 2007, 2010). These different
sequences are the result of different metallicities (Freeman
& Rodgers 1975; Simpson et al. 2012, hereafter Paper I),
helium abundances (Norris 2004; Piotto et al. 2005; Dupree
et al. 2011) and maybe even CNO abundances (Marino et al.
2012, hereafter M+2012). The work presented here aims to
expand our knowledge of the cluster by increasing tenfold
the number of stars for which carbon and nitrogen abun-
dances have been inferred. These stars are placed into broad
evolutionary groups that suggest multiple star birth events
have taken place in the cluster’s youth.

The two extremes of the evolutionary models for ω Cen
are a merger event (e.g. Icke & Alcáıno 1988) or complete
in situ formation (e.g. Smith et al. 2000). A merger event
would require a process that radially well-mixed the stars,
since there is not evidence for radially offset inhomogeniety
in the stars. Johnson & Pilachowski (2010, hereafter J&P10)
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Table 1. Qualitative description and quantitative values of the
four groups, based upon table 6 of Paper I.

Group [Fe/H] [C/Fe] [N/Fe] [Ba/Fe]

1 Low Low Low Low
−1.8 −0.4 0.3 −0.4

2 Intermediate High Low Intermediate
−1.7 0.0 0.4 0.4

3 Intermediate Low High Intermediate
−1.7 −0.5 1.0 0.5

4 High Low High High
−1.3 −0.6 1.8 0.8

did find that there are no oxygen-poor stars at large radial
distances in the cluster, but this can be explained by an in
situ model via core settling of gas that formed these oxygen-
poor populations.

Due to the lack of offsets of the stars’ distributions,
the in situ model is preferred, but the exact details of this
are not yet well understood. Herwig et al. (2012) proposed
that Galactic plane passages could be involved, stripping gas
from the cluster to allow subsequent generations to form gas
that is expelled by stars after these plane passages. They
suggest this would explain the sodium-oxygen anticorrela-
tion. However, this feature is observed in every globular
cluster (Carretta et al. 2009), so plane passages could be
involved but maybe are not important to the chemical evo-
lution of the cluster.

Valcarce & Catelan (2011) propose that mass is the
main driver of the chemical evolution of the cluster. ω Cen is
much more massive that other clusters and this would have
allowed it to keep gas that would have been lost through
supernovæ and other stellar winds in smaller clusters. This
meant that it could form the mulitple generations of stars
that are observed in the cluster now. Valcarce & Catelan
(2011) created a toy model but does present an intriguing
idea that mass is the most important aspect of the cluster
formation. However it does not appear to explain the con-
tinuous metallicity distribution of the cluster nor neutron-
capture abundances.

One of the most important pieces in the puzzle of ω Cen
is the helium content of the stars. This first came to light
with the work of Anderson (1997); Bedin et al. (2004) who
first identified the split main sequence of the cluster. Norris
(2004) was the first to propose that this could be the result
of differing helium abundaces in the stars. This has been
confirmed, but only a small sample of stars have had their
helium abundance inferred, which limits the conclusions that
can be drawn from this. Dupree et al. (2011) found that of
their twelve stars, five had helium lines present in their spec-
tra. The average [Na/Fe]1 abundance for those stars with no
helium present was [Na/Fe] = 0.0± 0.3, while for stars with
helium present it was 0.4 ± 0.1. This would suggest that
our group #3 from Paper I (intermediate metallicity, Na-
rich stars; a description of these groups is found in Table
1) are helium-rich, while our groups #1 and #2 are stan-
dard helium. Further work is needed to increase the number

1 Following the standard notation, [X/Fe] denotes the logarith-
mic difference between X to Fe ratio in the star and the Sun.
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Figure 1. Colour-magnitude diagram using the photometry of

B+09. The black dots show the 557 stars with Teff 6 4900 K
which are discussed in Section 6 and the white-filled circles are

some of the remaining 848 stars. The grey dots are stars from
B+09. This plot does not show all the stars, as only 65 per cent
of the stars were matched to B+09.

of stars with helium inferred, so that they can be linked to
other stars through similar abundances and metallicities.

In this work, it is the carbon and nitrogen that we are
most interested in determining. In Paper I it was shown
that the O-rich stars of the O-Na anticorrelation have differ-
ent carbon abundances, splitting into a carbon-poor group
and a carbon-rich group. It was also found that the for-
mer group were iron-poor/Ba-poor, and the latter was iron-
intermediate/Ba-intermediate.

These stars also differ in their iron and barium abun-
dances. This implies a process that could increase the iron,
s-process and carbon abundance, while keeping the ranges
of abundances in nitrogen, oxygen and sodium the same. It
was also found that for the intermediate metallicity stars
of M+2012, although anticorrelated in carbon-nitrogen and
sodium-oxygen, were indistinguishable in their range of iron
and barium abundances. This requires several processes that
appear to have the wrong time periods: the process by which
s-process elements are created happens in lower-mass stars
than that which is thought to form the sodium-oxygen anti-
correlations. How to solve this time problem has not be sat-
isfactorialy explained. It could perhaps require an s-process
production site that is not low-mass asymptotic giant branch
(AGB) stars (D’Antona et al. 2011).

This paper presents stellar parameters and abundances
for 848 giant and horizontal branch stars (Figure 1). We are
confident of the nitrogen abundances for stars with tempera-
tures less than 4900 K, creating a subset of 557 stars. Section
2 gives a brief description of the data sources and determi-
nation of Teff and log g. Section 3 describes how the [O/Fe]
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was estimated, while Section 4 outlines the spectral match-
ing process briefly (see Paper I for more details). Section 5
gives the results and compares them to previous results from
Paper I and other researchers. Section 6 shows how the stars
were placed into evolutionary groups. Section 7 discusses the
abundances determined and how these fit with the different
evolutionary models of ω Cen.

2 PHOTOMETRIC AND SPECTROSCOPIC
DATA SOURCES

The spectroscopic library, photometry, model atmospheres
and linelists used are the same as in Paper I, where they are
described in more detail. Here a brief synopsis is provided.

The van Loon et al. (2007, hereafter vL+07) dataset
is a spectral library of 1518 post-main sequence stars in
ω Cen. Spectra were obtained with the 2dF instrument
at the Anglo-Australian Telescope, covering approximately
λ ∼3840–4940 Å at a resolving power of λ/∆λ ∼ 1600 and
with a signal-to-noise per pixel ranging from ∼ 50 in the blue
to > 100 in the redder part of the wavelength range. We use
the unique ID from van Leeuwen et al. (2000) (known as the
LEID) to refer to the stars.

The Teff , log g and [Fe/H] values were used to generate
the necessary model atmospheres via interpolation2 within
the α-enhanced grid of Castelli & Kurucz (2003). A value of
[α/Fe]= 0.3 was used (J&P10). For the CH and CN region
of the spectrum, line lists were from Norris (2012). These
line lists were found to match to the high resolution atlas of
Arcturus (Hinkle et al. 2000) using abundances determined
by Decin et al. (2004). They also matched the Arcturus spec-
trum convolved to the resolution of the vL+07 spectra. The
atomic log gf values in the line list for the barium region
investigated (400 to 500 nm) were adjusted so that the syn-
thetic spectrum matched the Arcturus spectrum, again at
both resolutions.

The V−K colour index was used to determine tempera-
tures and surface gravities for the stars. This colour was se-
lected as its colour-temperature relationship in Alonso et al.
(1999, 2001) does not have a strong [Fe/H] dependence like
B−V . For B−V , across the metallicity range of ω Cen there
could be up to a 260 K range in the Teff using the Alonso
et al. (1999) equations. While for V −K, the temperature
range is about 20 K..

Additional photometry from the Two Micron All Sky
Survey (2mass) (Skrutskie et al. 2006) was required for the
K photometry of the stars. Also, high-precision CCD pho-
tometry from Bellini et al. (2009, hereafter B+09) was used
for their U , B and V magnitudes where a positional match
between B+09 and vL+07 existed. This photometry was
used as it provided a very precise colour-magnitude dia-
gram. The 2mass photometry has uncertainties of about 0.2
percent for these stars, and the B+09 photometry has un-
certainties of about 0.1 percent. Based upon propogation of
uncertainty theory, this would equate to an uncertainty of
< 1 percent in the Teff for most of the stars.

Four of the stars were analyzed using their B − V
colours: LEIDs 33062, 35250, 44262, and 44420. Their V−K

2 From https://github.com/andycasey/atmosphy.

colours were all greater than 4.7 magnitudes, which was
larger than the constraints allowed for by Alonso et al.
(1999), when using an input metallicity of slightly metal-
richer than [Fe/H] = −1.5, which was used as a default
value for all stars. These four stars were analyzed separately
with their B−V photometry used in conjunction with a
[Fe/H] = −1.0, as they were found on the metal-rich red
giant branch (RGB).

The positional matching between vL+07, B+09 and
2MASS was unsupervised and simply returned the closest
positional match. There were some sensible magnitude cuts
to remove main sequence stars. However there was no re-
quirement that the match have similar photometry. This
could mean that some stars could be matched to an incor-
rect star. Inspection of spectra and their matches found very
few examples of stars which obviously had the wrong tem-
perature. The indicator of this was the strength of the Hδ
line at 4102 Å, which is temperature sensitive. Less than
ten hot stars were found to have a hydrogen line that was
much weaker than other stars of the same calculated tem-
perature. This indicated that the temperatures determined
were incorrect for these ten stars.

A catalogue of 1043 stars, with colours within the range
of the Alonso et al. (1999) constraints, was created from the
full library of 1518 stars of vL+07. The next stage was to
estimate the [O/Fe] abundance of each star.

3 [O/Fe] ESTIMATION FROM CN AND CH
INDICES

In Paper I, the stars were selected from vL+07 spectral li-
brary so as to also have [O/Fe] and [Ca/Fe] from J&P10.
However for this analysis of the complete vL+07 library,
these abundances were not known for all the stars. In the
case of [Ca/Fe], a simple average value can be used. From
J&P10 it was found that there was an overall mean [Ca/Fe]
of 0.3 ± 0.1, with a very small positive correlation with
metallicity. For stars with [Fe/H] < −1.8, 〈[Ca/Fe]〉 = 0.29;
−1.8 > [Fe/H] > −1.6, 〈[Ca/Fe]〉 = 0.25; −1.6 > [Fe/H] >
−1.4, 〈[Ca/Fe]〉 = 0.33; −1.4 > [Fe/H] > −1.2, 〈[Ca/Fe]〉 =
0.36; [Fe/H] > −1.2, 〈[Ca/Fe]〉 = 0.31. For all the stars,
[Ca/Fe] = 0.3 was therefore used. The effect of having the
incorrect [Ca/Fe] abundance for a star is that the spectral
matching pipeline will determine a metallicity that will re-
tain the equivalent width of the Ca I line, i.e., if [Ca/Fe]
was incorrect by +0.2 dex, then the ∆[Fe/H] found will be
−0.2 dex.

The [O/Fe] abundance required a more nuanced ap-
proach. In Figure 2 are the 291 stars that are in common be-
tween vL+07 and J&P10. There is a 1.5 dex range of [O/Fe]
(J&P10; Marino et al. 2011), and as found in Paper I, there is
a degeneracy between metallicity and oxygen abundance. At
a particular metallicity, there could be the maximum range
of [O/Fe], with the intermediate metallicity stars being both
the most oxygen-rich and the most oxygen-poor stars. Along
with this range of metallicity, oxygen is involved in molecu-
lar equilibria with the two elements of interest: carbon and
nitrogen. Unlike an atomic species where changing the abun-
dance will most often not affect the line strength of other
elements, changing the abundance of oxygen in the star re-
sults in changes in the strength of the CH and CN molec-
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ular features. For instance, using synthetic spectra, it was
found that for a 3750 K star with [Fe/H] = −1.7, changing
the oxygen abundance by 0.5 dex required an increase in the
carbon abundance of 0.4 dex to fit the CH molecular feature
at ∼ 4300 Å. The effect on the abundance results of hav-
ing the incorrect [O/Fe] for the star was investigated. It was
found that it would not affect the [Fe/H] determined, but
the [C/Fe] would change by an equal but opposite amount
to compensate. There was no effect on the [N/Fe] abundance
determined.

For all the stars in the vL+07 library, there was a mea-
surement of the S(3839) and CH(4300) indices3. The first
measured the CN band heads that extend blueward from
3883 Å and the second measured the CH band at 4300 Å
(the G band). (See Harbeck et al. (2003) for the definitions
used by vL+07.)

There exists a correlation between these two indices and
[O/Fe]. As shown in Figure 3a, the oxygen-rich stars are
found at lower S(3839) values than the oxygen-poor stars.
This comes about because the oxygen-rich stars tended to
be the nitrogen-poor stars and vice versa. Using information
the spectral indices of the O-rich and O-poor stars from
J&P10, a divider was selected that best separated the O-
rich stars from the O-poor stars. It was decided to make sure
that all the oxygen-rich stars were identified, at the loss of
identifying some oxygen-poor stars as oxygen-rich (Figure
3b). This was because we wanted to include the very high
S(3839) index value O-rich stars. There were 27 stars (of 99
in total: 27 per cent) which were O-poor ([O/Fe] < 0.17)
which were below the parabola of Figure 3a. They had a
median [O/Fe] of −0.03. There were 6 O-rich stars (of 222
in total: 3 per cent) that were above the parabola, with
a median [O/Fe] of +0.37. From now on in this paper, O-
rich/O-poor refers to the stars below and above the parabola
in Figure 3a.

For O-rich stars, [O/Fe] = +0.4 was used as the in-
put oxygen abundance for the spectral matching analysis.
For the oxygen-poor stars, two values were initially used:
[O/Fe] = −0.1 and −0.5. So the O-poor stars were analyzed
twice.

4 SPECTRAL MATCHING METHOD

The method for determing the abundance of the stars is the
same as that used in Paper I. It is briefly described here.

Each star had a Teff , log g, [O/Fe] estimated as de-
scribed in Sections 2 and 3. For the oxygen-rich and oxygen-
poor stars there is a known range of [C/Fe] and [N/Fe] from
Paper I. These were used to provide a random initial value
for [C/Fe] and [N/Fe], along with an [Fe/H] initial value
that was randomly chosen from the known range of ω Cen.
A model atmosphere was interpolated from a grid by atmo-

sphy
4 using these input values. This was then used to cre-

ate a synethic spectrum using moog
5 (Sneden 1973). The

raw spectrum was continuum normalized using three anchor

3 It should be noted that these values used vL+07 normalized
spectra.
4 https://github.com/andycasey/atmosphy
5 http://www.as.utexas.edu/∼chris/moog.html
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Figure 2. The [O/Fe] and [Na/Fe] determined by J&P10 for the
291 stars in common between it and vL+07. The vertical line is
at [O/Fe] = 0.17, which was used as the divider between oxygen-
poor (�) and oxygen-rich (•) stars. The uncertainty is taken from
J&P10.
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Figure 3. (a) Positions of stars with [O/Fe] > 0.17 (•) and
[O/Fe] < 0.17 (�) (from Figure 2) on the plane of CH and CN in-
dices as found by vL+07. The line is a parabola that was selected

to have as many of the O-rich stars below the line as possible. The
small dots are the full vL+07 library. The concentration of stars

with low values of both indices are the horizontal stars, which are
separated by a vertical line. (b) Histogram of the [O/Fe] abun-

dance of stars above (solid line) and below (dashed) the line of
(a).
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points: 4088 Å, 4220 Å and 4318 Å (as also used in Wor-
ley & Cottrell 2012). These three points were joined by two
straight lines and the intensities were mapped from the raw
spectrum onto a synthetic spectrum.

The first stage of the spectral matching process was to
minimize the equivalent width difference between the syn-
thetic and observed spectra of the CaI line at 4226 Å. This
was done by changing the [Fe/H] in the model until the dif-
ference could not be minimized further. The χ2 of the CH
band head (4295–4325Å) was minimized by changing the
[C/Fe] of the model. Finally the CN band head in the re-
gion 4195–4215 Å was minimized. This new triplet of [Fe/H],
[C/Fe] and [N/Fe] was then cycled back through to minimize
the CaI feature, then the CH and then the CN. The abun-
dances were accepted once the method converged onto the
same triplet of values on two consecutive cycles.

To determine the [Ba/Fe] abundance, the BaII line at
4554 Å was used, minimizing the difference between the ob-
served and synethic spectrum using the [Fe/H] determined
for the other region of the spectrum. There was no inclusion
of hyperfine splitting as it was found that at the resolution of
the vL+07 spectra there was little difference in the synthetic
spectra that included and excluded hfs.

There were 1043 stars for which a Teff , log g, [Fe/H],
[C/Fe], [N/Fe], [Ba/Fe] were determined. For each star, three
runs with three random starting positions were undertaken
at the star’s [O/Fe] abundances. This gave three values for
[Fe/H], [C/Fe] and [N/Fe] for each [O/Fe] abundance for
each star. A star had its abundance accepted if at least two of
these runs resulted in the same value for all three elements.
This allowed for stars where one starting position would not
return a reasonable fit due to the parameter space search
being trapped in local minima that were not the desired
global minimum. The values reported in Tables 2 and 3 are
the mode of value returned from the three runs. Of the 1043
stars, 912 (87 per cent) stars were accepted by this criteria.
About 90 per cent of these 912 stars that were kept had
returned the same abundances on all three runs.

Breaking this down into O-rich and O-poor stars, 678
of 925 (73 per cent) O-rich stars were kept and 234 of 271
(86 per cent) O-poor stars were kept. This result was ex-
pected as the O-rich stars include both N-poor stars and
hotter stars. Both these groups are less likely to converge.
The iteration method has a limit to how small the change in
the strength of the spectral features can be before it discon-
tinues the search in that particular parameter. For instance,
it will not continue to change the abundance of nitrogen in
the model if the χ2 changes by less than 0.00001.

The uncertainties reported in this paper were the same
as those reported in Paper I. This used the stars for
which there were two spectra observed by vL+07 and found
what was the average spread found: [Fe/H] was ±0.2 dex,
[C/Fe] was ±0.2 dex, [N/Fe] was ±0.3 dex and [Ba/Fe] was
±0.6 dex.

To recap, the 1518 stars of the full vL+07 library were
reduced to 1043 stars through the constraints of Alonso et al.
(1999), which were further reduced to 912 stars by the re-
quirement for the spectral matching method to return the
same abundances from at least two of three random starting
positions in its search.

5 CLUSTER MEMBERSHIP & QUALITY
ASSURANCE

Cluster membership was determined using the radial veloc-
ity (vL+07) and membership probability (B+09). A star
was classified as a cluster member if its radial velocity was
185 < Vrad < 275 km/s (3σ); this excluded 12 stars of the
912. The membership probabilty of B+09 was only available
for those stars that had positional matches to their photo-
metric library. We selected 90 per cent as our cutoff for this
based upon B+09’s figure 12 which showed that the bulk of
stars in the magnitude range had membership probabilities
above 90 per cent. These two criteria cut that number of
stars to 848.

For the oxygen-poor stars, there were two values of
[Fe/H], [C/Fe] and [N/Fe] due to the use of two [O/Fe]
abundances. It did not make sense to simply take the av-
erage. The reason for using two values was that it was un-
known how oxygen poor the star was using its CH(4300) and
S(3839) indices. Taking the average of the [Fe/H], [C/Fe]
and [N/Fe] abundances would not return the correct value
for those stars that were at the extremes of the oxygen
abundance. Inspection of the histograms in Figure 4 showed
that there was not a large difference between the [C/Fe],
[N/Fe], [Fe/H] determined with [O/Fe] = −0.1 and −0.5.
For [Fe/H], 83 per cent of the stars returned the same
metallicity value and 98 per cent were within ±0.1 dex. For
[C/Fe], 78 per cent were within ±0.1 dex and for [N/Fe] it
was 87 per cent. For this reason it was decided to use only
one oxygen abundance ([O/Fe] = −0.5) for the oxygen-poor
stars in the subsequent analysis presented in this work. As
stated previously, for the oxygen-rich stars, [O/Fe] = +0.4.

Of the 77 stars in M+2012, nine6 were in common with
the 848 stars presented in this research (Figure 5 and Table
2). These nine stars provide a direct comparison for Fe, C
and N, with the caveat that the abundances were determined
with different [O/Fe] in each study. Assuming a straight line
with a gradient of unity, the best fitting intercept for [Fe/H]
is +0.09, [C/Fe] is +0.47 and [N/Fe] is −0.51. All subsequent
values of [Fe/H], [C/Fe] and [N/Fe] have had these offsets
applied (with the values rounded to one decimal place).

In Figures 6 and 7, the [Fe/H] of this work and J&P10
are shown and compared. There is some degeneracy in our
values, but this is expected due to the lower resolution.
We also find that the metallicity distribution is similar but
broadened due to the lower resolution. The strength of the
peak at [Fe/H] = −1.75 is not as great in our data, with a
fraction of stars found at lower and higher metallicities that
should be found in this main metallicity component of the
cluster.

Inspection of the full set of spectral fits showed that
there was a temperature limit, above which there was little
sensitivity to changes in the iron, carbon and nitrogen abun-
dances in the model atmopshere. A value of Teff 6 4900K
was selected as the temperature limit. A further limit was
imposed that CH(4300) must be greater than 0.1 to exclude
any horizontal branch stars (see Figure 3a). This created a
subset of 557 stars (of the 848 cluster members, the subset of

6 LEID36179 (ID 244812; Marino et al. 2011) also matched but
was excluded due to the extreme mismatch in its [N/Fe], as also
found in Paper I.
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Figure 4. Difference in (a) [C/Fe], (b) [N/Fe] and (c) [Fe/H] found using [O/Fe] = −0.1 and −0.5. These show that the different [O/Fe]
input abundances do not significantly affect the output values of [C/Fe], [N/Fe] and [Fe/H]: 78 per cent, 87 per cent and 98 per cent,
respectively, are within 0.1 dex. This justifies the adoption of a single oxygen abundance of [O/Fe] = −0.5 in the rest of this paper for
the O-poor stars.
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Figure 5. The nine stars in common between this work and M+2012 were used to determine systematic offsets. (a) [C/Fe] values were
adjusted by +0.41 dex, (b) [N/Fe] by −0.51 and (c) [Fe/H] by +0.09. In (a) and (b), the abundances found for the O-poor stars using

[O/Fe] = −0.1 (red circles) and −0.5 (blue stars) are shown. Those at the same [X/Fe] from M+2012 are the same star. For [Fe/H], both
oxygen-poor abundances returned the same [Fe/H] for these particlar stars.

Table 2. Stellar parameters determined for the nine stars in common between M+2012 and this work
(≡ SC13). The LEID is the star label given by vL+07 and the ID is the numbering scheme from M+2012.
The [Fe/H], [C/Fe], [N/Fe] from M+2012 are shown for comparison.

LEID ID [Fe/H] [C/Fe] [N/Fe] [O/Fe]

vL+07 M+2012 M+2012 SC13 M+2012 SC13 M+2012 SC13 M+2012 SC13

33139 250606 −1.00 −1.3 0.55 −0.1 0.60 0.9 0.86 +0.4
35090 246585 −1.64 −1.5 −0.65 −1.1 1.55 1.8 −0.25 −0.5
36156 245724 −1.97 −2.1 −0.44 −0.8 0.20 0.5 0.30 +0.4
37253 242745 −1.91 −2.0 −0.35 −0.7 0.10 0.8 0.37 +0.4

38115 241359 −1.69 −1.8 0.17 0.0 0.26 0.8 0.40 +0.4
46150 224500 −1.51 −1.7 0.40 0.1 0.20 1.0 0.49 +0.4

46194 225246 −1.87 −1.9 −0.61 −1.3 0.70 1.2 0.19 −0.5
48235 220325 −1.61 −1.6 −0.45 −1.1 1.20 1.7 0.00 −0.5
51091 215367 −1.93 −2.2 −0.98 −0.9 0.90 1.4 0.15 +0.4
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Table 3. Stellar parameters determined for the 912 stars. For each star an identifier from vL+07 (LEID) and 2MASS is
given. For stars that also matched to B+09, their identifier is provided. In the full version of the table, the non-cluster
members described in Section 6 are appended.

LEID 2MASS B+09 Teff(K) log g [Fe/H] [C/Fe] [N/Fe] [Ba/Fe] [O/Fe] Group

42044 13260536-4728206 200024 3650 0.3 −1.5 0.2 2.5 0.7 0.4 4
35094 13262881-4725235 259071 3700 0.7 −1.2 −0.4 2.6 1.3 0.4 4
48150 13263981-4731069 3750 0.3 −1.9 0.9 1.2 1.5 0.4 2
25065 13270118-4720409 3850 0.6 −1.3 −0.9 2.4 0.3 −0.5 4
48120 13263304-4731003 3850 0.3 −1.7 0.4 1.2 0.2 0.4 2
47399 13271864-4730509 149466 3900 0.5 −1.6 0.1 0.8 0.1 0.4 2

(This table is available in its entirety in a machine-readable form in the online journal. A portion is shown here for
guidance regarding its form and content.)

the 1015 stars which had abundannces determined and also
had their three spectral matching runs converge), which are
the stars that will be plotted on subsequent figures. These
are the stars which had abundances determined from the
input catalogue of 1015 stars with photometry and within
the colour range of Alonso et al. (1999). Table 3 presents
the abundance results for the 848 stars.

6 CLUSTERING ANALYSIS

From Paper I it was known that there were at least four
distinct groups of stars based upon their abundances. Each
group had distinguishing abundance characteristics (Table
1) that could be used to place other stars into groups with-
out rerunning the k-means clustering analysis that was used
in Paper I. For instance, the stars of group #4 were all
much more nitrogen rich than any other stars of the clus-
ter. Group #3 could be distinguished from groups #1 and
#2 by its larger nitrogen abundance. In the carbon-nitrogen
plane, groups #1 and #2 could not be distinguished easily
but are separate in the [Ba/H]-[Fe/H] plane (Figure 8).

It was decided that instead of using the k-means analy-
sis on this new sample of stars, that criteria would be devel-
oped to place stars into groups. This had the advantage of
using abundances that would be well-defined for some stars,
but not well-defined for others. For example the low-N stars,
for which [N/Fe] was not very precise, were distinguished us-
ing barium abundances.

Group #4 stars were those for which [N/H] > 0.1,
group #3 stars were those remaining stars where [N/H] >
[C/H] + 1.2, group #2 were those remaining stars where
[Ba/H] > 0.7 × [Fe/H] − 0.4, and group #1 were the rest.
These divisions can be seen in Figure 8.

Using these criteria on the results from Paper I resulted
in essentially the same group classifications. Of the new
group #1 stars, four were old group #2 and the rest were
group #1. In the new group #2, all but five were originally
group #2 and the rest were group #1. The new group #3
had 2 group #4 stars, 10 group #1 and 6 group #2. This
still meant that 87 per cent of stars of the new group #3
were group #3 in Paper I. In the new group #4, 2 were old
group #3 stars.

The mean abundances and standard deviations of the
grouping of the 557 stars are shown in Table 4, along with
the symbols and colours used for these groups on subsequent
figures.

Table 4. The cluster centres found using the grouping criteria

described in Section 6 for the 557 stars. For each parameter, the
average and standard deviation are given, along with the number
of stars in each group. The symbol is the identifier used for that
group in the figures.

# Symbol No. [Fe/H] [C/Fe] [N/Fe] [Ba/Fe]

1 ∗ 79 −1.7 −0.2 0.1 −0.4
±0.3 ±0.2 ±0.5 ±0.4

2 ◦ 254 −1.7 0.1 0.3 0.7
±0.4 ±0.4 ±0.5 ±0.4

3 △ 165 −1.7 −0.5 1.1 0.4

±0.3 ±0.2 ±0.3 ±0.6
4 × 59 −1.1 −0.5 1.8 0.7

±0.4 ±0.4 ±0.5 ±0.6

7 DISCUSSION

We have compiled an extensive set of atmospheres, parame-
ters and abundances for 557 giant branch stars in ω Cen. We
discuss these in the context of the methods used but more
importantly in terms of cluster evolutionary models.

The spectral resolution required the abundances in-
ferred to be limited to 0.1 dex step sizes. This means that
there are datum points that actually have several stars at
the same value. For example, at [C/Fe] = 0.0, [N/Fe] = 0.4,
there are 10 stars. In order to illustrate the density of stars
at a given value, we show histograms in Figure 9. In the case
of [Fe/H] (Figure 9a), they show that group #4 is definitely
metal richer than the other groups, with hints that #1 is
slightly metal poorer than the other two groups. Conversely
Figure 9d shows that group #1 is barium poorer than the
other three groups.

The key driver behind this research is the determination
of carbon and nitrogen abundances for stars in the globular
cluster ω Cen (Figures 9b, 9c and 10). In Paper I it was
shown that using C and N, groupings that were not previ-
ously seen, could be created. There are four broad groupings
of stars: two low-carbon groups, one with higher nitrogen
than the other; and two carbon-deficient but nitrogen-rich
groups. It is not possible to seperate the stars of J&P10
into groups such as ours as there is no other abundance
planes that provided all the information required to create
the groupings that are found in carbon and nitrogen for the
carbon-deficient groups, #1 and #2. The problem is that
they have the same ranges og oxygen and sodium abun-
dances. Compared to Paper I, we find that group #3 extends
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Figure 6. Comparison of the [Fe/H] values found for the same
stars by this work and those of J&P10. The solid circles are the
O-rich stars and the squares are the O-poor stars. The dashed
line is the one-to-one line.
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Figure 7. (a) Metallicity histogram from J&P10, with a solid

red line showing the best fitting result of adding together four
gaussians with µ of [Fe/H] = −1.75, −1.50, −1.15, −0.75 (dashed

blue curves). (b) [Fe/H] histogram of this study with the solid line
from the top panel for guidance.
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from Paper I, with the stars grouped as found in that paper using
k-means clustering analysis. These planes were used to define the
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divisions between each group. In (a), above the horizontal line is
group #4, between that line and the diagonal line is group #3. All
the stars below this are groups #1 and #2 and they are divided
in (b) by the diagonal line (above is group #2 and below is group
#1.
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Figure 9. For each of the inferred abundances, (a) [Fe/H], (b)
[C/Fe], (c) [N/Fe] and (d) [Ba/Fe], histograms illustrate the con-
centration of stars at particular abundances.
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Figure 10. [N/Fe] and [C/Fe] abundances for the four groups de-

scribed in Section 6 and Table 4. The accompanying histograms
are Figures 9c ([N/Fe]) and 9b ([C/Fe]). It shows that there are
four distinct regions when investigating carbon and nitrogen: a
carbon-poor and nitrogen-poor group (#1) which is also iron-
poor; a carbon-rich but nitrogen-poor group (#2); a carbon-poor
but nitrogen-rich group (#3); and a very nitrogen-rich group

(#4).
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Figure 11. [Ba/Fe] versus [Fe/H] for the four groups described

in Section 6 and Table 4. The accompanying histograms are Fig-
ures 9d ([Ba/Fe]) and 9a ([Fe/H]). There are three regions in this
abundance plane: a Fe-poor and Ba-poor region (group #1); a
Fe-poor to Fe-intermediate and Ba-rich region (groups #2 and
#3); and a Fe-rich and Ba-rich region (group #4).
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Figure 12. There were 260 stars in common between this work

and J&P10 and these stars are shown with their [O/Fe] and
[Na/Fe] abundances from J&P10. It was found that like Paper I,
the O-rich stars consist of two populations with differing carbon
and barium abundances. The Na-rich stars form a distinct pop-
ulation of stars in the N-C (Figure 10) and Ba-Fe (Figure 11)
planes.

to much carbon-poorer abundances, hinting at processing of
carbon in group #1 or #2 (depending on the evolutionary
model adopted) into nitrogen or sodium. By definition, #4
is nitrogen rich, and has a large range of carbon abundances.
Group #4 is simply defined by its [N/H] abundance, but this
selects the metal- and sodium-rich stars, which form a very
separate giant branch on the colour-magnitude diagram.

The [Ba/Fe] results (Figures 9a, 9d and 11) are con-
sistent with previously found results that the barium abun-
dance of stars rises rapidly at low metallicities and then
flattens out at higher metallicities to a constant value. The
same features have been observed by J&P10 and Marino
et al. (2011). Stanford et al. (2010) found an increase with
metallicity but their most metal-rich stars where at interme-
diate barium abundances. Villanova et al. (2010) identified
a bifurcation that is not present in any other work. Their
figure 4 shows a similar distribution of stars to our Figure
11. In figure 2a of Marino et al. (2011), the distribution of
barium with iron is the clearest. From the lowest metallici-
ties to [Fe/H] ∼ −1.5 there is a step increase in [Ba/Fe] from
less than −0.5 dex to +0.5 dex. The barium abundance is
then essentially constant at higher metallicities.

The lack of [O/Fe] was the driver behind the use of the
CH(4300) and S(3839) indices as the estimator of oxygen
abundance of the stars. We still do have [O/Fe] for 261 of our
557 stars7. The resulting groupings in the O-Na plane (Fig-
ure 12) mimic those found in Paper I with the oxygen-rich
stars consisting of two well-mixed groups in terms of their
[O/Fe] and [Na/Fe]. The Na-rich stars of group #4 form

7 This is more than the 221 stars reported in Paper I because in
that work we concentrated on those stars that also had B+09’s
photometry.

an sodium-oxygen correlation (Johnson & Pilachowski 2010;
Marino et al. 2011) that is not observed in other clusters.
The sodium-oxygen anticorrelation is observed in Galactic
globular clusters (Carretta et al. 2009), but the metallicity
distribution of ω Cen seems to require a modified version of
this process due to the different yields that come from AGB
stars of different metallicities. How the helium affects these
yields also needs to be understood.

The fact that the metal-poor group #1 stars have a
lower barium abundance than the other groups implies that
there is an age difference between the metal-poor group and
the other groups. This is because the site of s-process pro-
duction is thought to be in 3–8 M⊙ AGB stars which have
a minimum lifetime of about 108 years. J&P10 found that
there is no trend of europium with metallicity which rules
out any r-process component in the production of the bar-
ium.

The CMD (Figure 13) confirms that the nitrogen-rich
group #4 is the metal-rich RGB-a (Pancino et al. 2000 and
figure 8 of Marino et al. 2011). The three other groups are
mixed on the giant branch. The relative positions of the
groups on the CMD suggested that group #1 was slightly
bluer than the other groups. In order to investigate this fur-
ther, a four degree polynomial was fitted along the edge of
the giant branch. For each star, the normal distance from
this line was found and this is plotted in the Figure 14a. This
normal distance was used instead of the B−V difference as
it did not exaggerate the effects at the bright end of the GB
where it flattens out to a roughly constant V . In Figure 14b
we present a histogram of this distance from the blue edge
of the GB. It shows that group #4 stars are definitely found
at larger positive distances than the other groups. Group
#1 has an average distance of 0.00±0.06 magnitudes, #2 is
0.06±0.09, #3 is 0.00±0.17 and #4 is 0.25±0.15. So there
is a suggestion that group #1 is bluer than the other groups
but they are still within the uncertainty range of each other.

In Herwig et al. (2012), they identified galactic plane
passages as a mechanism for stripping the cluster of gas.
Their evolutionary sequence would have our group #1 as the
primordial population, followed by group #3 stars forming
and then group #4 stars. The last population formed would
be group #2 from the gas of stellar winds of the group #1
stars and after all residual gas had been stripped by a galac-
tic plane passage. This theory has the problem that it would
seem to require all globulars to be undergoing galactic plane
passages in order to account for the sodium-oxygen anticor-
relations.

The same order of group formation would result from
the formation model of Valcarce & Catelan (2011). Group
#1 would form and pollute the environment with sodium-
rich, oxygen-poor material from the winds of massive stars.
The core-collapse supernovae of group #1 would compress
this gas, starting the formation of the second generation,
composed of our group #3 stars. Gas would once again ac-
cumulate at the core from the ejecta of SN of group #1,
and winds of lower-mass group #1 and massive group #3
stars. A third period of star formation would take place to
create the group #4 stars. Finally more gas would accumu-
late from the winds of all generations of stars and form the
oxygen-rich, sodium-poor group #2. One aspect they do not
take into account is how the neutron-capture element profile
is created. Why would the final generation of stars formed
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Figure 13. (a) The four groups shown on a CMD using the pho-
tometry of vL+07. The straight line is a four-degree polynomial
that is used to define a locus of the GB. (b) The four groups shown
on a CMD using the photometry of B+09. There are fewer stars
than in (a) because not all of the stars in vL+07 were positionally
matched to B+09.
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Figure 14. (a) The GB locus of Figure 13a was used to find
the perpendicular distance of each star and then a ‘straightened
CMD’ was produced. (b) Histogram of the distances of stars from
the GB locus. Group #4 is found to be redder than the other

groups, while group #1 is on average slightly bluer than the other
groups.

from the winds of all the previous generation of stars have
the same s-process element range as the second generation
of stars? It would also require the processing of nitrogen to
carbon, since the group #2 stars are much more carbon-rich
than any of the other groups and also at the same carbon
abundance as the group #1 stars which form the first gen-
eration.

The self-enrichment models are the generally accepted
method for creating the sodium-oxygen anticorrelations in
GCs. This uses a combination of AGB star winds and su-
pernovae to pollute the intra-cluster medium and also to
expel extra gas. In D’Antona et al. (2011) their model has
the group #4 forming last in the cluster, with the group #3
forming before group #2.

8 CONCLUSIONS

Using the vL+07 spectral library, stellar parameters and
elemental abundances ([Fe/H], [O/Fe], [C/Fe], [N/Fe] and
[Ba/Fe]) were determined for 848 members of the globular
cluster ω Cen. In addition over 100 non-cluster members
were also analyzed. This is one of the largest abundance
analysis of this globular cluster in the literature, comple-
menting the work of J&P10. With limits imposed due to
the spectral resolution of the spectra, we are confident of
the nitrogen abundances for 557 stars with Teff 6 4900 K.

This work confirmed what was found in Paper I re-
garding the relative abundances of four different groups of
stars. We identified a metal-poor group of stars (our group
#1) that is oxygen rich, while poor in sodium, nitrogen and
carbon. This group exists on the bluest edge of the giant
branch of the colour-magnitude diagram, which matches to
its metallicity. We believe this to be the oldest extant pop-
ulation in the cluster.

Groups #2 and #3 form the bulk of the stars in our
sample and probably the cluster. In Paper I we showed that
these stars have similar ranges of barium and iron, poten-
tially making them coeval or one forming from the ejecta
of the other group. This requires processes that change the
abundance of oxygen, sodium, carbon and nitrogen, while
not affecting the metallicity or s-process abundance of the
stars. These two groups form the extended Na-O anticorre-
lation that is typical of a globular cluster. Of course these
groups show a metallicity range that is not present in a
simple-stellar population globular cluster.

Group #4 are the extreme stars of our sample. They
have the highest Fe, N, Na, Ba of all the stars. They are po-
tentially the last population of stars to form in the cluster,
due to their high iron content. Even if not the last popu-
lation of stars to form, they are certainly one of the later
groups. Their Na-O correlation (Johnson & Pilachowski
2010; Marino et al. 2011) is not observed in other globu-
lar clusters. This could require the mass of ω Cen to retain
the gas that would normally be lost in other clusters but
here was kept and could form this generation of stars.

Due to the biased nature of our sample of stars, we
have avoided drawing conclusions about the radial aspects
of these groups. We find evidence that the nitrogen-rich stars
are not found at large radial distances in the cluster, being
more centrally concentrated. This matches to the work of
J&P10 who found that O-poor stars are similarly centrally
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concentrated. This would make them our groups #3 and #4
stars, which have both low oxygen and high nitrogen. Which
is the driver here? Are they nitrogen rich because they are
oxygen poor, or vice versa?
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